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Abstract

Esmaeili Taklimi, AmirFarzan; Esmaili Taklimi, Arman (Advisor). Ex-
ploring some new aspects of the interactions of cosmic messen-
gers in astroparticle physics. Rio de Janeiro, 2025. 209p. Tese de
Doutorado — Departamento de Fisica, Pontificia Universidade Catdlica
do Rio de Janeiro.

Cosmic rays, gamma rays and neutrinos trace extreme astrophysical
phenomena across orders of magnitude in energy and distance, yet their
interpretation relies on a set of microphysical processes that govern the
interactions of these messenger particles both within the astrophysical sources
and en route to the Earth. In this thesis we study some of these microphysics
processes, spanning in energies from GeV to ZeV and distances from Galactic
scales to the high-redshift Universe, with a focus on specific aspects that give
rise to observable macrophysical effects and signatures relevant to current and
future multi-messenger observations and simulations.

At the ultra-high-energy regime, for both cosmological propagation and
source environments, two key topics are addressed. First, an often-overlooked
process—pair production with capture—is investigated in the context of
ultra-high-energy cosmic rays using a semi-analytical estimation method. The
results indicate that, although this process does not significantly alter the
ionization state of ultra-high-energy nuclei during their propagation over
cosmological distances, heavy and ultra-heavy nuclei may not be fully stripped
at acceleration sites. This challenges the commonly adopted assumption that
ultra-high-energy nuclei are fully ionized both at their sources and during
propagation through astrophysical environments.

Second, we examine a crucial multi-messenger phenomenon: the devel-
opment of electromagnetic cascades at these energies. We show that cascades
in this regime can serve as a source of high- and ultra-high-energy neutri-
nos, both inside and outside of astrophysical sources. To support this study,
we introduce MUNHECA, a Python3 framework for simulating ultra-high-energy
electromagnetic cascades and computing the resulting neutrino spectra.

At lower energies, and on Galactic scales, the energy loss processes of cos-
mic ray protons are carefully re-examined. This study is particularly relevant

in the light of recent observational advances (e.g. AMS-02), as experimental



uncertainties in this regime have now surpassed the precision of our theo-
retical models. Using an analytical approach, our study reveals that certain
proton energy loss mechanisms, previously considered negligible, such as elas-
tic proton-proton scattering, can no longer be ignored in accurate cosmic ray
propagation modeling.

In the final part of this thesis, we turn to a distinct and yet related
study that also benefits from the multi-messenger approach: the observational
prospects of primordial black holes through gamma ray and neutrino tele-
scopes. We discuss the unique advantages of neutrino telescopes in detail.
Through a numerical and accurate reassessment of the gamma ray and neu-
trino spectra from evaporating primordial black holes, we quantify the corre-
lated energy and time profiles of both messengers. These correlations are then
utilized to enhance the identification of primordial black holes in case of future

detection.

Keywords
Astropaticles; Multi-messenger Approach; Ultra-high-energy Cosmic

Rays; Neutrino; gamma rays; cosmic ray.



Resumo

Esmaeili Taklimi, AmirFarzan; Esmaili Taklimi, Arman. Exploragao de
novos aspectos das interagoes de mensageiros césmicos na fisica
de astroparticulas. Rio de Janeiro, 2025. 209p. Tese de Doutorado
— Departamento de Fisica, Pontificia Universidade Catélica do Rio de
Janeiro.

Raios cosmicos, raios gama e neutrinos sao mensageiros de fenémenos
astrofisicos extremos, abrangendo diversas ordens de grandeza em energia e
distancia. A interpretacao desses sinais depende de um conjunto de processos
microfisicos que governam as interagdes dessas particulas tanto nas fontes
astrofisicas quanto durante sua propagacao até a Terra. Esta tese investiga
alguns desses processos microfisicos, cobrindo energias desde GeV até ZeV e
distancias desde escalas galacticas até o Universo em alto redshift, com foco
em aspectos especificos que resultam em efeitos macrofisicos observaveis e
assinaturas relevantes para observacoes e simulagoes multi-mensageiras atuais
e futuras.

No regime de energia ultra-alta, tanto na propagacao cosmoldgica quanto
nos ambientes das fontes, dois tépicos principais sao abordados. Primeira-
mente, um processo frequentemente negligenciado — a produgao de pares com
captura — ¢é investigado no contexto dos raios cosmicos de energia ultra-alta,
utilizando um método de estimativa semianalitico. Os resultados indicam que,
embora esse processo nao altere significativamente o estado de ionizacao dos
nucleos durante sua propagacao em distancias cosmoldgicas, niicleos pesados e
ultra-pesados podem nao estar totalmente despojados em locais de aceleracao,
desafiando a suposicao comum sobre o estado de ionizagao desses nicleos nas
fontes astrofisicas.

Em seguida, examinamos um fenomeno crucial no contexto multi-
mensageiro: o desenvolvimento de cascatas eletromagnéticas nessas energias.
Demonstramos que cascatas nesse regime podem servir como fontes de neutri-
nos de altas e ultra-altas energias, tanto dentro quanto fora das fontes astro-
fisicas. Para apoiar este estudo, introduzimos o MUNHECA, um framework
em Python 3 para simular cascatas eletromagnéticas de energia ultra-alta e
calcular os espectros de neutrinos resultantes.

Em energias mais baixas e em escalas galacticas, os processos de perda de

energia dos protons dos raios césmicos sao reexaminados cuidadosamente. Este



estudo ¢é particularmente relevante a luz dos avancos observacionais recentes
(por exemplo, AMS-02), pois as incertezas experimentais neste regime agora
superaram a precisao de nossos modelos teéricos. Utilizando uma abordagem
analitica, nossa pesquisa revela que certos mecanismos de perda de energia
dos prétons, anteriormente considerados negligenciaveis, como o espalhamento
elastico préton-proton, nao podem mais ser ignorados em modelos precisos de
propagacao de raios cosmicos.

Na parte final desta tese, voltamo-nos para um estudo distinto, mas
ainda relacionado, que também se beneficia da abordagem multi-mensageira:
as perspectivas observacionais de buracos negros primordiais por meio de
telescopios de raios gama e neutrinos. Discutimos em detalhes as vantagens
unicas dos telescépios de neutrinos nesse contexto. Por meio de uma reavaliacao
numérica e precisa dos espectros de raios gama e neutrinos provenientes da
evaporacao de buracos negros primordiais, quantificamos os perfis de energia
e tempo correlacionados de ambos os mensageiros. Essas correlagoes sao entao
utilizadas para aprimorar a identificacdo de buracos negros primordiais em

caso de deteccao futura.

Palavras-chave
Astropaticulas; Abordagem Multimensageiro; Mensageiros césmicos de

alta energia; Neutrino; Raios gama; Raios cdsmicos.
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Figure 3.11 The inelasticities of muons in EMPP. The dashed red and
dot-dashed green curves show the inelasticities of the two muons and the
sum in shown by the solid blue curve. The dotted black curve depicts the
approximation taken from (24).
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approximation from Eq. 3-14) and maroon data points (calcHEP results).
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Figure 3.15 The inelasticities of backward scattered e in ETP. The dot-
dashed green and dotted orange curves show the inelasticities of the two
electron/positron and the sum in shown by the dashed blue curve. The solid
red curve depicts the approximation taken from (24)

Figure 3.16  Characteristic lengths of photon-photon processes considered
in this work, if interacting with CMB target photons. The EPP energy loss
length is compared with the MPP, DPP and CPPP interaction lengths. The
Hubble horizon at z = 10 is shown by the gray line.
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Figure 3.23 Neutrino yield in the interaction of a spectrum of high
energy photons with target photons of black-body distribution. The result
of MUNHECA is shown by the solid red curve and compared with the dashed
black curve taken from (25). The dotted green curve shows an attempt to
reproduce the dashed black curve by modifying MUNHECA to incorporate the
adopted approximations of (25) (see the text for details). The dot-dashed
blue curve depicts the neutrino spectrum for the input file discussed in the
text.
Figure 3.24  Neutrino spectra from electromagnetic cascade development
over cosmological distances, computed using MUNHECA (dot-dashed lines),
compared with the universal function proposed in Section 3.6 (solid lines)
for different redshifts and initial photon energies. See text for details.
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Figure 4.1 Differential energy-transfer cross section, Eq. 4-8, as a
function of W/K.
Figure 4.2 (a) The average energy fraction retained in the collision,
1 — e, from Eq. 4-12. (b) Relative weight of the elastic stopping power
with respect to the total stopping power.
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Figure 4.3 Stopping range scale (in terms of grammage) associated
to different energy loss channels, compared with the diffusive transport
grammage for the BIG model.
Figure 4.4 [llustration of the iterative solution using Eqgs. 4-29 and 4-26.
A rapid convergence is manifest. See the text for the details.
Figure 4.5  Relative effect of including vs. neglecting the pp-elastic
process, for the BIG (blue) and SLIM (red) models, and for two injection
spectral indices, 2.2 (solid) and 2.4 (dashed).
Figure 4.6  CR proton flux ratio between the solution obtained with the
continuous approximation for the elastic channel (blue, solid), the inelastic
channel (dashed, red) or both (dot-dashed) over the solution obtained with
the catastrophic treatment for both channels.
Figure 4.7 Fractional corrections to the Bethe ionization stopping power
for CR protons. See text for the labels of the different effects.
Figure 4.8 Fractional corrections to the Bethe ionization stopping power
for CR Fe.
Figure 4.9  lron flux ratio: The effect of the LS correction to the Bethe
ionization expression in the BIG and SLIM model with v = 2.3.
Figure 4.10 total (black) and pp-elastic (blue) cross section from (26) and
their difference, i.e. the pp-inelastic (red). Comparison with the pp-inelastic
from FLUKA as reported in (27) (green dashed).
Figure 4.11 Ratio of CR proton fluxes obtained by using the FLUKA pp-
inelastic cross section used in (27) to the one from (26) which is used in

this article, i.e. the green-dashed curve with respect to the solid red curve in
Fig. 4.10.
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Figure 5.1 (a) The instantaneous primary and secondary gamma ray
spectra from an evaporating PBH. The solid curves show our results and
the dashed curves are taken from (28). The lower part shows the ratio of
solid to dashed secondary emissions curves. (b) The time-integrated total
gamma ray spectra for three different time intervals in solid curves. The
dashed curves show the spectra used by HAWC (29). The ratio of solid to
dashed curves are depicted in the lower part.

(a)

(b)
Figure 5.2 The same as Figure 5.1, but for neutrinos (sum of the three
flavors of neutrinos and antineutrinos). The dashed curves in panel (a) show
the primary neutrino emission of (30) which has been used by IceCube
collaboration in (31). The ratio of solid to dashed curves of primary spectra
are shown in the lower part of panel (a). Panel (b) shows the time-integrated
total neutrino spectra for three different time intervals before the complete
evaporation of PBH.

(a)

(b)
Figure 5.3 (a) The total spectra of each neutrino flavor at the production
site (PBH), in dashed curves, and the muon-flavor spectrum (neutrino and
antineutrino) at the Earth in the solid curve, after taking into account the
flavor oscillation in Eq. (5-8). (b) Solid curves: the time-integrated flux
(fluence) of all neutrino flavors at the Earth for three different time intervals.
Dashed curves: the fluences used in (31), which are based on the calculation
of (30). The distance to the PBH is d;, = 1072 pc.

(a)

(b)
Figure 5.4  The time-integrated gamma ray spectra (left panel) and
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The first principle is that you must not fool
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Thesis Outline

This thesis is divided into 6 chapters:

1. Chapter 1 provides a comprehensive introduction to the topics relevant to
the subject of this dissertation. It begins by presenting the different cos-
mic messengers, their observational characteristics, and the key physical
processes governing their behavior. Special attention is given to cosmic-
ray nuclei, their propagation, and interactions, culminating in a discus-
sion on the multi-messenger approach, investigating the electromagnetic
cascade as one of the most important examples of the multi-messenger

in astroparticle physics.

2. Chapter 2 is based on the published paper (33). This chapter investigates
the interaction of ultra-high-energy cosmic rays (UHECRs) with back-
ground photon fields, focusing on the process of pair production with
electron capture (PPC). This mechanism counteracts photo-ionization
and plays a crucial role in determining the ionization state of high-energy
cosmic ray nuclei, particularly heavy and ultra-heavy species. The anal-

ysis considers both extragalactic propagation and source environments.

3. Chapter 3 is based on the two published papers (34, 35), exploring the
development of ultra-high-energy electromagnetic cascades, emphasizing
the role of muon pair production and other QED processes in shaping
cascade evolution. The implications for neutrino production are exam-
ined, and a computational tool, MUNHECA, is introduced to model these

interactions and their resulting neutrino spectra.

4. Chapter 4 presents a precision study of energy loss mechanisms affecting
low-energy cosmic ray protons. The analysis addresses nuclear elastic
cross sections, the validity of continuous energy loss approximations, and
sub-leading effects, refining our understanding of cosmic ray propagation
at GeV energies, based on the published work (36).

5. Chapter 5 shifts focus to the evaporation of primordial black holes
(PBHs) and their potential observational signatures in gamma-ray and
neutrino telescopes in a multi-messenger approach. The detectability
of these transient signals is revisited in light of current observational

constraints. This chapter is based on (37).

Finally, Chapter 6 provides closing remarks on the broader implications of

this work for high-energy astroparticle physics and multi-messenger approach.



1
Introduction

From the dawn of human history, our fascination with the night sky has
been an enduring source of wonder and inspiration. Watching the lights from
the sky, simply, has been driving humanity’s relentless quest to unravel the
mysteries of the Universe. The Four-element Theory of Empedocles, spherical
Universe of Aristotle and Atomism of Democritus reflect not only an early
attempt to comprehend the cosmos but also the profound impact that celestial
observations have had on shaping our understanding of the natural world.
However, it took millennia for humanity to develop the mathematical and
technological tools necessary to model the dynamic of the objects. With
advancements in the electrodynamic theory, we gained an understanding of
the [light, the only detectable messenger until 20th century, coming from
the celestial objects. The quantum and relativity revolutions opened a great
window of other detectable messengers, models for their production in the
astrophysical sources and their propagation through the Universe, which led
to building new experiments and detectors. The paradigm of scientific studies
changed and hence new research fields, although rooted in ancient desires,
appeared. In this sense, astronomy, astrophysics, particle physics and astro-
particle physics can be seen as the continue of humanity’s attempt to unravel
the mysteries of the Universe. However, they operate within a completely
different paradigm compared to the ancient world, known as the scientific
method, grounded in empirical evidence, systematic observation, and testable
hypotheses.

Astrophysics and astroparticle physics both aim to understand the
Universe and its fundamental constituents, but they approach this goal from
different perspectives and methodologies. Astrophysicists primarily focus on
exploring the physics underlying the diverse range of the observed astronomical
phenomena, such as the formation and evolution of astrophysical sources like
stars and galaxies.

On the other hand, astroparticle physics extends this exploration into the
realm of particle physics, governed by the fundamental interactions between
cosmic messengers within the astrophysical and cosmological environments.
Defined as a multidisciplinary research area, it bridges astrophysics, cosmology,
particle physics, nuclear physics, and plasma physics, employing experimental
techniques from both particle accelerators and astronomical observatories to

study the Universe through multiple cosmic messengers. Therefore, astroparti-
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cle physics becomes an essential tool for probing the most fundamental aspects
of the Universe. In this context, this dissertation centers on the investiga-
tion of very energetic cosmic messengers or more technically astroparticles at
ultra-high energies. In the following, we outline the key challenges and central
features of astroparticles, providing a broad framework for understanding the
phenomena that shape this unique field.

Before we go any further, I want to emphasize that this dissertation
serves as a detailed presentation of the new results achieved and published by
the author during his PhD. Therefore, we assume that the reader is familiar
with the fundamentals of particle physics, general relativity, and cosmology.
Throughout this thesis, we will use natural units with A~ = ¢ = 1, unless

otherwise specified.

1.1
Cosmic Messengers

Putting aside the complexity of the observation processes, by gazing at
the sky, we are presented with a tapestry of particles, cosmic messengers, that
provide insights into the intricate processes shaping the Universe. Each of
these cosmic messengers is produced at different stages of the cosmic evolution
through various astrophysical phenomena. Thus, they serve as witnesses to
the Universe’s history including the formation of cosmic structures, the mech-
anisms at play within astrophysical sources and their propagation enroute
to the Earth. These cosmic messengers, as discussed in this dissertation, are
exclusively Standard Model (SM) particles, since they are the only particles
our current experiments can detect, either through quantum electrodynamic
(QED) or electroweak interactions. Notably, in the current framework of as-
troparticle physics, Beyond Standard Model (BSM) particles, such as axions
or dark matter particles, are often assumed to interact with the SM sector.
Consequently, their detection typically relies on observing SM particles as sig-
nals.

Astroparticle physics, mostly, hinges on the insights gleaned from three
distinct types of particles cosmic messengers: photons, neutrinos, CR including
nuclei and electrons!'. Each of these messengers is a unique signal, shedding
light on different facets of astrophysical processes, such as stellar evolution, ac-
celeration mechanisms, cosmic distance propagation, etc. However, extracting
information from the observed fluxes at the Earth is complicated because of the
extreme-condition and out of control ambient of production and propagation.

INote that the multi-messenger approach in astrophysics also includes gravitational

waves. However, as they fall beyond the scope of this dissertation, they will not be discussed
here.
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Moreover at the detection site, depending on the sensitivity and proficiency of
the detector, the systematic errors can be large.

While each messenger provides invaluable insights into astrophysical phe-
nomena, it’s crucial to recognize that their production and propagation are in-
tricately connected. Astrophysical processes often involve complex interactions
between different types of messengers, creating a rich tapestry of information
that astroparticle physicists strive to unravel. This interconnectedness under-
scores the importance of the multi-messenger approach, allowing us to piece
together a more comprehensive understanding of the Universe’s complexities.

This dissertation focuses on astroparticle physics at ultra-high energies,
with particular emphasis on ultra-high energy cosmic rays (UHECRs) and the
phenomenon of electromagnetic cascades, a pivotal concept in multimessenger
astroparticle research. To provide the context, the following sub-sections
will review three primary particle messengers, photons, cosmic rays, and
neutrinos, highlighting their key characteristics and roles in astrophysics. These
messengers form the basis for the investigations in astroparticles. Following
this, I will examine conventional electromagnetic cascades in detail. I will
then frame the scope of this thesis by defining the ultra-high-energy range
and discussing what distinguishes it from lower-energy regimes. Lastly, I will
provide a comprehensive overview of our research undertaken over the past
four years, presenting its outcomes and implications in detail.

Before we start, let’s clarify how the term “cosmic rays” is used in this
dissertation. While we’ll explore their properties in depth later, the term
will appear frequently in connection with the broader network of cosmic
messengers. Here, “cosmic rays” refers specifically to the nuclei (e.g. proton,
He, Fe, etc.) emitted from astrophysical sources and propagating through
Galactic or intergalactic space. Though electrons are sometimes classified as
“cosmic rays” or even “electron cosmic rays” in the field of astroparticles, this

dissertation will simply refer to them as “electrons” for clarity.

1.2
Photons

Visible light was the first cosmic messenger observed by humanity, long
before we understood it as part of the electromagnetic (EM) spectrum or
developed the concept of the photon. With the advancement of electrodynamic
theory and improvements in observational technology, astronomers extended
their exploration beyond optical wavelengths. Today, a global network of
highly sensitive instruments continuously scans the sky, detecting photons

across the entire EM spectrum, far beyond the capability of the human
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eye. This capability has revolutionized our understanding of the Universe,
enabling the identification and classification of countless astrophysical sources
through their spectroscopic emissions, from low-energy radio waves to high-
energy gamma rays. Observations across these bands have revealed a wealth
of discoveries, from pulsars in the radio domain to the cosmic microwave
background, high-energy emissions from compact objects, and gamma ray
bursts. Each wavelength contributes a distinct layer of information about
the underlying astrophysical processes. In addition to discrete point sources,
observations have uncovered diffuse photon fluxes that cannot be traced back
to individual objects but instead stretch across the whole sky. When gazed with
relatively wide angular view, focusing on radiation from beyond the Milky Way,
these emissions reveal diffuse anisotropies on top of a homogeneous, isotropic
background, commonly referred to as the “cosmic background” (CB). This is
different from the highly anisotropic emission originating from within our own
galaxy. Galactic emissions are predominantly concentrated along the plane of
the Milky Way, forming a distinct band across the sky that can be observed
in multiple wavebands. However, the focus of this dissertation, mainly, lies on
processes and particles originating from beyond our galaxy, although the study
of the Milky Way and its constituent objects is of course an interesting topic
in its own right.

The sources contributing to the CB range from small-scale like dust
grains, to large-scale structures such as stars, galaxies, and galaxy clusters.
This background is shaped by various processes, including nuclear fusion,
gravitational collapse, thermal and/or non-thermal radiations. Spanning an
immense frequency range, from 10% to 10?® Hz, understanding the cosmic
background requires a diverse set of detection techniques and theoretical
models. Overall, our measurement of CB, today, ranges from very high energy
(v-ray) (38, 39, 40), to X-ray (41, 42), through optical and infrared (43, 44),
and ultimately down to radio (4, 45, 46, 47, 48, 3).

Figure 1.1 presents the current measurements of the extragalactic photon
flux. In this plot, the specific Intensity of the CB is illustrated with respect
to the wavelength, A, or equivalently the frequency, v. The specific Intensity,
usually denoted by I, with units [W.m™2.sr~*.Hz ], is the power a detector
would receive per unit area, per solid angle observed on the sky, per unit
frequency, v, of the light being detected. It is common to multiply [, by v.
Since [, is proportional to the energy density per unit frequency, plotting v1,,
of units [W.m~2.sr™!|, will give a qualitative view of how the energy density is
distributed across the spectrum.

The entire spectrum depicted in Figure 1.1 represents what is termed the



Chapter 1. Introduction 28

log10(frequency) [Hz]
25 20 15 10

Model (Andrews et al 2018)
Model (Khaire & Srianand 2019) COB CmMB
Model (Lagos et al 2019)
Measurements (Hill et al. 2018)
Direct-EBL (Hill et al. 2018)
IGL-EBL (Hill et al. 2018)
IGL-EBL (Driver et al. 2016) :
COBE/Planck (Odegard et al. 2019)

102
® 6 06 0 O

0

10

CUB |

m I
/\ 7
{zsi/ CXB

&
éo:,,‘.’/é *é
i ;}M . CRB
e
“

o
L7 ] 7
.

T

Intensity [nWm'2 st ]
1072
T

CGB

107
[

1070 107° 10° 10°
Wavelength [microns]
Figure 1.1: Compilation of measurements of the extragalactic photon spectrum.

Figure from (1). The reader is referred to the original article for references on
the datasets displayed.

extragalactic background light (EBL). This encompasses all radiation reaching
Earth from extragalactic sources, excluding the contributions from Diffuse
Galactic Light components (49, 50), solar system’s zodiacal emission (51, 52),
and emissions from the Milky Way group (53). In the astronomy literature, it
is commonplace to categorize this spectrum into distinct wavebands, including
the cosmic gamma ray (CGB), X-ray (CXB), ultraviolet (CUB), optical
(COB), infrared (CIB), microwave (CMB), and radio (CRB) backgrounds,
each category unique in its detection methods, units and jargon, although the

same physical quantity, the isotropic photon background, is being described.

1.2.1
CcMB

Among the EBL wavebands mentioned, the Cosmic Microwave Back-
ground (CMB) stands out as the only relic radiation from the hot early Uni-
verse. These photons decoupled from the hot plasma once it had cooled suf-
ficiently for protons and electrons to combine and form neutral atoms, pre-
venting further scattering. This event is known as the epoch of recombina-
tion in standard cosmology. Ever since, these photons have been propagating
through the Universe, redshifting into the microwave band as the Universe

expanded. Historically, the idea of a relic thermal radiation was outlined qual-
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itatively by George Gamow (54), who argued that the hot, early Universe was
radiation-dominated and that the photon bath would cool as the Universe
expands. Shortly thereafter, Ralph A. Alpher and Robert C. Herman (55),
provided the first quantitative estimate, predicting a present-day black-body
temperature of about 5 K. In 1965, Arno Penzias and Robert Wilson made
the famous accidental detection of this background, identifying a persistent,
isotropic noise using the Holmdel Horn Antenna (56). Since then, various mis-
sions have mapped the CMB spectrum with great precision, including three
landmark efforts: the Far InfraRed Absolute Spectrophotometer (FIRAS) on
the COsmic Background Explorer (COBE) satellite (57), WMAP (58), and
the Planck mission, which has produced the most detailed full-sky map of
the CMB to date (59). Extensive insights into cosmology can be gained from
analyzing the spectral anisotropies in the CMB (for instance see (60) for a re-
view). These anisotropies currently provide some of the strongest constraints
on cosmological parameters that describe our Universe (59).

The blackbody spectrum of the CMB is given by the Planck intensity
function:

3

22/ ehy/k:]jT 1’ (1-1)
where kg denotes the Boltzmann constant and 7' is the blackbody temper-

I, =

ature. The CMB temperature evolves with redshift, z, following Tomp(z) =
To.cm(l + 2), where Ty omp is the CMB temperature at the present time
(z = 0), measured to be Ty cmp = 2.725 K.

In astrophysics, a central quantity, used extensively throughout this
dissertation, is the energy spectrum, (dn(F)/dFE), where E represents particle
energy and n(E) denotes number density. The spectrum is typically expressed
in units of [cm~3eV~!], indicating the number density of particles within the
energy interval between E and (E + dFE). Specifically for photons, whose
energies are given by € = hv, the photon number-density spectrum (dn(e)/de)
can be derived starting from the specific intensity [,,. For an isotropic photon
distribution, the energy density per unit frequency, u,, relates to the specific
intensity as u,, = (47 /c)I,. Converting frequency to photon energy via v = ¢/h,
we obtain the energy density per photon energy interval (u. = u,(dv/de) =
(4m1,)/(hc)). Since each photon carries energy ¢, dividing the energy density

by ¢ yields the number-density spectrum, resulting in the relationship
dn(e)  4nl,

—t = 1-2
de hec (1-2)

Integrating the CMB energy spectrum, over all energies yields the photon

number density,
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de c3 ew/ksTems — ] 2 he
(1-3)
where ((3) = 1.202 is the Riemann zeta function, giving present-day CMB

photon number density of ncys(z = 0) ~ 410 ecm™3. The CMB total energy

density, meanwhile, is calculated as

. dnCMB . 8h7TV3 1 o 7T2(]€BTCMB)4
Uems = /6 de de _/ 3 ehv/ksToms — 1dV - W . (1-4)

Thus, the typical CMB photon energy can be estimated as

(€)ems = Ucms/noms =~ 2.TkgTovs - (1-5)
This means that, for instance, in the local Universe, the CMB photons mostly
are of energy ~ 6.34 x 107 eV.

The CMB stands out, dramatically, as the most prominent component of
the EBL, dominating not only the microwave region (0.04 — 4 meV) but also
the entire spectrum, with an integrated energy density that is approximately
five times greater than the combined contributions of all other backgrounds
(61, 62). As we will see in the rest of this dissertation, CMB plays a crucial
role in the high energy particles propagation across cosmic distances, and is a

key reference of energetic particles interactions especially when going to higher
redshifts.

1.2.2
CRB, CIB, COB and CUB: Other prominent low energy photon fields

The remainder of the EBL consists of radiation emitted after the re-
combination, primarily from sources such as star formation, accretion onto
supermassive black holes (e.g., Active Galactic Nuclei), and the reprocessing
of ultraviolet and optical light by interstellar dust, which typically results in
mid- and far-infrared thermal emission. Two prominent components within this
portion of the EBL are the COB and the CIB, which together encompass a sig-
nificant fraction of the energy emitted by stars and galaxies over cosmic history
(44). Consequently, in the literature, the term EBL often refers specifically to
the combined COB and CIB emissions. Henceforth, we also employ the term
EBL exclusively for referring to the CIB and COB through this dissertation.

The CIB, which contains approximately half of the total energy density
produced by stars, is strongly tied to the history of galaxy formation and their
evolution. This radiation is largely emitted by interstellar dust that has been

heated by starlight within galaxies, with the longest wavelengths corresponding
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to the energy output of the earliest, most redshifted galaxies. Directly measur-
ing this component of the cosmic background is particularly challenging due to
strong foreground emissions. The strongest of these foregrounds are (%) thermal
dust emission from the Milky Way and (%) the so-called zodiacal emission pro-
duced by interplanetary dust in the Solar System. Micron- to millimetre-sized
zodiacal grains absorb optical sunlight, reach radiative-equilibrium tempera-
tures, T' ~ 230—280 K, and re-emit that energy as grey-body radiation peaking
in the mid-infrared. Thus, accurate modelling and subtraction of the zodiacal
foreground is essential for reliable CIB measurements.

The COB, meanwhile, is dominated by direct starlight and is aligned with
the history of cosmic star formation. The COB is a highly studied component,
benefiting from the relative accessibility of optical wavelengths to ground-based
telescopes, however its direct measurements face substantial challenges. The

dominant contaminations are:

(i) Zodiacal light—sunlight that is scattered, rather than thermally
re-emitted, by the same population of interplanetary dust particles re-
sponsible for zodiacal emission. Its broadband optical surface brightness
varies smoothly across the sky and typically exceeds the expected COB
by factors of 10 - 100.

(ii) Diffuse Galactic light (DGL)—a combination of (a) Galactic starlight
scattered by interstellar dust in the Milky Way’s disk and halo, and
(b) the collective, unresolved emission of faint Galactic stars. The DGL
inherits the spectral shape of stellar continua modulated by dust albedo
and shows strong spatial correlations with interstellar dust column

density. Even at high Galactic latitudes its intensity remains well above
the COB signal.

Robust COB determinations therefore rely on precise modelling of both
zodiacal and DGL components.

To deal with the CIB and COB direct measurement challenges, there
are other indirect approaches of measurement, some based on galaxy number
counts and flux measurements of resolvable galaxies with extrapolation (for
instance, see the method in (47) for the radio galaxies). However, these details
are not the subject of this thesis; thus, we will not delve into them.

Unlike CMB, which follows a blackbody spectrum, the EBL is shaped by
non-thermal processes that produce radiation spectra deviating from a black-
body profile. In such non-thermal processes, such as synchrotron radiation,
inverse Compton scattering, and bremsstrahlung, the photon energy does not

correspond directly to the temperatures of the sources, as these processes do



Chapter 1. Introduction 32

= this work
= Franceschini+ 08
100 : = = Gilmore+ 10
Aharonian+ 06
= Mazin & Raue 07 - realistic
Mazin & Raue 07 - extreme

= Albert+ 08

O  Schlegel+ 98

O Hauser+ 98
Finkbeiner+ 00
Lagache+ 00
Gardner+ 00
Gorjian+ 00
Cambrésy+ 01
Madau & Pozzetti 01
Metcalfe+ 03
Chary+ 04
Fazio+ 04; Franceschini+ 08
Xu+ 05
Matsumoto+ 05
Frayer+ 06
Bernstein+ 07
Levenson & Wright 08
Matsuura+ 10
Hopwood+ 10
Béthermin+ 10
Berta+ 10
Keenan+ 10

b3 1 10 100 1000
A [pm]

«4BVA®OOOO

meemnmleO¢

Aly [NW m=2 sr1]

Figure 1.2: Domiguez EBL model. Figure from (2)

not rely on thermal equilibrium. This non-thermal origin characterizes the EBL
from infrared to ultraviolet. At redshift z = 0, the EBL can be approximated
by three blackbody-like peaks: two major peaks near wavelengths of A ~ 1um
(COB) and A ~ 100um (CIB), and a smaller peak around A ~ 10um. Note
that these “three blackbody-like peaks” are purely empirical parametrizations
of the complex, non-thermal EBL spectrum and should not be interpreted as
arising from actual thermal sources.

Several models have been proposed to reconstruct the EBL intensity, al-
most all of them showing consistency with one another and with observational
data within statistical uncertainties (43, 2, 63). Figures 1.2 and 1.3 illustrate
the Dominguez EBL model from (2) and its evolution with redshift, respec-
tively.

The radio spectrum of the Cosmic Background (CB) extends across
frequencies below roughly 10'° Hz. Current models describe the CRB as a
combination of synchrotron radiation from charged particles moving through
Galactic and InterGalactic Magnetic Fields (GMF and IGMF), emission from
Active Galactic Nuclei (AGN), and contributions from Hj line radiation, in
addition to the low-energy end of the CMB (64). The energy of synchrotron
radiation is directly linked to the magnetic field strength squared; however,

with typical magnetic fields in galaxies on the order of 107 T (65), the resulting
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Figure 1.3: Domiguez EBL model redshift evolution. Figure from (2).

photon energies are low.
Detecting the CRB, however, is technically constrained and difficult
primarily because of the plasma frequency of both Earth’s ionosphere and

the interstellar medium (ISM). The plasma frequency is given by

nee?
v, = ,
P T,

where n, is the electron number density and m,. the electron mass. This

(1-6)

frequency represents the natural oscillation rate of free electrons in a plasma,
below which electromagnetic waves are absorbed exponentially over very short
distances (66). On Earth, the ionosphere has a plasma frequency of around 10
MHz, limiting ground-based CRB observations, while in the ISM, the plasma
frequency is approximately 1 MHz, presenting a constraint even for space-
based detectors (67). Additionally, the foreground emission from the Milky
Way must be subtracted in order to isolate the extragalactic component.

The CRB has been estimated in (68) using satellite radio measurements
and has been modeled in (4, 3) by modeling the radio emission from popu-
lations of star-forming galaxies (SFGs) and radio galaxies (RGs). Figure. 1.4
illustrate the CRB estimation by (3, 4).

It’s important to note that the intensity of EBL and the CMB behave

very differently as redshift increases. The EBL, which originates from astro-
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physical sources, decreases in intensity at high redshifts (i.e. z = 4) due to the
declining number of astrophysical sources as we look farther back in time. In
contrast, the CMB intensity actually increases with redshift because its photon
number density scales as (1 + z)* and individual photon energies increase by
(1 + 2). Together, this causes the CMB energy spectrum, dncygp/de, to scale
as (1 + 2)?. Thus, while the EBL dims, the CMB becomes more prominent at
higher redshifts.

All in all, these pervasive low-energy photon fields, with their relatively
high intensity, significantly impact the propagation of high-energy particles
across cosmological distances, a topic that will be discussed in detail in the

following sections.

1.2.3
CGB

The cosmic gamma ray background (CGB) represents the high-energy
frontier of cosmic background radiation, covering frequencies above 10 Hz (or
photon energies E, 2 1 MeV). In gamma ray astronomy’s terminology, this
background is often referred to as the Extragalactic Gamma-ray Background

(EGB). Defined in gamma ray experiments, particularly by the Fermi-LAT



Chapter 1. Introduction 35

collaboration, the EGB is calculated by measuring the total y-ray signal within
the detector, excluding emissions from our galaxy e.g. the diffuse Galactic
emission (DGE) and the solar system.

In our galaxy, diffuse gamma ray emission (DGE) arises mainly from
interactions between cosmic rays and the interstellar gas (ISG), which is
predominantly hydrogen and helium. Supernova remnants (SNRs) and pulsars
are believed to be the principal sources of cosmic ray nuclei, electrons, and
positrons. When cosmic ray nuclei, primarily protons and helium, interact with
the ISG, they produce neutral pions, 7%, which subsequently decay into gamma
ray photons (7% — 7). Electrons and positrons, meanwhile, undergo inverse
Compton scattering with the interstellar radiation field (ISRF), shooting
the low-energy photons to higher energies (e, — e7y)?. These interactions
constitute the main production mechanisms for the DGE, which its intensity
is comparable to the EGB at energies = 1 GeV even at the Galactic poles.
While the DGE has been thoroughly examined in cosmic ray and gamma
ray research, an in-depth exploration of DGE models is beyond the scope of
this thesis. For a more comprehensive discussion on DGE, we refer readers to
(69, 17).

The primary sources contributing to the Extragalactic Gamma-ray Back-
ground (EGB) include Active Galactic Nuclei (AGN), star-forming galaxies
(SFGs), and ~-ray bursts.

AGN are highly luminous galactic cores powered by matter accreting onto
supermassive black holes, converting gravitational energy into radiation across
the electromagnetic spectrum—including y-rays. Some AGN launch powerful
relativistic jets that can reach ultra-high energies (2 PeV) and extend hundreds
of kiloparsecs from the host galaxy. The Unified Model of AGN explains the
different classes—blazars, radio galaxies, Seyfert galaxies, and quasars—as
fundamentally the same engine viewed from different angles relative to the
jet and dusty torus (70).

— Blazars have jets pointed almost directly at us (within < 10°). Because
the jet material moves at speeds close to light, its emission is strongly
enhanced when viewed head-on—a relativistic “beaming” effect that

makes blazars appear extremely bright, variable, and ~-ray loud.

— Radio galaxies are those whose jets are oriented at larger angles (typically

2 20°) to our line of sight. In these cases, the beaming effect is weak,

2Inverse Compton scattering differs from ordinary Compton scattering in that, in ICS, a
low-energy photon gains energy through collision with a relativistic electron (i.e., the photon
is “up-scattered”), whereas in Compton scattering a high-energy photon transfers energy to
a typically stationary electron and is “down-scattered”.



Chapter 1. Introduction 36

so we observe less bright central emission and instead detect extended
radio structures (“lobes”) formed where the jet plasma impacts the

surrounding medium.

— Seyfert galaxies are less luminous, often found in spiral hosts, and lack
large jets. They are identified by their optical emission-line spectra, which
include strong features like H3 and O 1113, generated in gas near the super
massive black holes (SMBH).

— Quasars (Quasi-Stellar Objects) represent the most luminous AGN class,
often at high redshift. Their optical/ultraviolet spectra display both
broad and narrow emission lines, indicating a high-velocity inner gas

region coupled with more distant ionized clouds.

In star-forming galaxies (SFGs), hot, massive stars emit intense ultravio-
let (UV) light, which is absorbed by interstellar dust and re-emitted as infrared
(IR) radiation. Thus a strong IR domination in spectral energy distribution
(SED) is a reliable marker of star formation activity. Particularly active re-
gions in starburst galaxies often exhibit extreme IR luminosities, placing many
among the brightest infrared galaxies. These massive stars eventually end their
lives in supernova explosions, producing supernova remnants (SNRs) and pul-
sars. Similar to the processes in DGE, gamma rays in SFGs are generated
primarily through the decay of neutral pions, 7°, produced by interactions of
CR nuclei with the interstellar medium (ISM), and through inverse Compton
scattering of electrons and positrons off the ambient photon fields. For more
on the gamma ray contribution from SFGs, see (71, 72).

The presence of an all-sky ~-ray emission was first identified in early ob-
servations by the OSO-3 satellite, which detected 621 candidate vy-ray events
(73, 74). This discovery was followed by the first spectral measurements of an
isotropic diffuse background by SAS-2 satellite (75, 76). Later experiments,
with improved sensitivity, enabled the detection of individual extragalactic
sources and the subtraction of DGE templates to isolate an all-sky residual
intensity (77, 78). This isotropic emission, found to be smooth across large an-
gular scales, is commonly termed the isotropic diffuse gamma ray background
(IGRB). Today, the Large Area Telescope (LAT) on the Fermi Gamma-ray
Space Telescope (Fermi) is one of the most advanced experiments, among oth-
ers, for detecting the IGRB in the energy range 100 MeV - 820 GeV. With

3The Hf line arises from the Balmer series transition in hydrogen at 4861 A, produced in
relatively dense, lower-velocity gas. The [O III] A5007 line, a “forbidden” transition of doubly
ionized oxygen (O%1), originates in lower-density, more extended regions. These features are
essential diagnostics of the ionized gas conditions in AGN narrow-line regions.
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a field of view of 2.4 sr and spatial resolution of approximately 1° at 1 GeV,
Fermi-LAT has provided deeper insights into the sources of EGB (40).

Other important gamma ray experiments operating in the very-high-
energy (VHE) regime include the Major Atmospheric Gamma Imaging
Cherenkov (MAGIC) telescopes, a system of two 17-meter diameter Imaging
Atmospheric Cherenkov Telescopes (IACTs). MAGIC is designed to observe
gamma rays from both Galactic and extragalactic sources in the energy range
of 30 GeV to 100 TeV, with high sensitivity (79).

Another experiment working in a similar energy range is the High
Altitude Water Cherenkov (HAWC) observatory, a ground-based array located
at an altitude of 4100 meters in Mexico. HAWC is designed to detect gamma
rays and CRs in the 100 GeV — 100 TeV range using water Cherenkov detectors.
Unlike TACTs, which operate only during clear nights, HAWC continuously
observes the sky, making it well-suited for studying transient and extended
gamma ray sources (80).

The Large High Altitude Air Shower Observatory (LHAASO), located
at 4410 meters above sea level in Sichuan, China, is another major facility.
LHAASO is designed for ultra-high-energy gamma ray and CR studies, cov-
ering the energy range between 10 and 10 eV for gamma rays and 102 to
10'7 eV for CRs. With its wide field of view (~ 2 sr) and continuous operation,
LHAASO provides an unprecedented capability to study the energy spectrum,
elemental composition, and anisotropies of CRs, along with the identification
of PeVatrons—sources accelerating particles to PeV energies (81).

It is important to note that IGRB intensity measurements are
observation-dependent; more sensitive instruments and deeper exposures can
resolve fainter extragalactic sources and thus less residual emission remains as
IGRB. In contrast, the total EGB intensity, assuming the complete subtraction
of all Galactic emissions, is a more fundamental measure of the extragalactic
gamma ray background.

In Figure 1.1, we observe a sharp decline in gamma ray flux at frequen-
cies above v 2 10%%5 Hz (around 1 TeV). This attenuation does not reflect a
limit in the gamma ray production capabilities of the above-mentioned astro-
physical sources but instead results from the interactions high-energy gamma
rays undergo as they propagate through the intergalactic medium (IGM).
Specifically, these gamma rays are absorbed by the pervasive low-energy back-
ground photons, especially those from the CMB and EBL and produce e*
pairs (77, — ete™), leading to a decrease in flux at higher frequencies. Con-
sequently, we can establish the observation horizon for each energy level using

the mean free path of photon-photon interaction, representing the average dis-
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Figure 1.5: Horizon distance for photons as a function of their energy. Black
regions indicate distances where y-rays at those energies cannot reach us before
pair-producing with other background photons. Figure from (8).

tance a photon can travel without encountering any interaction. This horizon is
depicted in Figure 1.5. As illustrated in this plot, a photon, for instance, with
an energy > 10 eV cannot traverse distances greater than 1 Mpc without
interaction, thus, in the case of detection this photon must have been emit-
ted within the 1 Mpc distance from the Earth. Of course, this statement is
true within the standard models of physics and not the exotic ones such as
Lorentz invariance violation. Moreover, this attenuation, in fact, is a manifes-
tation of the electromagnetic cascade, which we will discuss in details through

this dissertation.

1.3
Cosmic Rays (CRs)

The study of cosmic rays (CRs) has a rich history dating back to the
early 20th century, although their first signal was noted as early as 1785, when
Coulomb observed that charged electroscopes* gradually lost their charge over
time. Initially, the explanation pointed to the existence of charged particles in
the air, but it took a century to identify the cause of these charged particles.
The discovery of spontaneous radioactivity in 1896 by Henri Becquerel and

Marie Curie provided a natural explanation. The radiation from Earth’s

4An electroscope is a simple charge-detector—classically two thin gold leaves attached
to a metal rod inside an insulating jar. When the leaves are given the same electric charge
they repel and remain separated. Ionizing radiation, including cosmic-ray—induced secondary
particles, produces free electrons and positive ions in the surrounding air; these charge
carriers neutralize the leaves, allowing them to collapse.
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radioactivity ionizes the air, leading to the discharge of electroscopes. However,
it wasn’'t until 1911-1912 that experiments conducted in the sea and high-
altitude balloon flights by Domenico Pacini (82) and Victor F. Hess (83)
revealed that this radiation originated from outer space, importantly, the
lack of correlation with day or night implied a “galactic” origin, possibly
unrelated to solar activity. The nature of CRs was a subject of debate until the
1930s when observations of latitude and East-West effects (84, 85, 86, 87, 88)
suggested that the primary CRs reaching Earth are predominantly of positive
charge. Further investigations since the 1930s have established that CRs consist
predominantly of stable nuclei with lifetimes of approximately 10° years or
longer, with protons being the dominant constituent.

Cosmic rays are now understood to be predominantly stable, fully ionized
nuclei® produced by astrophysical sources. As they traverse the cosmos, their
paths are deflected by the intergalactic and Galactic magnetic fields (IGM-
F/GMF), and their energies are drained through interactions with the in-
tergalactic and interstellar media (IGM/ISM) and background photon fields
permeating the Universe. Furthermore, these interactions can result in the dis-
integration or spallation of the nuclei, transforming them into particles that
differ from those initially emitted by the sources. Together, these processes
obscure the connection between observed CRs and their astrophysical origins.
In the contemporary CR research, understanding the arrival directions, en-
ergy spectrum, and mass composition remain open challenges and a central
focuses. These aspects are key to addressing fundamental questions about the
origin and propagation of CRs. Hence, a comprehensive interpretation of the
experiments’ measurements, along with their energy dependent correlations, is
essential for advancing our understanding of CRs and for testing and refining
astrophysical models.

In this section, I provide a concise review of cosmic ray research, focusing
on aspects most relevant to the scope of this dissertation. While CRs have
been a subject of extensive study for over a century, encompassing a wealth of
literature, a comprehensive review of all their facets is beyond the scope of this
work. To begin, I would like to start with a brief discussion on the galactic and
intergalactic magnetic fields, which play crucial roles both in CR acceleration

and propagation.

5The ionization state of the CRs are discussed in details in Chapter. 2.
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1.3.1
Magnetic Fields

Magnetic fields are pervasive across the Universe, detectable in systems
ranging from the small scales such as solar system to the galaxy clusters and
even the voids of the Large Scale Structure (LSS) (89, 90, 91, 92, 93, 94, 95, 96,
97, 98, 99, 100). These fields are essential to many astrophysical phenomena
and have been studied extensively in these environments.

In a well-accepted paradigm, magnetic fields observed in astronomical
systems of varying sizes—from stars (R ~ 10 cm) to galaxy clusters
(R ~ 10** cm)—are believed to originate from the amplification of weaker
seed fields. Two complementary mechanisms drive this growth. Hydromagnetic
dynamos operate in an electrically conducting, rotating, and often turbulent
plasma: chaotic motions stretch, twist, and fold magnetic field lines, steadily
converting kinetic energy into magnetic energy and boosting the field by
roughly ~ 10 orders of magnitude, depending on the astrophysical setting
(101, 102, 103, 104). Fluz-conserving (adiabatic) compression amplifies the
field whenever the gas collapses or shears; because magnetic flux is effectively
“frozen” into a highly conducting medium, a contracting cloud drags the
embedded field lines with it, intensifying the field as the density rises. These
mechanisms, however, rely on the presence of an initial, albeit weak, magnetic
field. The generation of this “seed” field predates or coincides with the epoch
of structure formation and remains a topic of significant scientific inquiry.

The unresolved nature of the seed field’s origin constitutes the “problem
of the origin of cosmic magnetic fields” (65, 105, 106). Broadly, two classes of

models have been proposed:

1. Primordial origin: The seed fields are generated during the early

Universe, prior to the formation of large-scale structures.

2. Astrophysical origin: The seed fields arise alongside gravitational

collapse and structure formation.

To constrain the properties and origins of these fields, it is crucial
to study environments where magnetic fields remain largely unaffected by
magnetohydrodynamic (MHD) processes, such as the IGM, particularly in the
voids of the LSS. As will be discussed in Section 1.5, lower limits on these
fields can be derived through the study of electromagnetic cascades.

The primordial nature of weak magnetic fields in LSS voids is not
guaranteed. An alternative explanation suggests that these fields may have
formed at later cosmic epochs (z < 10) as a result of galactic outflows. These

outflows could be driven by galactic winds associated with star formation
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activity or by relativistic jets produced by active galactic nuclei (AGN) (107,
108). Distinguishing between primordial and astrophysical origins of these
fields remains one of the most significant challenges in the study of cosmic
magnetism.

Beyond their cosmological importance, magnetic fields are integral to
understanding CRs. Being charged particles, CRs are directly influenced by
magnetic fields, which govern their propagation and alter their trajectories
over cosmic scales. Furthermore, as will be discussed later, strong magnetic
fields are necessary to accelerate CRs to the ultra-high energies observed. This
underscores the dual significance of magnetic fields as both a tool for probing
cosmology and a critical element in high-energy astrophysics.

However, measuring the magnetic fields, remains a significant challenge in
astrophysics. It is important to note that we can always constrain the magnetic
field within the phase space of (B, Ag), where Ap represents the magnetic field
correlation length. Loosely, the magnetic field correlation length quantifies the
characteristic scale over which a magnetic field maintains its direction and
strength before varying due to turbulence or other factors. ¢ This is due to
the lack of knowledge about Ag. In fact, there is no formal upper limit on the
possible correlation length of the IGMF.

In stellar environments, magnetic fields can be directly inferred from the
Zeeman effect, which is responsible for lifting the (2J41)-fold degeneracy of the
energy levels, with a shift which is proportional to the magnetic field strength.
However, for the interstellar medium (ISM) and extragalactic environments,
where fields are weaker, alternative approaches are necessary. One indirect
method involves the Faraday rotation. This is based on the fact that left and
right-handed circular polarized radio waves have a different refraction index
in a magneto-ionic plasma. As a result, a linearly polarized wave, emitted by
a source, will see its polarization plane rotate by an angle ¢ as it propagates.
This shift depends quadratically on the wavelength.

Observations reveal that Galactic magnetic fields are coherent across kilo-
parsec (kpc) scales, aligning with major structures like spiral arms. Magnetized
halos, extending several kiloparsecs above and below Galactic disks, are in-
ferred to have field strengths of 1-10 ©G. On smaller scales, field orientations
fluctuate due to ISM turbulence.

Upper bounds on the strength of IGMF are imposed by the non-
observation of Faraday rotation of the polarization plane of linearly polarized

6Mathematically, it is defined through the two-point correlation function of the magnetic

field, which describes how the magnetic field at one point in space relates to the field at
another point separated by a distance r.
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radio emission from distant quasars. For fields with smaller correlation lengths,

the constraint

Uy
has been obtained, where ¢y = ¢/Hy is the Hubble radius.

Although much can be discussed about magnetic fields, it lies beyond

-1/2
B<2x107? (AB> G, (1-7)

the scope of this thesis. For comprehensive reviews on the subject, the reader
is referred to (109, 110, 111).

In the following subsections, I will discuss the CR spectrum and compo-
sition, their observations, and associated challenges. I will then delve into the
CR acceleration mechanisms inside the astrophysical sources and their prop-
agation in galactic and extragalactic media, where the magnetic field plays
the key role in both processes. However, before delving into the details of CR
acceleration and propagation, it is worth noting that studies of CRs are gener-
ally categorized based on their origin: those originating within the Galaxy and
those considered to be extragalactic. This distinction is practical but not abso-
lute, reflecting our limited understanding of the precise conditions required to
classify CRs as extragalactic. For Galactic CRs, there is widespread agreement
that they originate from supernova explosions, where strong shocks accelerate
particles through diffusive processes. Moving beyond the Galactic regime, CRs
at ultra-high energies (F 2 10'® eV) are widely considered to be of extra-
galactic origin. This conclusion is supported by the lack of correlation between
the UHECR spectrum and the Galactic plane, as well as the inability of the

observed Galactic magnetic fields to confine these particles.

1.3.2
Measurements and Spectrum

Detecting the CRs involves two primary approaches: direct and indirect
observations. In principle, any ordinary particle physics detector can be em-
ployed to detect and measure the characteristics of CRs, such as energy and
direction, outside Earth’s atmosphere. This form of observation is termed “di-
rect” detection. Notable examples include AMS-027, onboard the International
Space Station, and the Voyager spacecraft (112). These instruments are par-
ticularly effective for studying CRs at lower energies, since the size and weight
of the detectors are crucial considerations. For higher energies, where the CR
flux decreases, larger detectors are required, which cannot be transported and
set up above the atmosphere. To have an intuition, the arrival of ultra-high en-

ergy cosmic rays (UHECRs) at the Earth is so rare, about one event per square

Thttps://ams02.space
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kilometer per year, that huge detection areas and long observation times are
necessary. However, upon reaching Earth, CRs interact with molecules and
ions in the atmosphere, initiating multiplicative cascades known as extensive
air showers (EAS). This challenge makes the direct measurements impossible
for high/ultra-high cosmic rays ground-based experiments. Therefore, an al-
ternative approach termed “indirect” detection is employed on Earth. In the
indirect detection, the ground-based experiments detect the EAS byproduct
particles 8, including photons, electrons/positrons and muons. However, de-
termining the energy and composition of the incident CRs requires models
of shower development. This task is inherently challenging due to the need
for precise knowledge of hadronic interactions within the cascade. While the
center-of-momentum (CoM) energies of primary CR collisions with air nuclei
at around 10'7 are comparable to those achieved at the Large Hadron Collider
(LHC), significant uncertainties remain. Key details of pion interactions, which
are central to cascade development, are poorly understood, and the possibility
of unknown processes cannot be ruled out. Additionally, assumptions about
the incident mass introduce further systematic uncertainties, making precise
interpretation difficult, if not impossible. Tunka (113), High Resolution Fly’s
Eye (HiRes) (114), IceTop (115), KASKADE (116), Pierre Auger Observatory
(PAO) (117) and Telescope Array (TA) (118, 119) are among the most promi-
nent ground-based experiments, have measured the very/ultra-high energy CR
flux at Earth. To counter the above-mentioned limitations inherent to indirect
detection, these experiments have pioneered techniques that leverage the light
emitted by the EAS as they propagate through the atmosphere. Specifically,
the detection of Cherenkov and fluorescence radiation enables a calorimetric
estimation of the incident CR energy.

Using these techniques, we have been able to measure the CR flux from
~ few GeV up to hundreds of EeV as illustrated in Figure 1.6. In fact, the
observed CR spectrum on Earth is bounded by two pronounced cut-offs: the
lower limit near ~ few GeV and the upper limit around 10?° eV. In the low
energies, the expanding magnetized plasma generated by the Sun, known as
the solar wind, decelerates and partially shields the CR flux below ~ few GeV.
This phenomenon is termed the “solar modulation” (120) and Voyager is the

only CR detector that has recently been observing the CR flux below the

8In the experimental CR terminology, the incident CRs at the top of Earth’s atmosphere
are called “primaries”, while the EAS byproducts are “secondaries”. On the other hand, in
discussions of the astrophysical origin of CRs, “primary” CRs are those particles accelerated
at and emitted from astrophysical sources, while “secondaries” are those particles produced
through the interactions of the primaries with interstellar gas and background photon fields.
For clarity, in this dissertation, as we will not delve into the details of CR interactions with
the atmosphere, we will adopt the latter definitions of “primary” and “secondary” for CRs.
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Figure 1.6: Compilation of the cosmic ray spectrum observed on Earth from
different experiments, covering the full observable energy range on Earth.
Figure from (9)

GeV range beyond the heliosphere, free from this modulation. At the other
extreme of the CR spectrum a rapid steepening of the spectrum is evidence.
However, it remains unclear whether this feature arises from physical processes
during CR propagation or reflects the maximum acceleration capability of their
astrophysical sources. Following the discovery of CMB, Greisen, Zatsepin, and
Kuzmin (known as GZK cut-off) predicted that the extragalactic proton flux
at energies ~ 6 x 10! eV would be suppressed due to the A* resonance in
the proton-photon (p7y) interaction cross section (121, 122). In this process,
ultra-high energy protons interact with CMB photons through the photopion
production process, resulting in the production of either another proton or a

neutron at lower energies together with charged or neutral pions.
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P4 Yomb = AT w7 41, (1-8)
P+ Yemb = AT =70+ p . (1-9)

Alternatively, in the mixed composition model, the photo-dissociation of heavy
nuclei also leads to a similar softening at the highest energies of the CR
spectrum (123). Additionally, as we mentioned, the ultra-high energy cutoff can
always be interpreted as the maximum acceleration capability of astrophysical
sources. Cosmic ray events above 102° ¢V have been detected (124, 125). While
various UHECR experiments, including the HiRes fluorescence experiment
(126, 127), Auger observatory (128), and Telescope Array (TA) (129), have
presented evidence consistent with GZK suppression, recent analyses from
Auger (130) challenge this paradigm. Consequently, the ultra-high energy
regime remains a subject of debate.

The CR spectrum follows a power-law, E~¢, with the spectral index
a showing slight variations across the entire energy range. These variations
carry crucial information about the mass composition and arrival directions
of primary particles, serving as key clues to unraveling the mechanisms
behind their production and propagation. Notably, interesting features emerge
where the spectral index changes. The softening of the spectrum from o ~
2.7 to a ~ 3.1 between 10° and 10" GeV is known as the knee of the
spectrum. This feature has been observed by all the experiments and in all
charged components of the EAS, thus demonstrating its astrophysical origin
as opposed to alternative explanations based on possible changes in nucleus-
nucleus hadronic interactions, which have been excluded by the first results
from LHC (131, 132). This feature is usually interpreted as the maximum
energy that protons can get accelerated to inside our galaxy, with the transition
towards heavier elements giving the knee its shape (133).

A hardening of the spectrum often termed the “low-energy ankle”, just
above 107 GeV followed by a steepening at ~ 0.8 — 1 x 10® GeV, commonly
referred to as the “second knee” have been identified in data from three
major experiments probing this energy range: KASCADE-Grande, Tunka and
IceTop. These observations show remarkable consistency despite the differences
in the energy resolution and the systematic uncertainties (~ 20 — 30%).
Notably, these spectral features have also been confirmed by the low-energy
extension of the TA experiment (See reference (134) and references therein for
a review).

The detection of the ultra-high energy domain of the spectrum, £ > 10'8
eV, is mainly covered by PAO and TA experiments. Both collaborations
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measure a hardening of the spectrum from o ~ 3.3 to a =~ 2.6 around 10! eV
which is termed the ankle of the spectrum. Possible contributions to the origin
of the ankle include a higher energy population of particles overtaking a lower
energy population, for example an extragalactic lux beginning to dominate
over the Galactic flux (e.g. Ref. (124)). An intriguing explanation connecting
the ankle feature to the transition from Galactic to extragalactic CRs involves
the interplay of the energy loss mechanisms of UHECR protons on CMB,
through pion production and electron-positron pair production (py — pete™)
processes (135). A prominent feature arising in this explanation is the so-called
Berezinski dip occurring in the energy range 101 —4x 10! ¢V, induced by py —
pete”. The shape and depth of this dip are notably robust against various
astrophysical factors and propagation effects, including source distribution
discreteness, diverse propagation modes of ultra-high-energy protons (ranging
from rectilinear to diffusive regimes), local source overdensities or deficits,
large-scale cosmic inhomogeneities, and statistical fluctuations in interactions.

However, certain discrepancies between the UHECR spectra measured
by PAO and TA, likely of astrophysical origin, make the situation particularly
intriguing. Specifically, TA reports a more intense flux of CRs above 1015 eV
and a higher cutoff energy. This is especially noteworthy considering the GZK
effect, where the flux of nuclei above 60 EeV is expected to be significantly
attenuated due to pion photoproduction interactions (Eqs. 1-8 and 1-9) with
the CMB. Observing an intense flux above this energy could indicate the
presence of a nearby UHECR, source, where nuclei have insufficient time to
interact with the background photon field. In technical terms, the photopion
mean free path would exceed the source’s distance to Earth.

To address these, it is necessary to delve deeper into the details of
both PAO and TA experiments: Located in the Southern Hemisphere, PAO
observes the sky below a declination of 24.8° (136), while TA, located in
the Northern Hemisphere, observes the sky above —15.7° (129). There are
therefore large portions of the Northern and Southern Hemispheres that are
observed exclusively by TA and PAO, respectively, but there is also a common
declination band, —15.7° < 6 < 24.8°, where the sky is observed by both
experiments. Therefore, the measurements from PAO and TA are expected to
align in this energy region. However, a systematic difference of approximately
9% in the absolute energy scale persists between the two. This discrepancy has
been well-characterized by the TA and Auger Joint Spectrum Working Group,
which was formed to investigate variations in spectrum measurements. The
difference is attributed to the use of different constants in the reconstruction

of fluorescence data, a factor that introduces negligible energy dependence
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(137, 138, 139, 140).

Crucially, even after accounting for this energy rescaling, an excess in the
TA spectrum remains apparent with 8¢ significance (141). TA’s data further
reveal anisotropy features, including the prominent “Hotspot” (142) and the
“Perseus-Pisces supercluster” (PPSC) excess. These anisotropies were detected
through oversampling methods applied to intermediate angular scales. Recent
analyses demonstrate that removing events associated with these regions
eliminates the excess and brings the PAO and TA spectra into alignment (141).
This indicates that the excess is likely astrophysical in origin, tied to specific
sky regions rather than systematic issues, providing valuable clues about the

sources of UHECRs.

1.3.3
Mass Composition

The mass (chemical) composition of CRs incident on Earth is a crucial yet
unresolved piece of the puzzle in understanding their origin and propagation.
By studying the chemical makeup of CRs across different energy ranges, we can
gain insight into the astrophysical processes responsible for their production
and their journeys through space. However, the picture remains incomplete,
with significant open questions for investigation.

At lower energies, direct measurements of CR composition provide a more
detailed picture. Galactic CRs are thought to originate from material similar
to the interstellar medium (ISM) and the solar system, mixed with a smaller
fraction of stellar wind material expelled by massive stars. Evidence suggests
that about 80% of CRs at low energies are derived from interstellar gas, with
the remaining 20% coming from ejecta of massive stars, including Wolf-Rayet
winds and core-collapse supernovae (143). These CRs predominantly consist of
protons, but electrons, positrons, and antiprotons are also present, along with
heavier nuclei such as helium, carbon, oxygen, and iron. As shown in Figure 1.7,
the notable abundance of nuclei like lithium (Li), beryllium (Be), and boron
(B) among CRs is particularly intriguing, given that these elements are not
products of stellar nucleosynthesis. From a thermonuclear standpoint, these
nuclei are fragile, with low binding energies that make them easily destroyed
in stellar environments, leaving them scarce in the ISM. Their prominence
in cosmic ray fluxes is instead attributed to the spallation of heavier nuclei,
such as carbon (C) and oxygen (O), which are abundant in the ISM. Thus
they are largely considered as “secondaries”. Given the known ISM density
of O(1)em ™3, the observed abundances of these secondary species imply that

CRs spend significantly longer times in the Galaxy than the simple ballistic
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Figure 1.7: Relative abundances of CR species, compared to Solar System
values, normalized to Si = 10°. Figure from (10)

crossing time would suggest. This extended residence time provides some of
the earliest and most compelling evidence for diffusive cosmic ray propagation
within the Galaxy.

The transition to higher energies, however, complicates the composition
studies and indirect detection methods become necessary, as the flux of CRs
decreases sharply with energy. At ~ few PeV energy, there is some evidence
of change in the chemical composition coincide with the knee. However, the
details of this transition remain poorly understood. Some studies suggest it
is dominated by light elements (144), while others argue that intermediate-
mass elements become predominant (145). This debate underscores the need
for further experimental clarity.

At the ultra-high energies (E 2> 10 ¢V) PAO and TA utilize hybrid
detection techniques to study the composition of UHECRS: a surface detector
(SD) array measures the charged secondaries that reach the ground level,
while fluorescence detectors (FD) measure the longitudinal development of
the air showers in the atmosphere in clear moonless nights. A key observable
in these studies is X,,.x, the atmospheric depth where the shower reaches its
maximum development (146). Both the mean, (X,,.x), and the dispersion,
0(Xmax), provide insights into the primary composition (147, 148). More
specifically, the parameter X, known as grammage, represents the column
density encountered by a particle along its trajectory and it is defined as the

path-integrated density: X = [ d¢p(¢), where p(¢) is the local density along the
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Figure 1.8: The hadronic shower scheme from (11)

path of propagation through the atmosphere. Beginning with a primary nucleus
of energy Ey, the CR collides with atmospheric molecules, producing pions
(7% and 7*) among other secondaries. The neutral pions (7°) decay almost
instantaneously into photons, giving rise to electromagnetic sub-showers. In
contrast, the charged pions (%) propagate some distance before undergoing
further interactions, generating subsequent generations of pions. This chain of
particle multiplication continues until the energies of the pions drop below a
critical threshold, F., where their decay into muons becomes more probable
than other interactions. At this stage, the number of particles in the shower
reaches its maximum, corresponding to the maximum grammage, X,.x. Below
E., the remaining 7 predominantly decay into muons, which can be detected
at ground level. This simplified model of extensive air shower development is
visually represented in Figure 1.8.

The interpretation of (Xpax) and o(Xpax) can be framed through the
“generalized Heitler” model of EAS (149). In this model, (X ,,.x) scales linearly
with log,q(A), where A is the atomic mass of the incident CR. This relationship
provides a practical method for inferring the composition of CRs in ground-
based experiments. However, as previously mentioned, converting shower
development measurements into the incident CR’s characteristics relies on
shower simulation codes and assumptions about hadronic interaction models,
introducing inherent uncertainties in determining the mass composition. For
a detailed discussion, I refer the reader to the extensive body of work on
this topic, including (11, 147, 148, 149, 150, 151), and the references therein.

Furthermore, some of the state-of-the-art codes for simulating extensive air
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Figure 1.9: (X ax) and (X .y ) measurement of UHECRs inferred on an event-
by-event level using the SD and FD. Using the depp learning the measurements
are extended up to 100 EeV (10?° ¢V). Figure from (12)

showers (EAS) include CORSIKA (152), SENECA (153), and CONEX (154), among
others.

Figure 1.9 presents the latest measurements of (X,.x) and o(Xyax) for
UHECRs observed by PAO using both surface and fluorescence detectors.
The plots include reference lines for pure proton (p) and pure iron (Fe)
compositions, shown in red and blue, respectively. As evident from these
results, at the highest energies, the chemical composition of CRs appears
consistent with heavy nuclei. Additionally, some studies suggest that the
(Xmax) values reported by PAO may reflect a heavier mass composition due to
potential systematic biases in the shower models (155). Recent analyses from
the Telescope Array (TA) also indicate a preference for intermediate to heavy
elements at ultra-high energies (156).

Recently, the LHAASO Collaboration provided precise measurements of
the all-particle energy spectrum and the mean logarithmic mass, (In A) of CRs
in the energy range from 0.3 PeV to 30 PeV. By combining CR data from
space-based experiments such as AMS-02 and DAMPE with ground-based
observations from LHAASO and the PAO, they constructed a comprehensive
model that reconciles these measurements over a wide energy range, from tens
of GeV to tens of EeV. This analysis links the formation of the second knee in
the CR spectrum, observed around 200 PeV, to the cutoff of galactic iron and
potentially the elements within the Z = 53 group (157).

All in all, despite the significant advancements in the experiments and
their data analysis, the chemical composition of CRs, particularly at the ultra-

high energy stage, continues to be an open problem.
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1.34
Cosmic Ray Propagation

As we discussed, significant advances have been made in CR observations,
providing a rich tapestry of data in this field. However, on the theoretical
front, it remains crucial to develop models grounded in known physics that not
only reproduce existing observations but also predict measurable features for
future experiments. In the previous sections, we outlined some of these models,
discussing key features of the CR spectrum. In this section, I take a step
further to delve into the foundational ideas behind these models. Specifically,
addressing the primary aspects of CR studies, i.e. chemical composition,
spectrum, and arrival direction, requires answering three big questions: 1) How
does nature accelerate particles? 2) How do these particles propagate through
the complex environments within, around, and beyond their sources? 3) How
do these particles lose energy and emit radiation? In this section I will adopt
a phenomenological approach to explore these questions.

However, before exploring these questions, let me introduce some key
quantities commonly used in CR literature. These include the particle momen-
tum, p = |p| = mpBvy, and the total energy, E = v/m?2 + p2 = /A2m3, + p2.
In the low-energy regime of CRs (GeV — TeV), additional quantities are fre-
quently employed: the total energy per nucleon, Ex = E/A; the total kinetic
energy, K = E—m; and the kinetic energy per nucleon, Ky = Ex—my. These
quantities are particularly useful for analyzing spallation processes, where they
remain preserved. Here, A represents the atomic mass number, and my is the
nucleus mass: m, = 938.2 MeV for the protons and A X M, for heavier nuclei,
where mam, = 931.5 MeV is the atomic mass unit. Another crucial parameter
in CR physics is rigidity, R = p/q, which reflects the particle’s momentum-
to-charge ratio. CRs with the same rigidity undergo identical deflections in
magnetic fields, making this quantity helpful for studying their transport.

Building on the three fundamental questions mentioned earlier, the first
two are closely tied to the complex dynamics of charged particle transport in
magnetic fields. But how do we know that CRs undergo such intricate motion?
This question is even more fundamental, with its answer rooted in observations
and insights gained from our study of the Universe.

Perhaps the clearest and most compelling evidence for the non-trivial
motion of CRs lies in the significant abundance of fragile nuclei such as
boron (B), lithium (Li), and beryllium (Be) in galactic CRs, as discussed
in Section 1.3.3. These elements could not have been synthesized during
big bang nucleosynthesis because the Universe cooled too quickly for their

production. Additionally, their destruction rates exceed their production rates
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in stellar environments, leading to their depletion in the ISM. Yet, their notable
abundance in incident CRs implies that they are produced during the spallation
processes of primary CRs, such as carbon (C) or oxygen (O), as they propagate
toward Earth.

The cross sections for these spallation processes are relatively well-known,
osp ~ 45A%"mb,” where A is the atomic mass of the parent nucleus. By
requiring that the B/C or B/O ratios match the observed values, one can
deduce that the confinement time of primary nuclei in the galaxy must be of

the order of the spallation timescale:

H AN
Top & [na(h/H)og) ™ 2 100 (4 kpc) (12> Myr, (1-10)

where ng is number density of the target nuclei in the ISM, h is the half-
thickness of the galaxy in the thin disk model and H is the galaxy halo
size. As one can infer from Eq. 1-10, the Carbon nucleus confinement time
inside the galaxy must be around 100 Myr, much longer than its ballistic time
m ~ H ~ 10*(H/4 kpc) yr.

Going back to our big questions, the diffusive propagation of CRs can be
understood intuitively by considering charged particle motion in a magnetized
plasma with a homogeneous magnetic field of strength By = |Bg| and a
perturbation dB. In fact, many astrophysical systems, such as astrophysical
sources, the interstellar medium, and the intergalactic medium, exist in a
very approximate form of Magneto Hydro Dynamic (MHD) plasma with high
electric conductivity. Consequently, maintaining large-scale electric fields is
often challenging. More precisely, the only electric fields that can be sustained
are those associated with the motion of magnetized plasma. Such induced
electric fields are of strength £ ~ 3,8, where 3, = v, is the velocity of plasma
motion. In most cases of interest v, < 1 and therefore the induced electric fields
are small except for the relativistic plasma. Hence, across much of the universe,
the absence of electric fields on large scales remains a valid approximation. In
this approximation, the trajectory of a particle of charge ¢ = Z|e| and mass m
moving with velocity v (associated to Lorentz factor v(v)) in the large-scale

magnetic field By, is governed by the equation of motion (EoM)

d(m~yv) dv
B S A By = — 1-11

where the last equality arises from the fact that in the absence of electric field
the particle’s energy does not change with time, thereby v, velocity modulus v,
and momentum modulus p remain constants. Moreover, Eq. 1-11 implies that

9The barn (b) is a unit of cross section commonly used in nuclear and particle physics.

One barn is defined as 1b = 1072%cm?. For this case, the cross section is expressed as
4.5 x 10726 4%Tem?,
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the velocity component v) parallel to By remains constant both in modulus
and direction. Additionally, it is evident that the cosine of the angle between
the velocity vector and the magnetic field direction, u = v/v, dubbed as the
pitch angle, is a constant of motion. By elaborating on Eq. 1-11 and choosing

a coordinate system where Bg aligns with the Z-axis, one arrives at:
vz(t) = v cos(¢p — Qt), (1-12)

vy (t) = vy sin(¢p — Q1) (1-13)
where v) = /v +v2 = v\/1— 2, ¢ is an arbitrary phase with no physical
significance, and Q = ¢By/my is the gyrofrequency.

These expressions, combined with the condition p = constant, define
what is referred to as the unperturbed trajectory: the motion of a particle in
the presence of an ordered magnetic field.

However, this simplistic picture does not resolve the timescale issues
we discussed at the beginning of this section, since the motion along the
magnetic field occurs at a significant fraction of the ballistic velocity. This
would prevent the extended confinement time observed in CR propagation
unless p is exceptionally close to zero. Such a condition, however, applies
to only a negligible fraction of particles, making this scenario inadequate for
describing realistic CR transport.

In another point of view, the gyration radius of the charged particle

around the magnetic field, known as the Larmor radius, is

TL:U/Q:\/l—/ﬂ;zozl()ﬁ /1 — p? ((,}]i/') ('MBGO}> pc. (1-14)

The Larmor radius can be interpreted as an estimate of the confinement
scale within the system. Particles with energies corresponding to a Larmor
radius larger than the size of the system can potentially escape. Alternatively,
from another perspective, in order to accelerate charged particles to ultra-high
energies, they must be confined. Therefore, the Larmor radius can be viewed
as a measure of the system’s maximum acceleration capability. Referring to
equation 1-14, the maximum energy corresponding to the Larmor radius is

given by

Eoox = qRBy or Rupax =~ RBy, (1-15)
known as the “Hillas criterion”(158). This implies that to confine particles with
higher energies, a source must possess either a stronger magnetic field or a

larger size. For instance, considering a mean Galactic magnetic field strength
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Figure 1.10: An updated Hillas diagram, illustrating the constraint that the
Larmor radius of a 10%° ¢V particle must be smaller than the characteristic
source size, R. The blue curve marks the threshold for protons, while the red
curve delineates the limit for iron nuclei. Various types of astrophysical sources
that can meet the requirements are also shown. Figure from (13).

of B ~ uG, the Milky Way (with R ~ 10 kpc) can only confine protons
up to ~ few x 10'® eV. However, this rather intuitive criterion represents a
highly optimistic estimate of the maximum energy, a condition seldom met
in astrophysical scenarios. The primary reason is that the induced electric
field cannot maintain coherent either over the age or over the spatial size of
the acceleration region. Hence, the Hillas criterion should be considered as
an absolute upper bound to the maximum energy of a generic accelerator.
A modern version of the Hillas diagram is presented in Figure 1.10. It is
constructed by requiring the Larmor radius of a 10?° eV particle to remain
smaller than the characteristic source size, R.

Now let us introduce small-scale stochastic perturbations, 0B, to the
magnetic field. For simplicity we assume the perturbations be perpendicular
to Bg = ByZ which occurs when the perturbations take the form of Alfvén
waves propagating along Bg. Thus, 0B = (0B,,0B,,0). In this case, the
“no electric field assumption” requires a more precise discussion because the
magnetic field of the Alfvén wave is associated with an electric field of strength
0E = vaBy, where v4 = By/\/4mp is the Alfvén velocity of the wave in a
medium with density p. As v, is typically non-relativistic, the electric field

is small. Therefore, the equations of motion can be interpreted either as
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approximate ones or, more accurately, as the equations of motion of the particle
in the reference frame in which the wave is at rest, known as the “wave frame”.
In the wave frame, 0B implies a perturbation in the x — y plane trajectory
with p being the only parameter that changes in time.

For the simplicity we can assume that the perturbation is circularly
polarized and have a purely spatial wave dependence with wavenumber k and

phase 1. Therefore we can write:

0B, = 0B cos(kz + 1), (1-16)
0B, = £dBsin(kz + 1), (1-17)

thus the EoM for the pu writes
du  qdBy1 —p?
dt my
Equation 1-18 reveals two key properties: First, its periodic dependence on

cos[p £ ¢ £+ (kpv F Q)t]. (1-18)

time ensures that the average pitch angle p vanishes over sufficiently long

T g
lim / M= (1-19)

>0~ 1
Second, while the average Vamshes, the variance of p does not:

periods:

2

() = (1) () o -2, )
where §(kuv — ) is the Dirac delta function. Notably, the variance grows
linearly with time T, signaling the onset of a diffusive behavior. Together,
Eqgs. 1-19 and 1-20 illustrate that, over time, the particles undergo a gradual
loss of directionality, ultimately leading to complete isotropization. Another
characteristic of Eq. 1-20 is it’s (semi)resonant behaviour as manifested by
d(kpv—Q) term. Assuming p ~ 1, the resonance condition becomes k ~ /v =
1/rr, indicating that the resonance condition is met only when k~! approaches
the scale of the Larmor radius, r;. More specifically, if the perturbation length
scale (wavelength) is much larger than the Larmor radius (k= > rp), the
particles perceive the perturbations locally as a large-scale magnetic field and
begin to gyrate around them. Conversely, if the Larmor radius is much larger
than the perturbation wavelength (r; > k~!), the particles barely interact
with the perturbations and predominantly follow the large-scale magnetic field
(Bo). However, when the perturbation wavelength is comparable to the Larmor
radius (ry ~ k71), the particles’ trajectories are significantly influenced by the

perturbations, as schematically illustrated in Figure 1.11.
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Figure 1.11: Sketch of the resonant CR diffusion mechanism. The direction of
the CR is significantly affected when the Larmor radius marches the wavelength
of the perturbation (bottom panel); otherwise the CR just ‘surfs’ the wave if
its Larmor radius is very small (top panel) or “ignores the perturbation”, if its
Larmor radius is very large (middle panel). Figure from the lecture of Pasquale
D. Serpico at PUC-Rio.

0

Analogous to Brownian motion!?, we can define the diffusion coefficient
)

for the cosine of the pitch angle as:

L /ApAp\  w o (0B ’
DW—2< = >_ "0 m(BO) b6k — ke (1-21)

Physically, Eq. 1-21 indicates that particles change their pitch angle by
interacting with magnetic field perturbations in the plasma, but only if the
resonance condition is satisfied.

However, one could rightly argue that considering only a single wavenum-
ber is not entirely realistic. This derivation can, in fact, be easily generalized

to account for an ensemble of perturbations with varying wavenumbers:

s 5B(k)\> T
Duu = *(1 - M2)Q/dk ﬁ |kreS|5(k - kreS) = *(1 - /~L2)Q}_(kreS)a
2 By 9
(1-22)
where F(kpes) = |kres| (0B (kres)/Bo)? is the power spectrum of the perturba-
tions at the resonant scale and is a dimensionless quantity.
To quantify the implications of the concepts discussed so far, let us
estimate some relevant orders of magnitude. Starting with du = d(cosf) =

(1 — p?)'/2d6, the angular diffusion coefficient can be written as:

10Tn a random walk, the variance of the particle displacement after time ¢ can be expressed
as (X?2)(t) = Dt, where D is the diffusion coefficient.
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1 /AGAG T
Dog=-{—)=20Q 1-2
66 9 < T > 9 }-(kres)a ( 3)

where Dgg has units of radians per unit time. The timescale for an angular

deflection of order one radian is then:

1 2
T~ — =20 F Yk . 1-24
= 20T e (1-24)
Since F < 1 (perturbation assumption), a substantial change in direction
requires numerous gyrations. The distance a particle travels before such a
deflection, A\p = wvT, corresponds to the diffusion path length. This allows us

to define the spatial diffusion coefficient as:

D..(p) = ;’U)\D = ;TTL;p)U (1-25)
From the observed secondary-to-primary abundance ratios (e.g., B/C, B/Be),
it is inferred that the galactic halo extends to approximately H ~ 5kpc,
with a confinement time for ~ 1 GeV particles estimated as H?/D ~ 80 Myr.
Assuming By = 1 uG to compute the Larmor radius and using Eq. 1-25, we
estimate F(1GeV) ~ 107%. This indicates that even a small perturbation,
with B/By ~ 1073, is sufficient to transform ballistic motion (~ 10* yr)
into diffusive motion (~ 80 Myr): although the perturbation is minor, its
macroscopic effects are significant.

So far, we have demonstrated, phenomenologically, that small perturba-
tions in a large-scale magnetic field lead to the diffusive motion of charged
particles. While this provides a valuable phenomenological insight for under-
standing CR propagation in the interstellar or intergalactic medium, it is im-
portant to recognize its limitations. The diffusion coefficients derived earlier
are suitable for obtaining orders of magnitude but fall short in facilitating
quantitative calculations for CR propagation. Indeed, the propagation of CRs
in magnetized plasma presents considerable complexity, as evidenced by the
observations.

The formal approach to studying CR propagation is through the Vlasov
equation, which governs the dynamics of a distribution function in phase space.
Assuming the dominance of the Lorentz force and neglecting electric fields, the

Vlasov equation can be written as:

of . = L= 0f
T +v~Vf—|—q(v><B)~aﬁ—O, (1-26)

where p'is the particle momentum, related to the velocity v by p = m~v, and
f is the particle phase-space density. The number density of particles at any

point (Z,t) can be obtained from f as:

n(7,t) = / BFf(Z,F,1) . (1-27)
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In Eq. 1-26, the magnetic field B represents the total field in the environment,
which typically comprises a regular component, éo, and small perturbations,
§B. Maxwell’s equations, with source terms for charge and current densities,
govern this field, incorporating contributions from both the background plasma
and non-thermal particles. Importantly, Eq. 1-26 inherently describes the
collective dynamics of particles, including their interactions with self-generated
perturbations, making it a powerful theoretical framework.

To simplify the problem, we linearize the Vlasov equation by introducing
perturbations into both the magnetic field and the distribution function, such
that B = By + 0B and f = fo + 6 f, where f, is the solution corresponding to
the uniform field EO.

Solving the full Vlasov equation, especially for realistic CR propagation
scenarios, requires significant computational resources and advanced numerical
techniques. While such detailed solutions are beyond the scope of this thesis,
I outline the transport equation’s simplified form and explain the physical
significance of its terms to provide the necessary context for the analyses in
Chapter 4.

Starting from the perturbed forms of f and B in Eq. 1-26 and transi-
tioning from pitch-angle diffusion to spatial diffusion (as described earlier), we
arrive at the CR transport equation. A key point to consider is that the pertur-
bations to the magnetic field are not static—they propagate at finite speeds in
the Galactic (or Lab) frame. This dynamic nature introduces additional effects
that we will discuss further. By assuming the “scattering centers” move with
velocity @ and transforming the particle momenta to a frame comoving with

these scattering centers, the transport equation writes:

dfo 0 dfo dfo  10u; [ dfo 10 (5., 9f
9% _ 9 (p, 2o _ 2 9lo) _ = 9 (p2p 910 (19
ot Oux; < " 8@-) s Ox; 30z, p op p2 Op P op )’ (1-28)

where now p is the momentum measured in the scattering center frame and D,
denotes the diffusion in the momentum space. Although we have not provided
the details of the calculation, we can gain deeper insight by examining the
physical meaning of each term in Eq. 1-28:

dfo
ox;

CRs driven by large-scale flows, such as Galactic winds. These flows are

— The term u; 2% describes advection, which accounts for the transport of

generally directed perpendicular to the Galactic plane and are often mod-

eled as antisymmetric, with u(z) = —u(—=z). For typical wind velocities

1

of u ~ 10 km.s™", advection significantly influences CR propagation at
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energies around 1 GeV. However, its contribution becomes less important

at higher energies, where other transport mechanisms dominate.

— The term, _%g;: (p%—];)), describes adiabatic energy changes. When the
flow is diverging, particles experience adiabatic energy losses, whereas
converging flows result in energy gains. This mechanism becomes par-
ticularly significant in models with non-uniform Galactic winds, where
spatial variations in the flow velocity influence particle propagation. Fur-
thermore, in certain scenarios this term plays a crucial role in accelerating

particles and can effectively produce a source term, Q).

— The reacceleration term, ;%a% (pQDpp%—J;)>, describes the diffusion of par-
ticles in momentum space. This process arises when the motion of scat-
tering centers is incoherent, such as in a turbulent distribution of waves
moving in various directions. In this scenario, the residual velocity of
these waves relative to the plasma frame generates magnetic perturba-
tions associated with electric fields. These fields drive stochastic inter-
actions with CRs, characterized by the momentum diffusion coefficient
D,,,. This term is particularly relevant for shaping the spectrum of CRs
at energies below a few GeV and may also contribute significantly to

particle acceleration at their sources.

In Chapter 4, we present a more comprehensive form of the CR trans-
port equation, including source terms from astrophysical objects and nuclear
spallation processes, which with some approximation will be used to gauge the
sub-dominant energy loss processes for CRs at low energies (0.1 — 5 GeV), the
central focus of that chapter.

Indeed, Eq. 1-28 serves as a remarkably versatile tool for describing a
wide range of physical phenomena involving CRs. Two of the most significant
applications are the transport of CR protons within the Milky Way (or other
galaxies) and the diffusive particle acceleration at non-relativistic shock fronts.
In this section, we have outlined the fundamental concepts of galactic CR
propagation. In the next section, we will briefly discuss the basics of models for

CR acceleration within astrophysical sources, shedding light on their origins.

1.3.5
Cosmic Rays Origin or How to Accelerate the Cosmic Rays

To this point, we have focused on what CRs reveal to us upon reaching
Earth and explored their propagation through the galactic and intergalactic
medium. Yet, the pivotal question remains: Where do cosmic rays originate?

This question is far from straightforward, as CR production must satisfy

several critical conditions: ¢) there must be a source of immense energy—be
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it the kinetic energy of supernova remnants (SNRs), the rotational energy of
pulsars, or the gravitational energy harnessed by an accretion disk surrounding
a supermassive black hole. 7)) An efficient mechanism must exist to transfer
this energy to CRs, one fundamentally rooted in electromagnetic interactions,
as CRs are charged particles. Crucially, this mechanism must be non-thermal,
capable of generating the characteristic power-law energy spectrum observed
in CRs. 4ii) The particles require sufficient time to be accelerated to their
observed energies, which means that they must remain confined within the
acceleration region long enough to complete this process. iv) The acceleration
must outpace energy losses; otherwise, the particles would lose energy faster
than they gain it, rendering the entire process ineffective.

For the conditions (), (4i¢), and (iv), there is no shortage of astrophysi-
cal objects that provide the necessary large-scale environments, sufficient con-
finement times, and rarefied conditions required for particle acceleration. For
example, see Figure 1.10, illustrating the Hillas condition. Therefore, the cen-
tral challenge lies not in identifying potential sites, but in understanding the
mechanisms at play.

In fact, the acceleration of charged particles relies on electric fields, but
in astrophysical plasmas, large-scale electric fields are effectively neutralized.
Exceptions occur in rare regions, such as the magnetospheres or winds of
neutron stars and near black holes or their accretion disks, where significant
voltage drops may accelerate particles. Magnetic fields, on the other hand, are
ubiquitous in astrophysical environments. While they cannot directly perform
“work”, coherent electric fields can arise when magnetic disturbances propagate
coherently through the plasma, such as during shock acceleration.

When a magnetic field remains approximately constant over a single
Larmor gyration, a particle conserves its magnetic moment, u = p* /B, where
p. is the momentum component perpendicular to the magnetic field. Since
magnetic fields cannot perform work, the total momentum, p* = p + pi, is
also conserved. If a particle enters a region with a stronger magnetic field (B),
its p, increases, leading to a decrease in p). If the magnetic gradient is steep
enough, the particle may reverse its motion after coming to rest along the
magnetic field direction, a phenomenon known as magnetic mirroring.

Such magnetic mirrors, also referred to as magnetic clouds or magnetic
irregularities, provide an effective mechanism for scattering particles in regions
with non-uniform magnetic fields. Building on Alfvén’s insight into the preva-
lence of these magnetic irregularities in the interstellar medium (ISM), Enrico
Fermi proposed that repeated scattering against such magnetic clouds could

naturally lead to particle energization (159, 160).
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In the rest frame of the magnetic cloud, particle interactions are elastic.
However, if the cloud itself is in motion, particles can gain or lose energy: head-
on interactions lead to energy gain, while tail-on interactions result in energy
loss. This energy exchange arises from the motional electric field generated
by the moving cloud. On average, particles gain energy because head-on
interactions are statistically more frequent than tail-on ones. The interaction
rate depends on the relative velocity between the particle and the magnetic
cloud, encapsulated by the so-called “flux factor”. For a particle moving with
velocity ¥ and interacting with a cloud moving with velocity 3 (both measured
in the lab or Galaxy frame), the probability of interaction per solid angle is

given by:

P(u) 1_‘%’; — (1 Bu) + O(5), (1-20)

where p = cosf is the cosine of the angle between the particle and cloud
velocities, with y = —1 corresponding to a head-on interaction. In the
approximation shown, v — 1 (relativistic particle) and § < 1 (non-relativistic
cloud). Equation 1-29 illustrates that head-on interactions (u = —1) are more
probable, statistically biasing the process toward energy gain.

If the particle’s initial energy in the lab frame is E;, its energy in the cloud
frame is given by E! = vE;(1 — Bu), where 7 is the Lorentz factor associated
with the cloud’s velocity. Since the interaction in the cloud frame is elastic,
the particle’s final energy in the cloud frame is the same as its initial energy:

B} = Ej. Transforming back to the lab frame, the particle’s final energy is:

Ef = vEj(1+ Bit) = V(1 — B)(1 + Bji) (1-30)
where [i is the exit angle of the particle in the cloud frame. Assuming [ is
isotropically distributed (i.e., uniformly distributed between —1 and 1), the
average fractional energy change is:

<E’EE> = 7*(1—fBp) — 1. (1-31)
i h
The net energy gain of particles, averaged over all possible cloud-particle

interactions, is then:

() =L v, oo

The scaling of the energy gain per cycle with the square of the cloud velocity
(5%) defines the mechanism known as second-order Fermi acceleration. Nev-
ertheless, with ISM magnetic fluctuations on the order of the Alfvén speed,

B~ vy ~ 107° — 1074, approximately 10!° collisions would be required to
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merely double the particle’s energy. As a result, the process remains highly
inefficient.

However, if all collisions were head-on, the energy gain would scale
linearly with /3, making the process far more efficient. This is the foundation of
what is known as diffusive shock acceleration or first-order Fermi acceleration.
Contrary to its name, this mechanism was not proposed by Fermi but was
independently developed by Axford et al. (161), Bell (162), and Blandford
and Ostriker (163) in the 1970s. They demonstrated that applying the Fermi
process to shock waves alters the geometry of the problem compared to second-
order Fermi acceleration, inherently enhancing the acceleration efficiency.

Shock waves represent propagating disturbances that travel faster than
the local sound speed, resulting in abrupt changes in macroscopic variables
such as density, pressure, and velocity. They are a physical realization of a
mathematical discontinuity, i.e., sharp transitions in macroscopic quantities
achieved over microscopic distances. The key idea behind diffusive shock
acceleration is that if particles can be scattered repeatedly across the shock
front, they will undergo a sequence of head-on collisions. This iterative process
allows the particles to gain energy efficiently.

Consider an infinite one-dimensional shock front propagating along the
Z direction. In the shock front frame, the unshocked plasma (referred to as the
“upstream”) moves towards the shock with velocity u; from z = —oco. At the
shock location, the gas is compressed, heated and slowed down to velocity us.
As the plasma crosses the shock into the “downstream” region, most of the
particles lose a significant portion of their kinetic energy to internal motion,
resulting in a temperature increase downstream. However, a few particles, those
at the tail of the thermal distribution with a Larmor radius larger than the
shock thickness, may cross the shock if they are moving in a favorable direction,
thus initiating the acceleration process. An analysis analogous to the one for

second-order Fermi acceleration allows us to derive the energy gain per cycle

AFE 4
< f > ~ 3w —u2). (1-83)

A schematic picture of the Fermi acceleration mechanisms is shown in Figure.
1.12.

The spectrum of particles accelerated by the Fermi process can be

in this mechanism:

obtained by solving the transport equation (Eq. 1-28), but here we will focus on
the key features. The most important property of diffusive shock acceleration
is that it accelerates particles into a power-law spectrum potentially spanning

an unlimited range of energy that does not depend on the specifics of particle
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Figure 1.12: Schematic picture of diffusive shock acceleration (First order Fermi
acceleration) in the right panel and second order Fermi acceleration in the left
panel.

scattering. Bell (162) demonstrated this elegantly. Let us consider Ny test
particles with initial energy Ej injected into a generic acceleration mechanism.
Define G = AE/E as the fractional energy gain per cycle, and 1 — P as
the probability that a particle leaves the accelerator after each cycle. After
one cycle, NyP particles will have energy GEy. After k cycles, the number
of particles will be N, = NyP* and their energy will be E, = E,G*. By
eliminating k& = In(Ny/Ny)/In P = In(Ey/Ey)/ In G, we arrive at

N, = Ny <§z) ¢ , (1-34)
where Q = —In P/InG.

Supernova Remnants (SNRs) are believed to be the primary astrophysical
sources responsible for the acceleration of galactic CRs via the first-order
Fermi mechanism. Among extragalactic sources, radio-loud and jetted Active
Galactic Nuclei (AGNs) provide multiple sites for efficient particle acceleration.
These include regions near the black hole (e.g., “vacuum” gaps), the inner (pc-
scale) and outer (kpec-scale) jets, the jet termination shock (“hot spots”) in
powerful sources, the back-flowing region, and the jet-inflated lobes (see, e.g.,
Figure 1.13). In these environments, a range of acceleration mechanisms can
be active, including both first- and second-order Fermi acceleration.

A distinct mechanism for CR acceleration is categorized as “one-shot”
mechanism. In this mechanism the particle’s acceleration occurs predominantly
in a single event rather than through repeated cycles. Astrophysical sources
with strong magnetic fields, such as pulsars, provide necessary condition

for this single-event process. Neutron stars exhibit extremely strong surface
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Figure 1.13: Schematic representation of a radio galaxy or jetted AGN,
highlighting potential sites for cosmic particle acceleration. These include the
black hole vicinity (gaps), the inner and outer jets, the jet termination shock
(hot spot), the back-flow region, and the large-scale lobes. The dominant
acceleration mechanism varies across these regions, depending on the local
conditions. Figure from (13).

magnetic fields (O(10'?) G) confined within small radii (a few kilometers) and
rotate rapidly (O(10) s™!). These conditions create a powerful induced electric
field between the equator and the pole, capable of accelerating nuclei to high
energies in a single event. Another site for this mechanism to occur is near
supermassive black holes (SMBHs) under conditions of very low accretion
rates, where an advection-dominated accretion flow (ADAF) forms. In such
systems, relativistic electrons emit soft gamma rays via Bremsstrahlung,
and some MeV photons interact to produce electron-positron pairs in the
magnetosphere. Normally, these pairs screen electric fields along magnetic field
lines. However, when the accretion rate is sufficiently low, the pair density
becomes inadequate to fully screen the fields. This results in a charge-starved
magnetosphere where an electric field arises along the magnetic field lines,
enabling the acceleration of charged particles.

There is much to be discussed regarding acceleration mechanisms, various
models, and their consistency with observations across different astrophysical
sources. However, such discussions are beyond the scope of this dissertation.
For a comprehensive review, the reader is referred to works such as (13, 164,
165).
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The remainder of our discussion on CRs will form the core of this thesis.
In the next section, I will examine the energy loss processes of CRs, both
within and outside astrophysical sources. These processes not only influence
CR acceleration and propagation but also offer a unique avenue for studying

them through the detection and analysis of other standard model particles.

1.3.6
Cosmic Ray Energy loss and Multi-Messenger Approach

To this point, we have discussed the CR propagation using a statistical
approach, with the Boltzmann-Vlasov equation serving as the foundation for
modeling it. In this approach, electromagnetic inhomogeneities and magnetic
irregularities are encapsulated within the collisionless term of the equation,
giving rise to spatial and momentum diffusion.

That said, collisional effects, the right-hand side of the Boltzmann-Vlasov
equation, are far from negligible. They determine fundamental properties such
as the maximum energy CRs can attain, F,.., as well as their spectral shape
and chemical composition. Additionally, collisional interactions of CRs produce
~v-rays and neutrinos. Unlike charged cosmic rays, photons and neutrinos are
unaffected by electromagnetic deflection, making them valuable probes for
studying CR acceleration and propagation.

Before delving into CR interactions, it is essential to establish the key
quantities of an interaction that underpin our analysis. Among these are
the kinematic parameters of an interaction e.g. Mandelstam variables, total
cross section, o, differential cross section with respect to energy, do/dFqys,
interaction length or mean free path, X\, optical depth, T, stopping power,
—dFE/dz and inelasticity, n.

The total cross section of a process is a measure of the probability of
that process occurring. It is a Lorentz-invariant quantity, making it a fun-
damental parameter in describing interactions. However, calculating the total
cross section can be highly nontrivial, depending on the type of interaction.
For a few QED processes, analytical calculations are possible. For most other
QED processes, however, numerical methods become indispensable. This chal-
lenge is even greater for QCD processes. The fundamental theory describing
strong interactions among quarks and gluons is only perturbatively applicable
to high-momentum transfer processes, such as those studied at the LHC. In
the processes of interests to us, however, quarks and gluons within nucleons are
not resolved, and QCD enters a strongly coupled regime where perturbative
methods fail. Instead, nuclear interactions can be effectively described using

Yukawa theory, in which nucleons exchange strongly coupled, massive media-
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tors (pions). This framework explains the short range and intensity of nuclear
forces. Since the Yukawa interaction range is comparable to or smaller than
the size of nuclei, nuclear cross sections, dominated by inelastic processes at
energies above 1 GeV /nucleon, scale approximately with the geometric size of
the nuclei. For nuclei with mass number A, the radius scales as R ~ 1.2A41/3
fm, leading to cross sections proportional to A%/3. Ultimately, the most reli-
able method for determining cross sections is the experimental measurement,
followed by the development of empirical fitting functions to represent the
data.

In do/dE,y, the energy Eg, denotes the energy of one of the outgoing
particles from the process, typically the most energetic one. This quantity
characterizes the energy distribution of the outgoing particle in the interaction.

The mean free path, or interaction length, quantifies the average distance
a particle travels before undergoing an interaction with a particle from the
surrounding target field. This quantity is inherently tied to the density of
targets in the environment and their energy distribution, as these factors
directly influence the probability of collisions. The corresponding collision rate,
I', is similarly dependent on these conditions. For a target number density n,
a process with cross section o, and a particle with velocity 3, the mean free

path and interaction rate can be expressed as:

A= —, (1-35)

and

I'=nfo = f : (1-36)
Having the energy spectrum of the target particles, n(e) = dN/d*Xde (e
denotes the energy) the interaction length can be obtained as a function of

the initial particle energy E by:

1

 Jde[duP(u)n(e)o(s)
where s is the squared CoM energy (Mandelstam variable s), and P(u) is the

A(E) (1-37)

flux factor as we discussed in Eq. 1-29.

The optical depth of a medium over a distance [ represents the expected
average number of interactions that a particle could undergo while traversing
that distance, assuming that its energy and direction remain unchanged.

Mathematically, it is expressed as:

T=1/\. (1-38)

In this context, the survival probability of the particle in the medium can

T

be expressed as e~ 7. Accordingly, the medium is considered optically thick if
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7> 1 or optically thin if 7 ~ 1.
The stopping power, —dF/dx, quantifies the average energy lost by a

particle per unit distance traveled. It is expressed as

dF 1dFE do
STl Skl KA 1

where W = E, — Ey, represents the energy transferred in an interaction with

(1-39)

E;, denoting the energy of the incoming particle.

The inelasticity is defined as the fraction of the energy of the incoming
leading particle (Ei(rf )) that is transferred to an outgoing particle (E((,fl)t) The
leading particle L is defined as the particle with the maximum energy in the
Lab frame, i.e., Ei(f ) = maxj{Ei(I{)}. This concept is particularly meaningful in

the limit where EX > g

in in »

and thus the inelasticity is most appropriately
defined and interpreted in the Lab frame. We define the inelasticity of the
outgoing i-th particle, ¥, as:

. 1 [Bmax B9 (g ;
p0(s) = [ o S0 aEG, (1-40)
0 JEmin Ein dEout

where da/dE(()fl)t is the cross section of the process, differential with respect

to the ¢-th outgoing particle energy and FE;, and Ey.. represent the allowed
energy range of the outgoing particle.

With the key quantities defined, we now focus on the energy loss
mechanisms of CRs. In principle, CRs can lose energy through both elastic
and inelastic collisions with target nuclei. However, the forward-peaking nature
of elastic cross sections in CR kinematics results in negligible energy loss, so
these processes are typically disregarded. That said, the extent to which they
are negligible depends on the precision of the observations, a topic discussed
in detail in Chapter 4 of this dissertation. Additionally, elastic interactions of
nuclei with photons are also insignificant. This can be estimated as follows:
For a nucleus of atomic number Z and atomic mass A (mass m = Amg,py, and
charge Ze), the cross section analogous to the Thomson cross section, o, scales
as o(m, Z) o< Z*A7%(me/Mamy). Numerically, this evaluates to approximately
o(m,Z) ~ 3 x 1077(Z*/A?)or, rendering its contribution negligible.

Inelastic processes dominate the energy loss mechanisms for nuclear
kinetic energies above a few hundred MeV per nucleon, and these will be the
focus of the subsequent discussion.

Photohadronic interactions, particularly proton-photon (py) interactions,
are among the most significant processes to consider specifically at the ultra-
high energies of the cosmic rays. These processes can occur both inside
astrophysical sources, where CRs interact with background photon fields, or

during CR propagation through intergalactic space, where interactions with
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the CMB or the EBL become relevant. Photohadronic interactions span a
broad range of photon energies in the nucleus rest frame, €/, 1 where distinct
physical processes dominate at different energy scales. At low energies, €/ ~ 1
MeV, hadronic processes are suppressed, and energy losses occur primarily
through electromagnetic mechanisms, such as Bethe-Heitler pair production of

electron-positron pairs.

p+y—ptete . (1-41)
The threshold energy for the Bethe-Heitler process is determined by the

condition s > (m, + 2m.)?. In the Lab frame, this condition translates to:

s =m2 4 2e,E,(1 — p) > (m, +2m.)* = E, 2 @ : (1-42)
8!
where ¢, is the photon energy, E), is the proton energy, and p is the scattering
angle cosine in the Lab frame. For interactions with CMB photons, which have
a typical energy of ecyp ~ 6.3x 107* eV, this condition implies a proton energy
threshold of E, > 2 x 10'® eV.

At leading order, the Bethe-Heitler interaction involves three vertices in
the corresponding Feynman diagram, which results in a cross section of order
O(a?), where a = 1/137 is the fine structure constant. A rough estimate of
the Bethe-Heitler cross section at high energies is given by:

372 /
Op_p ang [28 In (fi” )] . (1-43)
Despite its relatively large cross section, the inelasticity of this process is

small, approximately 2m./m, ~ 1073, which limits the energy transfer to
the produced electron-positron pair. For further details on the Bethe-Heitler
process, the reader is referred to (166).

As the photon energy approaches the nuclear binding scale, 5’7 ~ 8 MeV,
the resonant motion of nucleons within the nucleus is triggered, leading to
nuclear disintegration through the excitation of the Giant Dipole Resonance

(GDR). Assuming a nucleus of atomic mass A,
Aty = (A=) +n+n, (1-44)

Aty —=(A-1)+p+7, (1-45)
are the predominant reactions. This process, known as photodisintegration, is

widely modeled using parametrizations like those by Puget-Stecker-Bredekamp
(PSB) (167, 168), or with nuclear event generators such as TALYS (169),

HT adopt the notation that quantities with a prime (') refer to the nucleus rest frame,
while unprimed quantities correspond to the Lab frame.
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Figure 1.14: The total photodisintegration and photomeson cross section as a
function of €, = /. Figure from (14).

GEANT4 (170), and FLUKA (15). Similar to Eq. 1-42, the photodisintegration
threshold can be determined, with its value depending on the binding energy
of the nucleus. For light nuclei, the threshold lies around E, 2> 10 eV, while
for heavier nuclei, such as those in the iron group where the binding energy
is higher, the threshold increases to approximately E, > 10%° eV. Here, E4
denotes the total energy of the nucleus.

At higher photon energies, 5’7 2 140 MeV, hadronic processes dominate,
giving rise to the excitation of baryonic resonances, such as the A-resonance.
These resonances decay primarily into pions, marking the onset of significant
hadronic energy losses:

p+m° 2 of the times,

pt+y— At — (1-46)

n+7t 5 of the times,

As the photon energy increases further, the “multi-pion” production channel
opens. The threshold for photopion production occurs at E4 2> few x 1012 V.
The inelasticity of this process is approximately 0.2, meaning that the outgoing
pions get almost 20% of the initial proton energy. As previously discussed, this
interaction is responsible for the GZK cutoff in the UHECR spectrum. As an
illustration, the photodisintegration and photomeson cross sections for the iron
nucleus (35Fe) are shown in Figure 1.14. For the most recent reassessment of
these cross sections, refer to (14). The photohadronic interactions outlined in
this section will play a central role in our analysis of the ionization states of
CRs presented in Chapter 2.

The second significant process to consider is inelastic nucleus-nucleus

interactions, which result in the production of both charged and neutral pions.
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Figure 1.15: Inclusive cross sections for the production of 7 (blue), 7" (red)
and 7~ (green) in pp collision as function of the incoming proton kinetic energy,
K,. Lines from (15). Data points from (16). Figure from (15).

The predominant among the CRs and also the simplest of these is the proton-

proton (pp) inelastic interaction:

p+p— X+, (1-47)
Here, X represents the outgoing hadronic products, which depend on the
specific interaction channel. The dominant channels include X = p + p
producing 7, X = p+n or X = d (deutron) producing 7+ and X = p+p+r"
producing 7~. The threshold kinetic energy for the projectile proton varies
slightly across the channels but is approximately 300 MeV. For instance, in

the case of 7° production

s =2m2 + 2(K, + my)m, > (2m, +mqo)* = K, 2290 MeV,  (1-48)

where K, denotes the proton kinetic energy.

Figure 1.15 presents the cross sections for specified channels involved
in pp inelastic interactions. At high energies, the production of charged and
neutral pions occurs with approximately equal probabilities (~ 1/3) due to
isospin symmetry, as reflected in the lines shown in Figure 1.15. The energy-
loss rate for a CR nucleus with mass number A, attributed to pion production,
can be expressed using the updated parameterizations of pion production cross
sections (171, 172) as:

dE, ~16 40.79 ( Ngas ) ( Ey )128 ( Ex >_0'2 1
—[—] =3. 1 AY — 2 . )
( = ) 3.85 x 10 ) (o) (Gar+200)  Gevs

(1-49)
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This formulation encapsulates the dependence of the energy-loss rate on the
density of the ambient gas ng,s and the CR total energy E4.

For kinetic energies per nucleon below K, ~ 290 MeV spallation be-
comes the dominant inelastic process, leading to the fragmentation of the tar-
get and/or projectile nuclei into multiple nucleons or nuclear fragments. As
discussed previously, these reactions are the primary origin of light nuclei such
as Li, Be, and B. Given the scarce data on nuclear reactions, it is common
practice to use semi-empirical methods to obtain the spallation cross sections.
These are typically derived by interpolating within the measured region and
extrapolating beyond it. The most recent libraries and models for these cross
sections are available in CR propagation codes, such as those in (173, 174).

It is important to emphasize that photohadronic processes are the
dominant and most relevant energy-loss mechanisms for extragalactic and
UHECRSs, as their energy thresholds are in the ultra-high-energy regime and
their interaction lengths typically exceed galactic scales. In contrast, spallation
and pion production (pp) processes are key to understanding galactic CRs.

Another important energy-loss mechanism for CRs is the electrostatic
interaction with electrons in the interstellar medium (ISM). The ISM consists
of electrons distributed across atomic, molecular, and ionized hydrogen and
helium gas, with traces of heavier elements and dust grains. While the electron
number density in the ISM is low, about ~ 1 cm™3, the vast propagation
distances and long timescales involved make this process non-negligible for
CR energy losses. The energy loss can be described by Rutherford scattering,
the classical elastic scattering of charged particles via the Coulomb interaction,
where the center of potential of charge Z does not recoil.

The stopping power for this interaction is given by (175):

dE  4mn.Z%a?
—_~ ] 1-50
dl' me/Bz J ( )
where Z is the projectile (nucleus) charge, /3 is the projectile velocity and L is
known as the “Coulomb logarithm” given by
2 . 2.2
W) — B+ AL, (1-51)

where v is the Lorentz factor of the CR and [ represents the mean excitation

L:L0+AL:In<

potential of the medium. The leading term Ly in L corresponds to the Bethe
stopping power, which typically provides a sufficient description of CR energy
losses in the ISM. However, higher-order corrections encapsulated in AL
account for effects related to the medium’s structure and the projectile’s
detailed behavior (176). In Chapter 4, we will further examine the impact

of these corrections on CR energy losses.
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As discussed in this section, the energy-loss processes of CRs can lead
to pion production. However, this is not the end of the process. The produced
pions decay into photons, muons, neutrinos, with muons further decaying into

neutrinos and electrons as follows:

70— 2y, (1-52)
=t (1-53)
TR (1-54)

pt=et v+, (1-55)
poo—e + v+ u,. (1-56)

As a result, diffuse neutrino and gamma ray spectra are expected to emerge
from CR propagation. Moreover, as we will discuss further in Chapters 2 and 3,
the same processes responsible for neutrino and gamma ray production during
CR propagation over cosmological distances can also occur within astrophysical
sources, albeit in a different energy range. Consequently, in astroparticle
physics, neutrinos produced during CR propagation are commonly referred
to as cosmogenic neutrinos, while those originating from astrophysical sources
are termed astrophysical neutrinos. In this dissertation, since the production
site is explicitly specified in each case, we do not strictly adhere to this
terminology and mostly the observed neutrinos by the neutrino telescopes are
called “astrophysical neutrinos”.

Neutrinos, being electrically neutral and having extremely small inter-
action cross sections with other Standard Model particles, travel directly to
Earth. The details of the neutrino propagation will be discussed in Section 1.4.
On the other hand, gamma ray propagation over cosmological distances is far
more intricate, as we mentioned earlier. This subject will be explored in detail
in Section 1.5.

Before going further, it is valuable to analyze the energy budget relation-

ship between neutrinos and gamma rays in pion production.

1.3.6.1
v — v Connection in Hadronic processes

In charged pion decays, approximately 3/4 of the pion’s energy is
transferred to the resulting muon, which then shares this energy almost evenly
among its decay products. Consequently, each neutrino produced in a charged

ion decay carries, on average, one-quarter of the pion’s energy: E, ~ 1F ..
) ) ikt
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For neutral pion decay, the energy is—on average—split equally between two
photons, resulting in £, = %Eﬂo. Thus, neutrinos from hadronic processes are
typically emitted with half the energy of the corresponding photons, assuming
similar energies for the parent pions: F, ~ %Ev- This relationship holds for
both pp and py interactions. Furthermore, charged pions decay into three
neutrinos, while neutral pions decay into two photons. This leads to a ratio
between the number of emitted neutrinos and photons, given by 3K /2, where
K, is the ratio of charged to neutral pions produced in the interaction.

The distribution of energy among pions is shaped by the interaction kine-
matics and inelasticity. In p7y interactions, pions—whether 7° or 7 —typically
capture about 1/2 of the proton’s energy, while in pp interactions, each pion
receives roughly 1/3 of the proton’s energy. Thus, the neutral pion and the
charged pion are of similar energy scales in either scenario.

Thus, a roughly estimated connection can be established between the
neutrino and gamma ray spectra in hadronic processes:

PRLSN l Vle,]
dE, 3K, dE, B—F, /2
where F dN/dFE represents the energy spectrum of the specified species,

, (1-57)

K, =~ 1/2 for pvy interactions and K, = 1 for pp interactions.

It is also important to note that current neutrino telescopes, such as
IceCube, cannot distinguish between neutrinos and antineutrinos but can
identify neutrino flavors. The flavor composition of neutrinos generated in
hadronic processes is approximately (v : v, : v;) = (1 : 2 : 0). This
flavor composition is different at the detection site, because of the neutrino

decoherent oscillation as we will outline in the next section.

1.4
Neutrinos

Neutrinos are among the most abundant particles in the Universe, out-
numbering electrons and protons by roughly a billion to one. Within the frame-
work of the Standard Model (SM), neutrinos are massless particles interacting
exclusively via weak interactions, mediated either by the exchange of a Z boson
(neutral current (NC) interactions) or W bosons (charged current (CC) inter-
actions). The neutrino states involved in these weak interactions are the flavor
states, corresponding to the electron, muon, and tau flavors. As previously
noted, neutrinos traverse the Universe unimpeded, without interacting with
the intergalactic or galactic medium, making their propagation from distant
sources to Earth remarkably straightforward compared to other cosmic mes-

sengers. This makes them excellent messengers for pinpointing the direction
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of astrophysical sources and providing valuable insights into their underlying
mechanisms. However, their ability to travel vast cosmological distances also
makes their detection on Earth exceptionally challenging. Even cubic kilome-
ter neutrino telescopes, such as IceCube, have rather large uncertainties in
reconstructing the direction and energy of neutrino events.

In this section, we outline the astrophysical neutrino propagation and
their spectrum detected by IceCube, without delving into the specifics of the
detection process, event reconstruction methods, or datasets. These details
are beyond the scope of this dissertation and are not essential for most of the
discussions herein. Readers interested in these aspects can refer to IceCube

collaboration publications, such as (19).

1.4.1
IceCube Observation of Astrophysical Neutrinos

The IceCube Neutrino Observatory has firmly established the existence
of high-energy astrophysical neutrinos. Key measurements contributing to this
discovery include through-going muon tracks from the northern sky (177, 178),
high-energy starting events (HESE) with interaction vertices contained within
the detector’s fiducial volume (179, 180, 181, 182), and lower-energy events
analyzed using contained cascades (183, 184). Together, these data sets have
enabled robust characterization of the astrophysical neutrino flux.

Three fundamental assumptions underpin the analysis of the astrophys-
ical neutrino flux: (7) the flux is isotropic at Earth, (4) neutrinos and anti-
neutrinos have identical fluxes, and (%) all neutrino flavors contribute equally
to the flux. An isotropic distribution is expected if the dominant contribu-
tions originate from distant sources (extragalactic sources). Additionally, Ice-
Cube’s insensitivity to distinguishing neutrinos from anti-neutrinos ensures
that any differences in their fluxes minimally affect event detection analysis
across most energies. A notable exception occurs near 6.3 PeV, where electron
anti-neutrinos can undergo resonant interactions with atomic electrons, known
as the Glashow Resonance (GR) (185, 186).

In fact, the observed data also suggest that the arrival directions of as-
trophysical neutrinos are predominantly (quasi-)isotropic, with a subtle incli-
nation toward the Galactic Center and an approximately equal contribution
from all three neutrino flavors (187). Notably, IceCube has recently identified
neutrino emission originating from the Galactic plane, achieving a significance
level of 4.50 through the application of advanced machine learning techniques
to a decade of observational data (188).

Astrophysical neutrino flux models are often based on power-law spectra,
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Figure 1.16: High-energy fluxes of gamma rays, neutrinos, and CRs. The high-
energy gamma ray measurements by Fermi (17) are shown in orange, while
the ultra-high energy cosmic ray measurements by the PAO (18) are shown as
purple data points. Figure from (19)

reflecting the potential connection between astrophysical neutrinos and CRs,
which themselves exhibit a power-law energy distribution at Earth. The latest
IceCube analysis (19) favors the astrophysical neutrino flux with a single

power-law form:

E,

“Yastro
~18 -1 -2 1 -1 )
100 T ) X 107° [GeV ™" em™” s st (1-58)

(I)u - (I)astro (

where O,4,0 = 6.45J_réj32 is the normalization factor, and Vg0 = 2.89J_r8j%9 is

the spectral index. The high-energy fluxes of astrophysical neutrinos and its
best fit, Eq. 1-58, gamma ray and CRs are illustrated together in Figure. 1.16.

In the search for astrophysical neutrino sources, IceCube has so far been
able to identify only two point sources: the blazar TXS 05064056, for which
evidence of neutrino emission has been reported (189, 190), and the starburst
galaxy NGC 1068, which shows a 4.20 excess of events (191, 192). However,
these two sources together contribute only about 1% of the astrophysical
neutrino flux above 200 TeV (191), leaving the vast majority of the observed
flux without a confirmed origin (193, 194, 195).

1.4.2
Neutrino Propagation

The only significant effect on neutrinos energy—and by extension, their
spectrum— during their propagation to Earth is the cosmological redshift:

a neutrino emitted with energy FE, at a source located at redshift z reaches
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Earth with an energy ¢, = E, /(14 2). Considering a source emitting a neutrino

dNy
dE,

the Earth, in units of [GeV.cm™2.s7!], is given by
2dN,
{Eu dE, (E”)] Ey=(142)e,
(14 z)%4wd? ’
where d. is the comoving distance from the source.

spectrum 922 (E,), in units of [GeV~'.s71] the corresponding neutrino flux at

e, ®(e)) =

(1-59)

While their energy evolves as discussed, the flavor composition of neutri-
nos can undergo a “transition” during propagation due to neutrino oscillations.
These oscillations, driven by the quantum mechanical mixing of mass eigen-
states, become particularly relevant when considering the flavor ratios of neu-
trinos detected on Earth. In the wave-packet approach, mass eigenstates propa-
gate at slightly different velocities. Over large distances, their wave packets sep-
arate, eliminating any interference. This loss of quantum interference—called
“decoherence”—occurs once the spatial separation of the mass—eigenstate wave
packets exceeds their intrinsic size, so the wave packets no longer overlap. The
coherence length, determined by the wave-packet size, neutrino energy, and
the neutrino mass differences, is small compared to the cosmological distances
that astrophysical neutrinos travel. As a result, they arrive at Earth as an
incoherent superposition of mass eigenstates (196).

In the standard theory of neutrino oscillations (197, 198, 199) a neutrino
with flavor @ and momentum p, created in a charged-current weak interaction
process from a charged lepton £, or together with a charged antilepton £, is
described by the flavor state. While neutrinos interact as flavor eigenstates, v,,
they propagate as mass eigenstates, v; (i = 1,2, 3). The two representations are
related by the Pontecorvo-Maki-Nakagawa—Sakata (PMNS) matrix, expressed

as

3
va) = Y- Ul (1-60)
where U,; denotes the elements of th;_i:’MNS matrix.

The massive neutrino states |v;), being eigenstates of the Hamiltonian,
evolve in time as plane waves. Consequently, a pure flavor state |v,(t)), at
t = 0, becomes a superposition of different flavor states at later times (¢ > 0),
provided that the mixing matrix U is not diagonal, indicating neutrino mixing.
The probability of a neutrino transition from an initial flavor v, to a different

flavor v after traveling a distance L is expressed as:
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AmZL
Py (L, E) =Y (UsUsiUoiUs; ) exp <_22Ej>
4,3

2 2 * * Am?JL
:Z’Uoﬂ’ ‘U/ﬁ’ +2ReZ(UaiUﬁanjU,Bj)eXp —ZT s
i i>j

(1-61)
where Am?j =m? —m? is the mass-squared difference between neutrino states,
E' is the neutrino energy and L is the propagation length. The oscillatory
behavior in Eq. 1-61 arises from interference among the components of the
massive neutrino states, making the oscillation term highly sensitive to the
coherence of these components. When the propagation distance L becomes
very large, the oscillatory term averages out to zero due to decoherence. In

this case, the transition probability simplifies to:

(Prasws (L E)) = 3 |Uni*|Uil (1-62)

The PMNS matrix is parametrized in terms of three mixing angles,

(012, 023, 013), as well as one CP-violating phase dcp, assuming that neutrinos

are Dirac fermions'?:

C12€13 $12C13 S13e”"0cP
_ 5 5
U = | —s12C23 — €12523513€"°°F  C12C23 — S12523513€"°CF S93C13 , (1-63)
is 5
512523 — C12C23513€"°°Y  —C12823 — $12C23513€"°°T  Ca3C13

where ¢;;(s;;) is the shorthand for cos#;;(sinf;;). The most recent best-fit
values for the PMNS matrix parameters are given in Table. 1.1 3.

Using these fit parameters to evaluate the elements of the PMNS matrix,
we find that, for example, a source flavor ratio of (v. : v, : v;)s = (1,2,0)
results in a flavor ratio at Earth equal to (v, : v, : ;) = (1,1, 1). Therefore,
the neutrino flux per flavor at Earth is one-third of the total all-flavor neutrino
flux typically discussed throughout this dissertation.

Next, we turn to y-ray propagation, which is considerably more complex
than neutrino propagation. However, when carefully studied, it can offer
valuable insights into CR propagation both inside and outside astrophysical

sources. High-energy photons undergo various interactions on their journey to

12Tf the neutrinos are instead Majorana fermions, the mixing matrix contains two ad-
ditional, so-called Majorana phases. Because these phases appear in the mixing matrix as
a mutiplicative diagonal matrix, they do not affect the oscillation probabilities. However,
their physical impact is restricted to lepton-number—violating observables such as neutrino-
less double-beta decay

Bhttp:/ /www.nu-fit.org
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Parameter | Best-Fit Value *1o
12 (deg) 33.68%9 78
015 (deg) 8.52°0 11
023 (deg) 48.5%5
S (deg) 177+

Table 1.1: Best-fit parameter values for the PMNS matrix. The fit assumes nor-
mal ordering for the neutrino masses (m; < ms < m3) and includes data from
solar, reactor, accelerator and atmospheric (including Super-Kamiokande) neu-
trino experiments (32).

Earth, triggering “electromagnetic cascades”, a topic we will explore in detail

in the next section and a major focus of this thesis.

1.5
Electromagnetic Cascade

High-energy ~-rays, such as those produced by CR propagation and
their associated energy-loss mechanisms, are expected to be abundant. Yet,
as shown in Figure 1.1, these photons have not been observed directly. This
absence becomes less surprising when we consider that ~v-rays are known to
interact with intergalactic/galactic radiations during their journey to Earth, as
illustrated in Figure 1.5. These three pieces of evidence raise a critical question:
what mechanism governs the transformation or absorption of these high-energy
photons during propagation?

The answer lies in electromagnetic cascades, a process triggered by inter-
actions between high-energy photons or electrons and low-energy background
photons, such as those from the CMB and EBL. These cascades were first
conceptualized shortly after the discovery of the CMB (200) and the GZK
cutoff (121, 122). Early hints of this mechanism were presented during the
Soviet-Union Cosmic Ray Conference by I.L. Rozental and independently by
S. Hayakawa, as later recalled by V. Berezinsky and K. Sato (201). The first
comprehensive study of electromagnetic cascades appeared in (202), where
they were proposed it as a handle to probe cosmogenic neutrinos (neutrinos
from the GZK process (203)). Since then, these electromagnetic cascades in
the extragalactic space has found numerous applications in the astrophysical
studies.

A simple electromagnetic cascade can be described as follows: Starting
with a high energy photon propagating in the intergalactic medium, the
cascade begins with the high-energy photon interacting with a background
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photon via electron pair production (EPP: v+, — e~ +e™). Each electron and
positron created in this interaction then engages in inverse Compton scattering
process with v, (ICS: e+, — e+7), sending the background photons to high
energy levels. At high energies, a large fraction of the incident particle’s energy
(i.e. the photon in EPP and the electron or positron in ICS) is transferred to
one of the resultant particles (either the electron or positron in the EPP and
the photon in the ICS). Consequently, after a cycle of EPP and ICS, a photon
with energy nearly equal to that of the initial high-energy photon re-emerges.
This process can iterate multiple times, resulting in successive cycles of EPP
and ICS (EPP+ICS+EPP+...), developing the cascade, until the upscattered
photons no longer have enough energy to produce pairs on the background
photons. Conversely, starting with a high energy electron/positron, the above
scenario remains viable after one step of ICS. As a result, the cascade has
transferred the energy of the initial photon into many photons of much lower
energy in the X-rays and gamma rays band with energies of < GeV.

However, the electromagnetic cascade is not always this simple. Depend-
ing on the presence of magnetic fields and/or the initial energy of the injected
photon or electron, the cascade development can be much more complex. For
instance, in the presence of a sufficiently strong magnetic field in the IGM, a
portion of the cascade energy may be emitted as synchrotron radiation. Addi-
tionally, depending on the energy, there are other possible vy, and ey, interac-
tions, which can alter our simple picture partially or entirely. Of course a close
scrutiny of the cascade development needs a comprehensive assessment of all
the potential processes, their cross sections and inelasticities together with the
knowledge about the intergalactic magnetic fields and the background pho-
ton fields which we will partly discuss here, with further details deferred to
Chapter 3.

1.5.1
Electron Pair Production (EPP)

The total and differential cross sections of EPP (also dubbed Breit-
Wheeler process (204)) are respectively (205)

OEpPP = OT 136(1 — 8913 - 5Y1n ig —28(12—-pH|, (1-64)

and
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Figure 1.17: Energy distribution of the outgoing e* in EPP.
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where m, is the electron mass, o7 = 87a?/(3m?) = 0.665 b is the Thomson
cross section, 5 = /1 —4m?/s is the velocity of outgoing electron in the
CoM frame, s = 2E,e(1 — p) is the CoM energy squared, € and E., are
respectively the energies of the target and high energy photons, p is the
cosine of the angle between the momenta of the incoming photons, and E,
is the energy of the produced electron (or positron) whose allowed range is
(1-B)/2 < EJE, < (1+5)/2.

The threshold energy for EPP derives from the condition s = 4m?2, Thus
for a monochrome target photon of energy €, we obtain E, > m?2/e.

The inelasticity of an interaction is defined in Eq. 1-40. For electron
pair production (EPP), the energy range of the outgoing electron/positron are
given by Enin = E,(1 —5)/2 and Eyax = E,(1+ 3)/2. It is important to note
that, intuitively, Eq. 1-40 represents the average fraction of energy, E(Sift / Ei(nL ),
carried by the outgoing particle. However, in EPP, the indistinguishability of
the electron and positron imposes a symmetry, suggesting ngpp = 0.5. Yet,
this inelasticity value contradicts the behavior inferred from the differential
cross section, dogpp /dE,: Close to the threshold, dogpp /dE, is approximately
flat, but at high energies, it develops sharp peaks at E, = E,(1 £ 5)/2 (see
Figure. 1.17). This indicates that at high energies, one of the particles—the
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“leading” particle—takes most of the energy (Ema.x = E,(1 + ()/2), while the
other carries the remaining energy, E, — En.x = E,(1 — (§)/2. As a result,
the actual inelasticity is expected to exceed 50%. The underlying issue stems
from the indistinguishability of the outgoing particles in EPP, which imposes
symmetry in the differential cross section (energy distribution). To address this,
the integration limits must be adjusted to capture only the leading particle’s

contribution, resulting in the corrected expression for EPP inelasticity:

e 1~ Ee, . ].—66
UEPP(S) Ey/2 E’y dEe ( S> ( )

nEpp(S) =2 X
At high energies, E., > m?/e, this inelasticity behaves as

mepp =~ 1 — [In(2E,e/m2)] ™, (1-67)
while close to the threshold ngpp ~ 0.5.

1.5.2
Inverse Compton Scattering (ICS)

The total cross section for ICS is given by the well-known Klein-Nishina

formula:

2
Tzr;nﬁe /B(liﬁ)(2+2ﬁ_ﬁ2_263)
1

s

01cs = O

1+8
(2—-33°—4°)In 1—/3] . (1-68)

where 3 = (s — m?)/(s +m?) represents the velocity of the outgoing electron

in the CoM frame and s = m? + 2¢(E, — M\/ﬂ)“
Furthermore, the differential cross section for an electron with initial

energy F, producing a scattered electron with energy E’ is given by (206, 207):

dorcs 3mZ 1 1+6[E  E.
:O'T—iii 7—|—7
dE! 8 s B. B8 |E. E
2(1— ) E\ 1-p° E.\’
= Plr-= 1- = 1-69
5 ( Eé>+ 7 g) | 09

4Note that s and 3 vary depending on the specific interaction. For simplicity, the same
notation is used throughout this dissertation, with the relevant definitions provided for each
interaction.
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where the allowed range is (1 — 3)/(1 + ) < E//E. < 1. Note that the
differential cross section with respect to the energy E. of the outgoing photon
can be obtained by replacing E. — E! for E] in Eq. 1-69.

The inelasticity of ICS can be directly obtained from Eq. 1-40 and can be
4 E.e

approximated as nics ~ 3 -

. While this approximation deviates significantly
from the exact ICS inelasticity at very high energies (see Figure 2 in (20)),
it provides a useful estimation for the energy transfer in ICS, allowing for an
approximate analytical treatment of the electromagnetic cascade, as will be
discussed in the next section. However, I should emphasize that throughout
this work, particularly in the results presented in Chapter 3, we rely on the
exact inelasticity computed numerically using Eq. 1-40.

It is important to note that the cascade development is primarily driven
by the high inelasticity of EPP and ICS. In both interactions, the majority of
the initial high-energy particle’s energy (one of the photons in EPP and the
electron or positron in ICS) is transferred to a leading particle—either an e
or ¢~ in EPP, or the photon in ICS. This regeneration of the leading particle at
each step of the EPP + ICS slows energy degradation, allowing sufficient time
for the cascade to achieve high multiplicity. This remark also plays a crucial
role in neutrino production during cascade development, as will be explored
in detail in Chapter 3.

Despite its complexity, an analytic solution for the remnant (cascaded)
photon spectrum can be derived under certain simplified assumptions. Some
reviews of this analytical calculation can be found in (208, 209, 210). The

following section outlines these assumptions and presents the solution.

1.5.3
Analytical Solution to Electromagnetic Cascade

Under three key assumptions, an approximate analytic solution for the

cascaded photon spectrum can be derived:

(i) The photon backgrounds are monochromatic.

(ii) The cascade fully develops, meaning no photon remains with sufficient

energy for pair production.

(iii) Energy conservation holds across all cascade particles, with no losses to
processes other than EPP and ICS. Specifically, the magnetic field is
assumed to be sufficiently weak to prevent energy loss via synchrotron

radiation.

Under the stated assumptions, we consider a high-energy photon emitted

at a sufficiently large distance to allow the cascade to fully develop. The cascade
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evolution can be categorized into three regimes, depending on the energy of

the incoming particle at each interaction, E:

1. Leading Particle Regime (Fe¢/m? > 1): At very high energies, the
cascade follows a sequence dominated by the leading particle: v — e —
v — .... In this regime, inelasticity is high, meaning the majority of the
particle’s energy is retained by the leading particle after each interaction,

with only a small fraction lost.

2. Multiplication Regime (Fe¢/m? > 1): This regime marks a shift where
the EPP inelasticity decreases to n ~ 0.5, resulting in a more balanced
energy distribution between outgoing particles. As a result, cascades
initiated by both outgoing particles of each EPP or ICS event evolve
similarly. The energy distribution becomes more democratic, and within
a few interaction steps, photons degrade to energies below the EPP
threshold. After this point, they lose energy only through redshifting.
Another subtle assumption is that low-energy particles produced during
the leading particle regime directly transition into the multiplication

regime.

3. Low-Energy Regime: In the final stage, photons lack sufficient energy
for pair production and primarily lose energy via redshift. Electrons and
positrons in this regime, however, can still undergo energy losses through

ICS interactions.

Figure 1.18 illustrates a schematic of different regimes in cascade devel-
opment.

However, even within the scope of these approximations, a more complex
setup is required due to the large energy gap between the typical energies of
the CMB and the EBL. This necessitates considering a dichromatic photon
field with corresponding energies ecyp = 6.4 x 107* €V and eggy, = 0.68 V. It
is also important to note that the CMB number density significantly exceeds
that of the EBL, i.e., ncvp > ngpr. Due to the inequality in number densities,
the cascade development proceeds in two stages. In the first stage, the cascade
develops primarily through interactions with CMB photons: v +~ycup — ete™
and e + yems — € + 7. In the second stage, the high-energy tail of the photon
spectrum produced in the first stage is involved. Although these photons now
have energies below the pair production threshold on the CMB, they are still
capable of pair production on EBL photons, due to the higher energy of the
EBL. Meanwhile, the ICS continues on the CMB: v + ~vgp, — ete™ and
e+ vycmB — €+ 7.
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Figure 1.18: Schematic picture of the electromagnetic cascade development in
a static Universe with a dichromatic background photon field. See the text for
the details. Figure. from (20).

In this setup, we can identify key benchmark energies that govern
the cascade dynamics. The minimum energy of a photon that can undergo
pair production is EX™ = m?/egp, = 3.9 x 10" eV. Below this threshold,
photons cannot pair produce. This benchmark specifically reflects the photon
absorption threshold for interactions with EBL photons since the EBL typical
energy is higher that CMB.

Similarly, the minimum energy required for a photon to pair produce on
the CMB is £ = m2/ecus = 4.1 x 10 eV, clearly satisfying the relation
E;Hi“ < Egmb.

In the low-energy regime of the pair production (EPP) process, the
inelasticity is approximately ngpp ~ 0.5, which means the cascade electrons
or positrons produced from the last absorbed photon will carry an energy of
E = nEpp&‘fn“ = 5;“1“/2.

To estimate the energy of photons that no longer undergo pair produc-
tion, we include one additional step of inverse Compton scattering (ICS). The
energy of these photons is approximately Ex &~ nics&. Applying the ICS

inelasticity approximation, this energy becomes:

n 3 mg n g v €EBL ’
To determine the energy spectrum of photons produced in a cascade, we define

4 &2 1.
Ex = 756 €CMB min €CMB (1_7())

q(E) as the number of cascade particles passing through energy E during the

entire cascade evolution. The contributions from electrons and photons are
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denoted by ¢.(E) and ¢,(E), respectively, and satisfy the relation:

4(E) = 4,(E) + ¢e(E) . (1-71)
Assuming energy conservation throughout the cascade, the energy injected into
the cascade relates to q(E) as Ei,; = Eq(E), where Ey,; is the energy of the
particle initiating the cascade.

During the multiplication regime, each photon produces an electron-
positron pair, resulting in approximately N, ~ 2N,. Conservation of energy
in this regime gives Eq.(E) ~ 2Eq,(E). Using this and the definition of ¢(E),
we find
@(B) = 258 = 9, (B) (172
implying ¢.(E) o E~'. (This behavior can be derived alternatively, as shown
in [4, 34].)

At lower energies, where pair production ceases, ¢.(E) becomes constant.

Meanwhile, g, (E) increases with energy due to the contribution from the low-
energy photon tail generated through inverse Compton scattering (ICS) by
electrons.

For a set of ¢.(E,.) electrons with energy E., the energy they radiate,
¢.(E.)dE,, is distributed among dN, photons of energy E.. This relationship
is expressed as:
dE.
E .
Since ICS produces photons with E., oc E? (See the approximate ICS inelas-

dN’Y(E’Y) = Qe(Ee) (1_73)

ticity relation), the resulting photon spectrum is determined by the behavior

of q.(E.). In the multiplication regime, where ¢.(F.) o< E-', we find

dN,
—T x E?. 1-74
e (1-74)
In the low-energy regime, where ¢.(E,) is constant,
dN, —3/2
x B3/, (1-75)
dE, K
In the leading particle regime, because all cascade photons are absorbed,
dN,
=0. 1-76
i (1-76)
Combining these results, the photon spectrum of a fully developed cascade is
given by:
—3/2
. % (%) , for B, < &x,
¥ N (B, 2 min _
B, (B) =& (&), foréx <B <&M (1-77)

3
0, for £, > Efynin,
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where NV is the normalization which can be obtained by the energy conservation

condition:
dN.
iy = / o RUCE (1-78)
thus
B
N = 3 : 1-79
Ex(2+InEmn/E ) (1-79)

The spectrum described in Eq. 1-77 is often called a universal spectrum due
to its independence from the injection energy, Ei,j, or the specific shape of
the injection spectrum. While Ei,; determines the overall normalization, N, it
does not affect the spectral shape. However, this spectrum does not apply to
astrophysical sources located near Earth or sources at high redshift, z = 0.3.
The term “near” depends on the injection energy since a fully developed
cascade requires sufficient propagation distance to form. For sources at high
redshifts, the overall spectral shape remains intact, but the benchmark energies
must be adjusted to account for changes in the energy densities of the EBL and
CMB at earlier epochs. At a redshift z, the energy of CMB photons scales as
eomp(2) = (14+2)ecmp(0), while the EBL photon energy becomes egpy,(z). This
leads to the characteristic energies of the spectrum at Earth being expressed
as:

m2 1 . m3€CMB(0)

gmin 0 — e ’ g —
7 (0) eepL(z)1+2° X 3edp(2)

Figure 1.19 compares the numerical cascade simulation performed by the

(1-80)

code ELMAG (21) and the universal spectrum discussed above. The low-energy
spectrum, o< B 15 along with its normalization and the characteristic energies
show strong agreement. However, the spectrum in the multiplication regime
follows a slope of £ 19 differing slightly from the predicted E> 2,

To accurately solve the electromagnetic cascade, a numerical approach is
essential. Several numerical simulations have been developed for this purpose,
employing Monte Carlo or semi-analytical methods to solve the transport
equations for photons. Prominent codes in this area include ELMAG (21), EleCa
(211), GCascade (212, 210) and CRPropa (213). The methods employed by
these codes are detailed in their respective publications.

As we will discuss in Chapter 3, electron-positron pair production (EPP)
and inverse Compton scattering (ICS) are not the only photon-photon and
electron-photon interactions relevant at very-high and ultra-high energies.
Codes like ELMAG, ELECA and GCascade consider EPP and ICS as the primary
mechanisms driving cascade development, as well as synchrotron losses in

the presence of an intergalactic magnetic field (IGMF). On the other hand,
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Figure 1.19: Comparison between the numerical cascade result from (21) and
the discussed analytical approach of cascade development. Figure from (20).

CRPropa account for additional processes, such as double pair production
(DPP: vy — e*e®) and electron triplet production (ETP: ey — e + e*),
the latter often referred to in the literature as triplet pair production (TPP).

In Chapter 3, we will further explore additional processes, such as those
leading to muon production and their contribution to a neutrino spectrum
emerging from electromagnetic cascades. In this context, we introduce a Monte
Carlo simulation named MUNHECA, specifically designed to compute the neutrino

spectrum from electromagnetic cascades at the ultra-high energy regime.

154
Applications of the Electromagnetic Cascade

Electromagnetic cascades have significantly shaped our understanding
of gamma ray astronomy for discrete sources. A pioneering study by Gould
and Schreder (214) demonstrated the absorption of gamma rays with energies
above 100 TeV by the CMB in the Universe. By the 1970s, the cascade process
was well understood, as previously discussed, and soon afterward, magnetic
field effects were incorporated into cascade models. A major breakthrough
came with the work of (215), which introduced a critical aspect previously
overlooked—the deflection of cascade electrons by magnetic fields.

Earlier studies had primarily considered magnetic fields in terms of
energy losses for electrons and photon absorption in extremely strong fields. In
contrast, (215) discussed that even weak extragalactic magnetic fields near the
source could deflect low-energy cascade electrons (e*), causing them to produce
an isotropic low-energy gamma ray component E., < 1TeV-—commonly

referred to as the “halo component.” This discovery highlighted the potential
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of using halo components to probe the presence of weak seed magnetic fields
in the Universe (216).

The angular size of the halo depends on three factors: the initial gamma
ray energy, the magnetic field strength along the line of sight and the magnetic
field correlation length (See Section. 1.3.1). Higher emission energies result
in smaller halo sizes (217, 218). Additionally, a key consequence of the halo
component is the time delay arising from the difference in the paths traveled by
the direct gamma ray signal along the line of sight and the secondary emission

* pairs through ICS (halo component). The

generated by the deflected e
magnitude of this delay is sensitive to the magnetic field properties (strength
and correlation length), offering another avenue for probing extragalactic
magnetic fields (219, 220, 221, 222, 223). In summary, higher values of the
IGMTF result in stronger deflection of the e* pairs, leading to larger pair halos
(with lower surface brightness), reduced GeV excess of cascade photons, and
longer time delays.

These effects make imaging and timing observations of cascaded gamma
rays, particularly in the 1-100 GeV range, an invaluable tool for constraining
extragalactic magnetic fields. Instruments like Fermi-LAT are well-suited for
such analyses. For an in-depth overview of this topic, see (111).

The most recent lower limits on the parameter space (B, Ag) for the ex-
tragalactic magnetic field have been determined through a joint analysis by the
Fermi-LAT and High Energy Stereoscopic System (H.E.S.S.) collaborations,
based on observational data from blazars (22). These results are presented in
Figure 1.20. For a detailed account of the analysis, I refer the reader to the

original publication (22).

1.6
Multi-messenger Approach in Astroparticles

To close this chapter, it is fitting to introduce the multi-messenger ap-
proach in astroparticle physics. The multi-messenger approach goes beyond the
mere observation of different messengers—such as neutrinos, CRs and gamma
rays—from astrophysical sources. Instead, it focuses on the connections be-
tween these messengers, often manifested as relationships between their energy
profiles or spectra. Additionally, for point sources, the temporal correlation of
messenger detections provides critical insights into the mechanisms powering
the source and the propagation of these messengers to Earth. This connection
lies in the microphysics of particle interactions; thus, particle physics deter-
mines this correlation.

For point sources, the primary particles of interest are neutrinos and
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Figure 1.20: The IGMF parameter space probed with gamma ray instruments.
The vertical axis shows the magnetic-field strength B, while the horizontal axis
depicts the field’s coherence length £p. Lower limits at 95 % confidence level
on the IGMF derived from the combined Fermi-LAT and H.E.S.S. analysis
for different assumed blazar activity times, t,,.x are shown as orange filled and
hatched regions. Figure from (22).

photons. Meanwhile, as noted in Section 1.4, most detected astrophysical neu-
trinos show no correlation with known sources observed across electromagnetic
wavebands. Exceptions, such as TXS 05064056 and NGC 1068, stand out as
rare cases of point-source detections across multiple messengers. These obser-
vations have motivated extensive modeling efforts to account for the associated
neutrino and gamma ray emissions (23, 25, 224). Constraints have also been
placed on source classes contributing to the diffuse neutrino flux; for exam-
ple, Gamma-Ray Bursts (GRBs) likely account for less than one percent of
this flux (225). Beyond well-established sources, additional candidates have
emerged, such as Tidal Disruption Events (TDEs), which provide intriguing
hints of neutrino-source associations (226, 227, 228, 229). It is important to
emphasize that the astrophysical sources mentioned are promising candidates
for UHECR acceleration and, consequently, for neutrino production, since Neu-
trinos are often regarded as the smoking gun of high-energy CRs.

The multi-messenger approach has taken a significant new step forward
with IceCube’s observation of neutrino emission from the Galactic plane.
Galactic diffuse emission (GDE) arises from either hadronic processes, where
CR nuclei interact with the interstellar medium, or leptonic processes, such
as inverse Compton scattering by electrons. Recent analyses reveal that the
gamma ray flux accompanying the high-energy neutrinos observed by IceCube
matches the GDE measured by Fermi-LAT and Tibet ASy at around 1 TeV
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and 0.5 PeV, respectively. This agreement strongly points to hadronuclear in-
teractions as the dominant mechanism behind the diffuse gamma ray emission
above ~1 TeV, although a contribution from leptonic processes cannot be en-
tirely excluded. Additionally, comparisons between Galactic and extragalactic
diffuse emission fluxes indicate that the Milky Way’s neutrino luminosity is
one to two orders of magnitude lower than the average of distant galaxies.
This finding implies that the Milky Way has not hosted the types of powerful
neutrino emitters responsible for the isotropic neutrino background, at least
over the past several tens of kiloyears (230).

In the context of the isotropic fluxes observed at Earth-—CRs, gamma
rays, and neutrinos—the multi-messenger approach reveals valuable connec-
tions. Neutrino production, whether through pp or py interactions as discussed
in Section 1.3.6, is intrinsically linked to gamma ray emission. These gamma
rays, degraded in energy by electromagnetic cascades, contribute to the diffuse
GeV-TeV flux (EGB) measured by Fermi-LAT (see Section 1.2.3). Crucially,
the cascade gamma rays must remain below the IGRB, which constrains the
origin and spectrum of the IceCube neutrino flux, particularly at lower energies.
However, the intensity of the neutrino flux at energies below 100 TeV are very
high compared to the IGRB flux. This suggests that neutrino sources must be
opaque to gamma rays. Such opacity implies that gamma rays produced within
the source are absorbed via interactions with lower-energy photons, triggering
electromagnetic cascades. These cascades redistribute the emission to lower
frequencies, ensuring the flux does not exceed the observed IGRB. For more
details, for instance, see (231, 232).

In conclusion, the multi-messenger approach offers a powerful framework
for placing stringent constraints on astrophysical models by leveraging the
complementary information provided by different cosmic messengers.

Within the scope of this dissertation, Chapter 3 delves into a key multi-
messenger phenomenon: electromagnetic cascades in the ultra-high-energy
regime. At these energies, the cascade challenges the conventional assump-
tion that astrophysical neutrinos are produced exclusively through hadronic
processes. As we will demonstrate, leptonic interactions within these cascades
contribute a significant neutrino spectrum, broadening our perspective on high-

energy neutrino production mechanisms.



2
Pair production with capture by energetic cosmic ray nuclei
in a photon background

This chapter is based on the published paper of the same title (33). In
this work, we explored an often-overlooked aspect of UHECR propagation
through photon fields, including the CMB in extragalactic space and the
radiation environment surrounding astrophysical accelerators: the ionization
state of nuclei. Specifically, we examine two key processes—pair production
with electron capture and photo-ionization.

The first process, hereafter referred to as PPC, involves the interaction
of a high-energy photon with a nucleus, leading to the production of an e*
pair (analogous to the Bethe-Heitler process), followed by the subsequent
capture of an electron by the nucleus. This effectively reduces the nuclear
charge by one unit. In contrast, photo-ionization occurs when a partially
“dressed” nucleus—one with electrons in its atomic shells—loses an electron
due to interaction with a photon. As we will discuss in this chapter, these two
processes can, in principle, reach equilibrium more rapidly than other UHECR
energy loss mechanisms, thereby influencing the effective charge of propagating
nuclei.

As outlined in Chapter 1, the electric charge of cosmic-ray nuclei plays
a crucial role in both their acceleration and deflection. In this chapter, we
examine the conditions under which PPC and photo-ionization become signif-
icant, identifying the regions of parameter space where these processes must
be considered in UHECR studies. Notably, their effects are most pronounced
for UHECRs heavier than iron. Thus, to set the stage for this discussion, I
begin by highlighting the growing interest in heavy and ultra-heavy cosmic-ray

nuclei in recent UHECR research.

2.1
Motivation

In addition to what we discussed in Section. 1.3 on the UHECR com-
position, one of the main motivations for the recent interest in heavy and
ultra-heavy UHECRS is that they impose significantly looser conditions on the
acceleration to the highest energies. Almost always, a heavy nucleus 42X, of
mass number A and atomic number Z < A/2; is assumed to be fully ionized
with its charge equal to Ze; making abstraction of species-dependent energy-

loss mechanisms, a given accelerator capable of an effective potential AV allows
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for a maximum energy Fy.. = ZeAV  proportionally higher for a nucleus than
a proton.

However, this picture changes if the heavy nucleus dresses with one or
more electrons, effectively reducing its charge. To our knowledge, this possibil-
ity has been overlooked in the literature since, at low energies, photo-ionization
rates are orders of magnitude faster than any other process. Reassessing the ex-
tent to which this conclusion stays true at ultra-high energies for (ultra-)heavy
nuclei is our job in this chapter.

The dressing process involves the interaction of ultra-heavy UHECRs
with photons. In the course of propagation over cosmological distances, CRs
encounter low-energy photon fields permeating the Universe, with the CMB
being the most prominent one. Additionally, in the scenarios where CRs are
accelerated inside compact astrophysical sources, such as the magnetosphere
of a Super Massive Black Hole (SMBH) or GRBs, the acceleration site contains
dense background photon fields. In fact, recent multi-messenger searches
for the origin of high energy neutrinos observed by IceCube (19, 233), in
combination with diffuse gamma ray data (17), strongly point to opaque
sources which contain relatively dense photon fields, as discussed in Section
1.6 (231, 232, 234, 235). Then, the observation of neutrinos with energy up to
~ 10'¢ eV by IceCube suggests then sources surrounded by dense photon fields
exist that may accelerate protons (nuclei) up to ~ 10*7 = 10 eV (> 10 eV).
Sufficiently energetic photons interacting with such nuclei can produce an e*
pair (Bethe-Heitler process), with a non-vanishing probability that the electron
is captured, thereby reducing the effective charge of the nucleus (or ion) by
one unit. The Feynman diagram for this process is shown in Figure. 2.1. Of
course, this process is unavoidably accompanied by its inverse, where the same
target photons can ionize a dressed nucleus and increase its charge by one unit.
Both the PPC and photo-ionization can play important role for ultra-heavy
UHECRs due to their scaling oc Z°. The ion can in principle reach a state of
equilibrium for some effective charge, denoted as Z.,, lower than the nucleus
atomic number, such that the PPC rate at Z, is equal to photo-ionization
rate of the ion with charge (Z., — 1). Of course, the dressing is relevant
for a significant fraction of nuclei at some energy E only if the PPC rate
is sufficiently fast, compared to the timescale with which substantial energy
loss due to the well-known mechanisms (such as Bethe-Heitler pair production,
photo-meson production or photo-disintegration) take place.

The possibility of an equilibrium between PPC and photo-ionization
during the cosmological propagation of heavy nuclei has been briefly mentioned

(with different motivations) in (236). Due to their approximations, we disagree
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Figure 2.1: Feynman diagram for pair production with capture (PPC). An
incoming photon with four-momentum k interacts with an initial proton /
nucleus of momentum p; via exchange of a virtual photon ¢, producing an e*
pair. The electron e~ is captured by the Coulomb field of the recoiling final
proton / nucleus py, as indicated by the enclosing ellipse. This capture lowers
the nuclear charge by one unit, 7 — 27 — 1.

with their conclusions, but for the (rather academic) case of protons.

This chapter is structured as follows: in Section 2.2 we introduce the key
ingredients used to evaluate the rates of PPC and photo-ionization processes.
To determine the time evolution of the ionization state and the possible
equilibrium condition, we discuss and solve a set of Saha-like equations,
described in Section 2.3. Our main results are presented in Section 2.3. Finally,
Section 2.4 includes a discussion, possible directions for future investigations

and applications, and our conclusions.

2.2
PPC and Photo-lonization Rates

The energy spectra of nuclei emitted from astrophysical sources are
shaped by the complex interplay between acceleration, cooling, and escape
processes (see e.g. (23)). As these nuclei propagate over cosmological distances,
their spectra are further modified by energy loss processes, primarily through
interactions with background photon fields such as the CMB. By introducing
the species ionization state as further dynamical variable, as advocated here,
one greatly complexifies the treatment: In principle, by considering nuclei up

to a mass number Ay, instead of dealing with ~ A, different kinetic (or
2

max

stochastic) differential equations, one should now solve >, A; X Z; < A
equations, in order to describe abundances, spectra, and ionization states of
each species, with an interplay among those variables. In practice, and in
particular for a first assessment of the relevance of the effect, if the PPC and
ionization interaction rates exceed the energy-loss rates, we can factorize the

problem and separately compute the typical ionization state mixture of nuclei
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having a certain enerqgy, as attained over a length scale set by the energy losses.
This approximation fails when this “fast PPC” hypothesis is not met. However,
in this regime we expect small effects, so one has limited interest in solving for
them.

To evaluate the impact of PPC and photo-ionization processes, the key
parameters are the interaction and loss rates or, equivalently, the interaction
and loss lengths. For a nucleus with energy F4 and mass m 4 interacting with
a photon field of spectrum n(e,) in the Lab frame, the interaction rate for a

process p is given by (Also remember Egs. 1-36 and 1-37)

T /dev/ dp P()n(e,)o,(s), (2-1)
where o, denotes the total cross section of the process, p represents the cosine
of the collision angle in the photon-nucleus interaction, s = m?% + 2e.,(E4 —
py/ E4 —m?) is the CoM energy squared, and P(u) = (1 — Bap)/2 is the
flux factor, with $4 being the velocity of the nucleus in the Lab frame. The
loss rate can be defined analogously to the interaction rate, incorporating a
measure of energy loss into the formula. Since the inelasticity provides the
only dimensionless measure of energy loss, the loss rate of an interaction with

inelasticity 7(s) can be expressed as:

TE(By) = [de, [ duP(u)n(e)oy(s)n(s) (22
In section 2.2.1 we review the total cross sections of PPC and photo-ionization.
Using these established cross sections in Eqs. 2-1 and 2-2, we calculate the
corresponding rates in two distinct scenarios: interaction with the CMB during
cosmological propagation and inside astrophysical sources where a thermal
photon field is present. In Section. 2.2.2 we discuss Bethe-Heitler, photo-
disintegration and photo-meson processes as the most relevant energy loss
mechanisms for nuclei in our context. We then provide the associated loss
and interaction lengths. Note that, quantities in the nucleus rest frame are

distinguished by prime (') notation as introduced in the introduction.

2.2.1
Total Cross Sections and Rates of PPC and Photo-lonization

The capture and ionization processes are most pronounced for the atomic
K-shell of the nucleus, so we focus on the relevant formulae specific to the
K-shell. The cross section of PPC in the K-shell can be derived from its
inverse process, where a positron annihilates with a K-shell electron, resulting
in photon emission, as described in (237). In the Born approximation limit

(aZ < 1) this cross section is given by
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where, £, denotes the outgoing positron energy. In the nucleus rest frame, the

(2-3)

incident photon energy, 5’7, the ionization energy, I, and the positron energy

are related by
e = B\ +m,— Iy, (2-4)
where the K-shell ionization energy writes Ix = m.(aZ)?/2. The K-shell

photo-ionization cross section in the relativistic regime, applicable when aZ <

1, calculated in (238), is given by

Oion =

(2-5)

Ye(Ve — 2) - 1 ln7e+\/%2—1
Ye+1 2912 =1 qe—y2-1)]

where 7. = 1+ €. /m, is the electron Lorentz factor.

Two remarks are in order: First, the PPC and photo-ionization cross
sections for higher atomic shells are notably smaller than those of the K-shell.
Specifically, the photo-ionization cross sections for the 2s and 2p sub-shells
of the L-shell are suppressed by factors of 2°(1p/Ix)* and 2°(I1/Ix)* (I /<),
respectively (238). This suppression plays a pivotal role in the PPC-ionization
equilibrium stage, which will be further discussed in the next section. Second,
while the cross sections provided in Eqgs. 2-3 and 2-5 are not viable for high
charges (a«Z ~ 1), the suppression for the largest Z values considered in this
work is at most a factor of ~ few compared to the above scaling. Thus, our
findings remain robust even in absence of detailed shell-specific cross sections,
whose precise calculation is beyond the scope of this exploratory study, and
for which we are not aware of well-established fits or numerical tables in the
literature.

Using the energy relation in Eq. 2-4 and CoM energy squared in the rest
frame of the nuclei, s = m?% + 2€;m A, these cross sections can be expressed in
terms of the Lorentz invariant variable s, which can be used in Eqgs. 2-1 and
2-2. Note that while the cross sections in Eqs. 2-3 and 2-5 depend solely on the
nuclear charge in the nucleus rest frame, independent of the atomic number
or atomic mass number, the same is not true in the Lab frame: Due to the
relativistic boost, the cross sections in the Lab frame depend on the atomic

mass number of nucleus.
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2.2.2
Nuclei Energy Loss Processes

As nuclei propagate through a photon field, they can lose energy
through various interactions such as Bethe-Heitler pair production, photo-
disintegration and photo-meson production. Additionally, energy loss can oc-
cur via synchrotron radiation, due to the presence of magnetic fields in the
medium. The competition between synchrotron radiation and other loss pro-
cesses is influenced by the relative energy density in the magnetic field with
respect to the energy density in the background photon field. Since this ratio is
rather model-dependent and since the synchrotron radiation is inversely pro-
portional to the nucleus mass, for simplicity we will ignore synchrotron losses
in the following.

For sufficiently broad photon spectra, an unavoidable and nuanced
competition exists between Bethe-Heitler, photo-disintegration and photo-
meson losses. This complexity stems from two facts: On the one hand, the
threshold energies for the these processes in the nucleus frame are ~ 1 MeV for
the Bethe-Heitler, a few MeV (the exact value being nucleus-dependent) for the
photo-disintegration and ~ 100 MeV /nucleon for the photo-meson interaction.
Just based on this trend, one would expect that the Bethe-Heitler matters
the most at low-energies, while photo-meson interactions dominate at the
highest energies, with a relevant role of the photo-disintegration in between,
due to the onset of the Giant Dipole Resonance (GDR). However, the onset
energy scale for these processes depend on the nucleus since Bethe-Heitler cross
section scales with a®Z2, while both the photo-disintegration and photo-meson
cross sections scale approximately as ~ A. Furthermore, the interplay between
these photon-nucleus interactions is further complicated by their inherently
stochastic nature. In the context of this study, we adopt a simplified approach
by defining a characteristic loss length at each energy and for each nucleus as
the smallest among the Bethe-Heitler loss length, photo-meson loss length
and the photo-disintegration interaction length (or timescale). Within this
timescale, we will solely focus on the competition between PPC and photo-
ionization processes. This approximation makes sense only if these processes
are fast enough, but this is the only regime where the effects of PPC and photo-
ionization cannot be neglected. Technically, we adopt the total cross section
and inelasticity of the Bethe-Heitler process from (166). The interaction rate for
photo-disintegration is estimated using the single-pole approximation within
the Narrow-Width Approximation, as outlined in (239). For the photo-meson
cross section we employ the fit in (240), based on GEANT4, along with the

inelasticity 7phmes = 0.9, for estimating the photo-meson loss rate.
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For an ion with atomic number Z, mass number A and charge Z, (where
Z,. < Z, meaning that the nucleus is dressed by Z — Z, electrons), the PPC and
ionization rates are denoted respectively by I'ppc(Zs, Fa) and Tion(Zs, E4), as
functions of the charge Z, and the ion energy E4. We start our treatment
with a fully stripped nucleus (Z = Z,); which reflects the fact that at low
energies where it presumably enters the acceleration process, ionization rates
exceed all the other rates of interest. Our goal is then to identify for each
species, labeled by its atomic number Z, the energy at which the PPC rate,
Uppc(Z. = Z), is comparable to the ionization rate when the nucleus is dressed
with a single electron, I'j,,(Z., = Z—1), in a photon background parameterized
by either a blackbody ! temperature T or a monochromatic spectrum of energy
€g, occupying a region of spatial extent R. Only if, simultaneously, these rates
surpass those of the relevant loss processes, a significant fraction of dressed
nuclei then exists within the specified parameter space.

The characteristic lengths of energy loss processes, as well as the PPC
and ionization interaction lengths, are illustrated for both cosmological prop-
agation and propagation within astrophysical sources in Figures 2.2a, 2.2b
and 2.2c, respectively for Tungsten, Zirconium and Iron. For the cosmologi-
cal propagation we consider interactions with the CMB photons at redshift
z = 0 (upper z-axis), while for the astrophysical case we use a thermal pho-
ton field with the temperature 100 eV (lower x-axis), both plotted against the
nuclei total energy F 4. It should be noted that the photon field’s number den-
sity, n, = [ n,(e4)de,, acts as a normalization factor for the interaction/loss
lengths and scales them uniformly. As a result, the normalized inverse areas
n,I'~! depend only on the energy of the incident ion and the shape of the tar-
get photons energy spectrum. Given that both considered photon fields have
blackbody spectrum, the normalized lengths are universal at ultra-high en-
ergy regime, as shown in Figure 2.2. As a consequence, as long as the PPC
and photo-ionization interaction lengths are smaller than or comparable to the
source radius R, the number density does not impose any further constraints.

In Figure 2.2 two features are worth noting: 7) PPC and ionization lengths
converge at sufficiently high energies; ) In the energy range where they are
comparable, they are sufficiently short with respect to the energy loss lengths
only if the atomic number is sufficiently large.

Thus, from Figure 2.2, we expect only a mild dressing of iron nuclei, say,
but potentially large deviations from “fully stripped” ultra-heavy nuclei, such
as Zirconium (middle panel) or Tungsten (top panel). Note that, due to the
typical energy of the CMB photons in the local universe, emp, ~ 6.3 x 1074 eV,

IThe results can be trivially generalized to the case where a greybody factor £ is present.
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Figure 2.2: Characteristic lengths for (a) Tungsten, (b) Zirconium and (c) Iron.
The lower z-axis represents the nuclei’s energy for the propagation inside an
astrophysical source with a thermal photon field with temperature 100 eV.
The upper z-axis corresponds to cosmological propagation in CMB. The y-
axis shows interaction rates, normalized by the total number density of the
photons, resulting in universal curves at ultra-high energies. The universality
holds in the regime where s ~ 4e,E4, where €, is the photon’s energy, which
is valid at sufficiently high energies.

a comparable PPC and ionization rate is only attained at extremely high
energies, F, > 10% €V, as is manifested in Figure 2.2. Thus, only a tiny
fraction of dressed nuclei is expected to be observed in UHECRs propagating
over cosmological distances. Apart from the case of protons, this result is
at odds with the conclusion of (236), which predicts, for instance, that Fe
in UHECRs should have an equilibrium Z, = Z — 1 = 25. As far as we
can infer, this stems from the incorrect scaling of the photo-ionization cross
section with Z, implicitly used in (236). Instead, for the propagation inside
the astrophysical sources, if the acceleration site is surrounded by a sufficiently
extended environment dominated by a (not too broad) photon background, we
expect that a significant fraction of partially dressed nuclei will be established.

After this qualitative assessment, in the next section we will tackle

the problem more quantitatively by formulating the Saha-like equations to
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determine the fraction of dressed nuclei at different energies and for different

elements.

2.3
Saha-like Equations and Results

To gauge the influence of PPC and photo-ionization processes on the
propagation of ultra-heavy and ultra-high-energy nuclei, we employ a set of
“Saha-like” rate equations. These equations allow us to calculate the fraction
of nuclei that remain partially dressed after traveling a given distance. The
rate of change in the population of nuclei in a particular ionization state is

governed by the following time-dependent set of equations:

Xi=(1=0i0)Tion(i — 1) X;4
+ (1 = 8;iz)ppc(i + 1) Xt (2-6)
— [(]_ — (Siz)rion('i> + (1 — 5i0)rppc(i)] Xz .

As before, Z represents the atomic number equal to the charge of the fully
stripped nucleus, while X, refers to the fraction of nuclei with same mass
number A in an ionization state corresponding to charge ¢, where 0 <1 < Z,
and the system must be solved from top (X, fully stripped) to bottom (X,
fully dressed).

We begin by setting the boundary condition X;(0) = d;z, which means
that initially all the nuclei are fully stripped. Additionally, we impose the
constraint >, X; = 1, ensuring that the total population of nuclei remains

conserved across different ionization states. The system of differential equations

-1
max

is then solved over the time interval (0, '}, ), with I'j., being the most efficient
loss rate at the considered energy for the specific nucleus. This ensures that
the conservation of the number of ions of each species is approximately valid,
and also allows us to solve the equations for constant values of energy.
Formally, Eq. 2-6 admits a steady state solution if all the time derivatives
vanish after a relaxation time scale 7., 7.€. Xz-(t 2 Tre1) = 0. In the steady state
the population of nuclei in each ionization state remains constant over time
and the the solution of the system of equations in Eq. 2-6, for t 2 7., takes
the following form: o nl:f Fopc(Z - ) |
o Lion(Z —i = 1)
Clearly, the steady state can be achieved if all the PPC and photo-

ionization rates exceed the loss rates, allowing the nuclei to reach a sta-

(2-7)

ble ionization state. The relaxation time can then be estimated by 7 ~
S Z Tepa(Z — i) + Tioh(Z — i — 1)] It is evident that the set of equations
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in Eq. 2-6 may never have enough time to reach the steady state in a physical
situation, because of the significantly suppressed PPC and photo-ionization
rates in the higher atomic shells, as previously discussed. In the absence of
the high-shell suppression, the PPC and ionization rates would be compara-
ble and the system would quickly achieve a steady state with a “democratic”
distribution of dressed nuclei, that is X; ~ 1/Z for all 1.

In practice and for the physical conditions we are dealing with in this
work, we can safely assume that X;,.z 4 &~ 0, allowing us to truncate the

system of equations in Eq. 2-6 at Xz 3 and simplify the last equation to
Xz 3=-TionlZ —=3)Xz 5+ Tppc(Z —2)X5 5. (2-8)

For the purposes of this study, we rely on the K-shell PPC and photo-ionization
cross sections. Additionally, we incorporate a suppression factor of 1/8 for the
(Z — 3) ionization state with respect to the (Z — 2) one.

For our truncated system of equations, the steady state solution is
attainable (i.e., can be achieved for ultra-heavy nuclei, such as Tungsten),

and takes the form:

Xy = Lerc(Z) ,
Fion(Z — 1)
I'ppc(Z —1) DIppe(Z)
Xy 9= 2-9
I Tn(Z=2) Tim(Z —1) " (2-9)
X, . Ippc(Z —2) Uppc(Z — 1) Tppc(2)
7-3 =

Cion(Z —3) Tion(Z —2) Tion(Z —1)

This solution aligns well with the numerical solution of the Saha-like equations
shown in Figure 2.3 for the propagation of nuclei in a blackbody photon field
of temperature 100 eV. Figure 2.3a shows that for a Tungsten nucleus, Z = 74,
with the energy E4 = 107 eV and propagating through the blackbody photon
field of temperature 100 eV, the fractions of dressed nuclei with one, two or
three electrons reach {Xr3, X709, X71} = {0.22,0.09,0.23} until the smallest
energy loss length indicated by the vertical gray solid line, meaning that nearly
half of the initially bare nuclei become dressed. By increasing the energy to
FEa = 10" eV (10" eV) the fraction of dressed nuclei, 1 — X74, increases to
approximately 89% (79%). For Zirconium in Figure 2.3b, the effect is smaller
but is not negligible and 1 — X4y reaches ~ 40% at 10'® ¢V. Going to Iron in
Figure 2.3c, the effect is less pronounced but still 1 — X6 ~ X5 ~ 10%. The
upper z-axis in the panels of Figure 2.3 shows the required propagation length
in the CMB for achieving the same dressing fractions at the energies displayed
in the legends. For example, 89% of Tungsten nuclei dress in the propagation
through CMB at the energy 1.6 x 10%® eV, which is extremely large by the Hillas

criterion. The dressing fractions that can be achieved for nuclei propagating
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Figure 2.3: Fraction of nuclei dressed with one, two and three electrons, from
numerical solution of Eq. 2-6 for (a) Tungsten, (b) Zirconium and (c) Iron,
propagating in a thermal photon field of temperature 7" = 100 eV, with
energies £, = 10'7, 10'® and 10! eV. The vertical thick gray lines illustrate
the minimum loss length for the corresponding energies. For propagation in
CMB the dressing fractions can be achieved for nuclei with energies reported
in the legends and over distances in the upper z-axis.

in CMB with highest observed energies are shown in Figure 2.4. For example,
from Figure 2.4a, a Tungsten nucleus escaping its source fully stripped and
with E4 = 10%2 ¢V would arrive at Earth with ~ 16% probability of being
dressed once and ~ 3% of acquiring two electrons. The Iron is not shown in
Figure 2.4 since the dressing probability is negligible; only ~ 0.3% of Iron
nuclei at £, = 10?! eV dress with one electron in the course of propagation in
CMB. As anticipated, we estimate that the dressing fraction associated to the
extragalactic propagation is thus negligible over the range of UHECR energies
observed.

The maximum dressing fraction, 1 — Xz, for propagation in a blackbody
photon field of temperature T" and the energy of nucleus at which it occurs
for elements heavier than Iron are reported in Table 2.1. For this case, the
CoM energy squared at ultra-high energies is approximately s ~ E4T. Thus,

by choosing a temperature, the E4 values can found from the reported value
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Figure 2.4: Same as Figure 2.3, for (a) Tungsten and (b) Zirconium nuclei
propagating in the CMB and with energies E4 = 10%! and 10%? eV.

of 4T in the table.

Can the results obtained assuming a blackbody photon spectrum be
considered representative? To answer, we turn to a state-of-the-art Active
Galactic Nuclei (AGN) disk-corona scenario (23) and use the spectral energy
distribution (SED) with an X-ray luminosity of Lx = 10% erg/s, dubbed
SED46. The SED46 has a power-law spectrum for the photon field, marking a
significant departure from the blackbody spectrum examined earlier (see (23)
for further details on SED46). Figure 2.5 shows the fraction of dressed nuclei,
same as Figure 2.3 but for propagation in the SED46 photon field. Comparison
between Figures 2.5 and 2.3 shows an almost equal dressing fractions, pointing
to the robustness of results with respect to the assumption about the photon
field spectrum.

A close inspection reveals that the most important feature that may alter
the obtained results is the broadness of the background photon distribution. To
illustrate this, in Figure 2.6a we compare the dressing fractions for Tungsten
propagating in blackbody of 7" = 100 eV and monochromatic e, = 100 eV
photon fields. The vertical solid and dot-dashed lines correspond to E4 =
10'® eV. An increase of a few percent in the fraction of dressed nuclei can
be noticed for propagation in monochromatic photon field. Qualitatively, the
reason for this increase is that the photons in the low-energy tail of the
blackbody spectrum contribute more to the photo-ionization than the PPC
process and therefore suppress the fraction of dressed nuclei. This can be
understood by inspecting Figure 2.6b, which shows the dependence of PPC
and photo-ionization cross sections for Tungsten on photon energy e, in the
lab frame, with the former being penalized by a higher energy threshold and,
initially, a milder decrease with energy: Due to the photo-ionization cross

section growth at low-energy, even relatively few photons can move the balance
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Figure 2.5: Same as Figure 2.3, but for propagation within a source character-
ized by an SED with X-ray luminosity Lx = 10%¢ erg/s, taken from (23).
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Figure 2.6: Panel (a): The fraction of dressed Tungsten nuclei, comparing the
case of propagation in a blackbody spectrum of temperature 7' = 100 eV with
a monochromatic photon field of energy 100 eV. The vertical lines correspond
to B4 = 10'® éV. The number density is fixed. Panel (b): The cross sections of
PPC and photo-ionization processes as function of the photon energy in the
Lab frame.

in favor of the ionization.
We close this section by a brief discussion about the effect of PPC on
the energy loss rate of nuclei. The PPC process adds to the Bethe-Heitler
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process, and thus modifies the overall energy loss incurred by heavy nuclei.
This modification manifests in two distinct ways, termed here as direct and
indirect ways.

The direct modification to energy loss rate can be estimated by assuming
a similar inelasticity for both PPC and Bethe-Heitler processes. Then, the loss
rate due to PPC can be thought of as a correction to the Bethe-Heitler loss
rate given by oppc/opn ~ [97(Z)*m,/(7e!, In(2€] /m,))]. At high energies the
photo-disintegration dominates the energy loss rate for heavy nuclei except
for a window at B4 ~ few x 10%° eV (see figure 5 in (241)) where Bethe-
Heitler energy loss length is marginally smaller, for interaction with CMB.
This corresponds to €, ~ 10m,, which from our estimate leads to ~ 2% (0.3%)
modification of Bethe-Heitler loss rate for Tungsten (Zirconium).

Indirectly, PPC alters the loss rate of nuclei by modifying the ion’s charge
state, which the Bethe-Heitler energy loss depends on it quadratically. For the
fraction X;_; of nuclei that acquire one bound electron, the Bethe-Heitler
energy loss is reduced by a factor of (1 — 1/Z)%. For ultra-heavy nuclei, this
suppression is minimal, of the order of < 1073, and is therefore negligible in

most cases.

2.4
Discussion

In the ongoing efforts to understand the origin and acceleration mecha-
nisms of UHECRs, this study revisits a crucial but often overlooked aspect, the
ionization state of nuclei, both during acceleration inside astrophysical sources
and during cosmological propagation. We demonstrated that processes such
as PPC and photo-ionization, while negligible for light nuclei (Z < 26), have
a significant impact on the propagation of heavy and ultra-heavy nuclei at
ultra-high energies in the presence of background photon fields. We find that a
significant fraction of these nuclei become dressed during their journey through
dense photon fields, accumulating electrons in the innermost shells, changing
their effective electric charge. A summary of the dressing fractions for different
nuclei is reported in Table 2.1.

It is important to note that our analysis does not incorporate the
acceleration rates of the nuclei within the UHECR sources. The reduction
of a nuclei’'s net charge by PPC has two consequences for these sources.
First, if a site accelerates particles fast enough that the acceleration time is
comparable to—or shorter than—the relevant energy-loss timescale, the nuclei
will be driven to still higher energies; because both PPC and photo-ionization

relevance rise with energy, omitting explicit acceleration in our calculation
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makes our estimates conservative: a realistic treatment would increase the
fraction of “dressed” nuclei.

Second, PPC lowers the effective charge Z of each nucleus during
acceleration, therefore reducing its maximum energy attainable in a given
electromagnetic field; to reach a target energy one must therefore start with
nuclei of higher atomic number than would be required in the absence of PPC.

Our results further indicate that cosmological propagation of UHECRs
through the CMB does not significantly affect the ionization state of these
nuclei. For the energy ranges of interest in UHECRSs, photo-ionization remains
the dominant process and we expect most UHECRs to arrive at Earth in a
fully stripped state. Even if nuclei are emitted in a partially dressed state
from their source, they will quickly become fully ionized due to the efficiency
of photo-ionization in their extragalactic propagation. However, should nuclei
> 10%2 eV, the impact

~Y

be accelerated to extremely high energies, that is E4
of PPC and photo-ionization would become significant even in cosmological
propagation, yielding O(10%) of the population to be dressed. Additionally,
we have shown that the PPC process contributes to a little extent to Bethe-
Heitler energy losses for UHECRs. While a secondary effect, it can reach the
few percent level for cosmic rays with energies of the order of a few x10%° eV
propagating through the CMB. This motivates the inclusion of PPC losses in
precision modeling of UHECR energy loss mechanisms.

Overall, the dominance of photo-ionization in cosmological propagation
implies that the PPC can essentially affect the characteristics of UHECRs
(energy spectrum and composition) observed at PAO and TA indirectly, via
the acceleration at the sources. In particular, recent proposals including ultra-
heavy UHECRs in the analysis of data, sometimes leading to improved fits
to the observed energy spectrum and composition in comparison to scenarios
with only conventional nuclei (p, He, O, Si, Fe) (241), will have to assess
the importance of the PPC process on a case-by- case basis, depending on
the acceleration environment considered. This may alter expectations and
signatures associated to different putative sources, such as the surroundings of
merging neutron stars, which have been recently highlighted (242).

Future work will focus on a more precise assessment of the ionization
states of heavy nuclei, which requires detailed calculations of PPC and photo-
ionization cross sections for different atomic shells and charge states. Having
these cross sections, the problem can be addressed using Monte Carlo sim-
ulations or semi-analytical methods. One interesting scenario involves nuclei
capturing electrons directly into the L-shell without first occupying the K-

shell. In such cases, the de-excitation of the captured electron could produce a
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gamma ray signal characteristic of heavy UHECRs, which represents another

promising direction for future UHECR searches, analogous to what discussed

in (243, 244).



Chapter 2. Pair production with capture by energetic cosmic ray nuclei in a
photon background

107

Table 2.1: Maximum dressing fractions 1 — X and E4T for nuclei from 35Fe
to 23'Pa propagating in a blackbody photon field of temperature T'. E4 is the
energy of nucleus at which the maximum dressing occurs.

Element | E4T [eV?] | max(l — Xz) || Element | E4T [eV?] | max(1 — Xy)
SoFe | 1.75 x 10" 0.123 Pr | 6.97 x 10" 0.809
52Co | 2.06 x 10" 0.140 SINd | 7.56 x 10" 0.821
SONi | 2.23 x 10% 0.157 ¢PPm | 7.56 x 10" 0.831
gaCu | 2.42 x 101 0.179 2%Sm | 8.21 x 1017 0.841
05Zn | 2.63 x 10 0.198 P2Eu | 8.90 x 10 0.850
NGa | 2.85 x 101 0.223 &7Gd | 9.66 x 10Y 0.858
Ge | 3.09 x 10% 0.247 B9Th | 1.14 x 10%° 0.870
™As | 3.35x 101 0.269 Sipy | 1.23 x 10% 0.881
9Se | 3.64 x 10" 0.291 S5Ho | 1.34 x 10%° 0.892
9Br | 3.64 x 1019 0.319 WTEr | 1.45 x 10% 0.899
SKr | 4.28 x 10% 0.342 9Tm | 1.57 x 10% 0.902
SRb | 4.28 x 1019 0.369 13Yb | 1.85 x 10% 0.904
8Sr | 4.64 x 10%° 0.392 ™Lu | 1.85 x 10% 0.905
Y | 4.64 x 10%° 0.416 ISHf | 2.01 x 10%° 0.907
9Zr | 4.64 x 10" 0.441 BTa | 2.36 x 10% 0.908
BNb | 5.46 x 101 0.463 AW | 2.36 x 10%° 0.909
BMo | 5.93 x 10% 0.485 B7Re | 2.57 x 10% 0.910
BTe | 5.93 x 1019 0.505 220s | 2.78 x 10% 0.912
MRu | 5.93 x 10% 0.531 19Ir | 3.02 x 10% 0.913
19Rh | 5.93 x 10% 0.551 9Pt | 3.27 x 10%° 0.914
96pPd | 5.93 x 101° 0.570 17Au | 3.55 x 10%° 0.915
97Ag | 5.93 x 101 0.594 22Hg | 3.85 x 10%° 0.915
14Cd | 5.93 x 10" 0.613 25T1 | 3.85 x 10%° 0.916
15In | 5.93 x 1019 0.633 2%Pb | 4.18 x 10%° 0.916
12080 | 5.93 x 10% 0.656 29Bi | 4.92 x 10%° 0.917
1218h | 6.43 x 10% 0.675 20po | 4.92 x 10% 0.917
Te | 6.43 x 10% 0.693 2I0At | 5.34 x 10% 0.917
2T 16.97 x 101 0.712 22Rn | 5.79 x 10% 0.918
1%2Xe | 7.56 x 1019 0.733 2B | 5.79 x 102 0.918
13Cs | 7.56 x 10% 0.751 2Ra | 6.28 x 10%° 0.918
18Ba | 8.21 x 10 0.765 ZTAc | 6.28 x 10% 0.918
B9La | 8.90 x 10" 0.782 22Th | 6.28 x 10%° 0.919
140Ce | 9.66 x 10" 0.797 B1Pa | 6.28 x 10%° 0.919
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Neutrinos from muon-rich ultra high energy electromagnetic
cascade and MUNHECA code

This chapter delves into the findings presented in (34, 35), focusing on
the development of electromagnetic cascades at ultra-high energies (UHE). In
(34), we investigated the influence of specific interactions, namely muon pair
production (MPP: 4y — up) and double pair production (DPP: vy — efe®),
on cascade developments under conditions where these processes are relevant.
Our analysis centered on the propagation of UHE photons and electrons
originating from astrophysical sources in the high-redshift Universe (z 2 5),
interacting with the CMB. The results highlighted that a considerable fraction
of the energy injected into the cascade could, in principle, be carried by the
neutrinos.

Building on this work, (35) expanded the scope by including additional
vy and ey interactions that are operative at the UHE regime. This study
also introduced a publicly available python3 code, MUNHECA, designed to
compute the resulting neutrino spectrum. The code accounts for these QED
processes as the cascade develops, either during propagation through the
CMB in the high-redshift Universe or within a predefined photon background
around astrophysical sources. Overall, electromagnetic cascades emerge as
a compelling pure leptonic mechanism for the production of astrophysical

neutrinos.

3.1
Motivation

Unraveling the origins of ultra-high-energy astrophysical sources requires
a multi-messenger approach, leveraging the complementary information carried
by charged cosmic rays, photons, and neutrinos. This endeavor demands a
deep understanding of the microphysical processes that govern the energy
distribution and spectral characteristics of these messengers. However, as we
discussed in Chapter. 1, neutrinos are the most promising messengers from the
large distance astrophysical sources: UHECRs lose significant energy during
propagation and are deflected by extragalactic magnetic fields, obscuring their
sources. Photons and electrons, in turn, interact rapidly with the CMB, quickly
degrading their energy and contributing mainly to the diffuse extragalactic
background at sub-TeV energies. Gravitational waves, while offering intriguing

prospects, require next-generation detectors to probe high-redshift events and
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remain difficult to connect with high-energy counterparts (245). In this sense,
the high-redshift Universe (z 2 5) still remains mysterious.

The astrophysical neutrino flux detection by IceCube (246, 247, 248, 249),
extending up to ~ O(10) PeV (250), has marked a turning point in multi-
messenger astrophysics. Future advances in neutrino telescope sensitivity
promise to push the frontier further, particularly into the UHE range (£ 2> 107
eV). While these neutrinos are guaranteed from interactions of UHECRs
with the CMB, they might also reveal unknown astrophysical or exotic
phenomena (251, 252, 253). Crucially, the interplay between messengers,
especially between photons and neutrinos, offers powerful diagnostic potential.
For instance, gamma rays have long provided stringent constraints on UHE
neutrino production, as demonstrated in works such as (254, 255, 256).

The fact that the propagation of UHE photons/electrons may be quan-
titatively different at high-z was studied in (257, 258), where the key process
responsible for the drainage into the neutrino channel was thought to be the
electron muon-pair production (EMPP: ey — eup). Soon after, this process
was reassessed and found of negligible importance in (24). The same article
also suggested that the MPP process may however play a similar role !. This
process has been studied within some approximations in (260), where it was
concluded that at low redshift 0 < z < 5, and due to the interplay with the
diffuse CRB 2, only a relatively small fraction of the initial energy of elec-
tromagnetic cascades (< 10%) channels into neutrinos. Similar considerations
were also briefly exposed in (261).

The basic idea is that the MPP is non-negligible in the interaction of UHE
photons with CMB, where the subsequent decay of muons generates neutrinos.
The MPP introduces an important deviation from the course of well-studied
electromagnetic cascade of high energy photons/electrons, where it is the chain
of EPP and ICS which leads to the degradation of initial photon/electron
energy and the production of a lower-energy photon spectrum. The large
inelasticity in both EPP and ICS renders the MPP feasible since effectively
the energy loss length in electromagnetic cascade is larger than the interaction
length of MPP. This picture is further modified by the role of DPP. In DPP,
one of the e pairs carries nearly all the energy of the incoming photon, while
the energy is almost evenly distributed between the electron and positron in
this pair. Consequently, DPP plays a key role in energy drainage but also

increases the cascade multiplicity, enhancing the probability of MPP at lower

L An early mention of this process can also be found in (259).

2Furthermore, the e® in the cascade could also quickly lose energy via synchrotron
emission in intergalactic magnetic fields, if these are close to the current upper limits at
the nG level.



Chapter 3. Neutrinos from muon-rich ultra high energy electromagnetic
cascade and MUNHECA code 110

energies.

On the other hand, if the magnetization of the environment is sufficiently
low, the same microphysics can play a role in the processing of moderately high
energy photons, say of energy ~ O(100) TeV, within an astrophysical source
where they interact with thermal X-ray environmental photons. The neutrino
flux emerging from the electromagnetic cascade development inside the source
serves at least in principle as a counterexample to the common consensus that
neutrino detection is the smoking gun signal for hadronic processes in the
source.

Motivated by these remarks, i.e. the possibility of neutrino production
in a purely leptonic framework, and aware of the complication brought by
several relevant processes in the development of the electromagnetic cascade,
we developed a public code, MUNHECA®, facilitating the computation of the
emergent neutrino spectrum.

In this chapter, first, we recompute the cross sections and inelasticities
for the processes of interest to conduct dedicated studies on their impact on
cascade development. At the time these studies were published, detailed calcu-
lations of the relevant cross sections and inelasticities were either unavailable or
rarely found in the literature. For instance, the only relatively recent study on
DPP, already over 15 years old, is (262), which builds upon much older, cursory
analyses (263, 264) that remain widely cited in the field (e.g., (265)). Next, a
qualitative description of electromagnetic cascade development at ultra-high
energies, along with the influence of the relevant processes, is presented in sec-
tion 3.3. The structure and features of the MUNHECA are detailed in section 3.4.
In section 3.5, we provide the code’s output for two case studies: (i) the prop-
agation of monochromatic ultra-high-energy photons injected at high redshift
in the cosmological background, and (ii) the cascade development within a
source, taking NGC 1068 (191) as a proxy. The latter case is compared to the
more simplistic estimate in (25). In section 3.6, we introduce a quasi-universal
relation for the neutrino spectrum of UHE electromagnetic cascades, similar
to what has been obtained for the gamma rays in Section. 1.5. Finally, in sec-
tion 3.7, we discuss our findings and present conclusions and perspectives for
future work.

For convenience, a list of acronyms for the processes discussed in this

chapter is provided in Table 3.1.

3MUons and Neutrinos in High-energy Electromagnetic CAscades. The code can be
downloaded from <https://github.com/afesmaeili/ MUNHECA.git>
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Table 3.1: List of the processes considered in this article and their acronyms.

Process Name Acronym
vy — ete~ Electron Pair Production EPP
Yy — u+u7 Muon Pair Production MPP

Yy — eTe ete™ Double Pair Production DPP

vy — atr— Charged Pion Pair Production CPPP
ey — ey Inverse Compton Scattering 1CS

ey — e;ﬁﬂuf Electron Muon-Pair Production EMPP
ey — eeTe™ Electron Triplet Production ETP

3.2
Cross Sections and Inelasticities

3.2.1
An Alternative Parametrization of Inelasticity

Before delving into the details of each interaction, it is helpful to
introduce an alternative parametrization for the inelasticity. This approach,
especially, streamlines the computation of inelasticity, leveraging the numerical
results for the cross sections to achieve greater efficiency.

Previously, we introduced 1 as the fraction of the leading particle’s

initial energy (EI(HL )) transferred to the outgoing particle i (E(glu)t)

1 EYs BV do ;
/ (L; (@) dEc()u)t ) (3_1>
0 By dBEgy

In case where the target particles in the Lab frame are at rest, s and Ei(f )

can be
used equivalently to completely fix the kinematics. If the target particles have a
non-trivial momentum distribution, an implicit average over their momentum
directions is meant. The total inelasticity is then defined as n = 37, n®,
while in the limit E{*) > EY one obviously has 33, 7 = 1.

Often, the differential cross section is available in the CoM frame, while
E.., E, are known in the Lab frame; in this case, a Lorentz transformation
should be performed. For the processes in which the final particles are scattered
mostly in the forward/backward directions (See Section. 3.2.3 for the discussion

on the forward /backward scattering), like the ones of our interest, one can write

do do

——dF, dE*
dEﬁout

out »

out — s 3-2
LB, &2

where the CoM quantities are marked by ‘*x’. When the scattered particles are
strongly collimated in forward/backward directions, the Lorentz transforma-
tion can be approximated by Eou = EX7.(1£ 85,), where Bou is the velocity
of the outgoing particle, 7. = Equi/+/s is the boost factor from the CoM to lab
frame, and the +(—) sign designates the forward (backward) direction. Thus,
in the high energy regime (B, — 1) the inelasticity of the forward scattered

particles, n,, can be obtained by using F, = 27. £

out’
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do
_ out *
77+<S) - o \/E dEgut dEout .

1 /\/5/2 2F*
0

For the backward particles,

E;ut’yc 70m2

(’7:;ut)2(1 + Bgut) B 2E(>)kut ’

where m is the outgoing particle mass. The inelasticity for backward scattered

Eout = E:)kutfyc(l - Bctut) =

particle, n_, can be written as

V5/2 m?
1/ m* 1 do 4B (3-4)

TG e 2R B B, o
Using the convention of Ref. (262), the differential cross section for the outgoing

particle ¢ can be parameterized as

C(ligi (s) = \}E Go(1e, 8) o0t (S) (3-5)

where 17, = 2E; . /v/s and ¢y(ry, s) is a function that should satisfy

1 1
/ Ge(re,8)dry =2 and Z/ Tede(re, s)dre =4,
0 0 0

respectively imposing the conservation of probability and energy. Using the
function ¢,(r¢, s) one can calculate the inelasticity of particle ¢, scattered either

in forward or backward direction, by rewriting respectively the eqs. (3-3) and
(3-4) as

Ly
Me+(s) = /0 52@(7%5) dre , (3-6)
and L2
e, (s) = n2 251y Gue(re, s)dre . (3-7)

3.2.2
Muon Pair Production (MPP)

Muon pair production (MPP) is operative when the CoM energy squared
satisfies s > 4mi. As previously discussed, quantifying the role of MPP in
cascade development requires accurate calculations of its total and differential
cross sections. Given the structural similarity between MPP and EPP, the
cross sections for MPP—oypp (total) and doypp/dE, (differential)—can be
derived by substituting m. — m, in the well-established formulas for EPP,
Eqgs. 1-64 and 1-65, including those involving the Thomson cross section or.
Thus, the inelasticity for MPP can be determined using the same method
discussed in Section 1.5.1. The inelasticity of MPP and EEP is compared
in Figure 3.1 for the case of interacting with CMB at redshift 2 = 0. Each

muon produced undergoes decay, generating neutrinos and electrons (see Egs.
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Figure 3.1: Comparison of EPP and MPP inelasticity as a function of incoming
photon energy for interaction with CMB at redshift z = 0.

1-55 and 1-56). In this process, the electron carries approximately 35% of
the muon’s energy, while the remaining 65% is distributed between the two
neutrinos. The neutrinos escape the cascade, propagating freely through the
medium, whereas the electron re-enters the cascade evolution—though with a

significantly reduced probability of initiating further muon production.

3.2.3
Double Pair Production (DPP)

Double pair production (DPP) is operative when s > 16m?. To calculate
the energy fraction carried by each of the final particles in DPP we need
the differential cross sections and inelasticity of this process, which can be
derived at leading order in perturbation theory from the tree level Feynman
diagrams shown schematically in Figure 3.2. We use the calcHEP.3.8.10 *
code (266) for the numerical computation of Feynman diagrams. calcHEP
provides an automatic evaluation of the matrix elements and their squares,
and performs Monte Carlo phase space integration, via the VEGAS algorithm,
for elementary particle collisions and decays at the lowest order in perturbation
theory (267, 268).

The Feynman diagrams of DPP can be arranged according to either the
topology of the diagram, depicted as classes (a), (b) and (c) in Figure 3.2, or
the mediator, depicted by the dashed lines, which can be the photon, the Z
boson or the Higgs (k). Among the three topologies, at high energy the main

contribution to the total cross section of DPP comes from type (c), having

‘https://theory.sinp.msu.ru/ pukhov/calchep.html
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Figure 3.2: DPP Feynman diagrams at tree-level: Wavy lines are photons, solid
lines are electrons and dashed lines are mediator propagators (see discussion
in the text).

"“TJ:‘”’|S:100 qevz &~ 107°, while at energies close to the threshold of DPP the
typés (a) and (b) diagrams become relevant such that 72|04 gevz &
0.17. Among the three mediators, the contributions of Z and h mediators
are negligible, respectively O(107'?) and O(1073?) with respect to photon-
mediator diagrams. Thus, for the rest of our discussion, we consider only the
diagrams with the photon mediator.
The following approximation of the total cross section of DPP, based on
a fit to the numerical integration over the phase space close to the threshold,
is reported in the literature (269, 270, 264)
4 6
more(s) = TS (B - 9) (1-2) L e
where ((3) = 1.202 is the Riemann zeta function and the threshold value
stn = 16m? is taken into account by the step function #. At high energies,
eq. (3-8) approaches the asymptotic value oppp(s — 00) & 6.45 ub. To assess
the validity of eq. (3-8), in Figure 3.3 we compare it (dashed black curve) with
the numerical evaluation of oppp (solid blue curve): Deviations are evident
below s < 1072 GeV?2. A better approximation can be obtained by the following

expression

Sen 1/3 14/5
oppp($) ~ 6.45 ub ll - ( . ) ] , (3-9)

which is depicted by the dotted red curve in Figure 3.3. Eq. (3-9) approximates
the exact DPP cross section better than ~ 10% at all values of s, while eq. (3-8)
deviates from the exact cross section by a factor ~ two.

The angular distribution of the outgoing electrons and positrons in DPP
can be inferred from the differential cross section. In the CoM frame, the
four outgoing electrons/positrons are typically emitted ‘back to back’ in pairs,
i.e. each electron is closest in angular space to a positron, and the angular

+

separation between et and e~ is small; the two pairs e* are separated by an



Chapter 3. Neutrinos from muon-rich ultra high energy electromagnetic
cascade and MUNHECA code 115

10]_

100_

oppp [1b]

101 4

Exact
=== Eq.(Bl)
------ Eq.(B2)

106 10-4 10-2 10° 102
5 [GeV?]

Figure 3.3: Total cross section of DPP as function of s: the result of numerical
computation is shown by the blue solid curve, the black dashed and red dotted
curves show respectively the approximations in eq. (3-8) and eq. (3-9).

angle m. To assess the degree of accuracy of this statement, the differential
cross section doppp/d€2 in the CoM frame as a function of cos .-+ is shown
in Figure 3.4, where ..+ in the angle between the electron and the positron.
The sharp peak at #,.-.+ ~ 0 shows that the members in each pair are collinear
with error ~ 107 (at the chosen value s = 100 GeV?). Close to the threshold
of DPP, this statement has to be mitigated; still, only ~ 1072 of the events
escape the above-mentioned simplifying classification.

Although the tree level diagrams in Figure 3.2 are straightforward to
compute, a technical remark is in order: To distinguish between the two e*
pairs in DPP and at the same time to ease the convergence of phase space
integrals, it is convenient to differentiate between the two pairs by assigning
different names to them (i.e. to treat them as if they were distinguishable,
like if they belonged to a different lepton family) while keeping the masses of
the new leptons equal to the electron mass. This, of course, would artificially
double the yields, an effect which can be compensated for by setting a cut
requiring positive rapidity for one of the pairs. With reference to the oriented
direction of the high energy photon in the Lab frame, we label the pairs as
forward and backward, respectively containing ei and e electrons/positrons.

The energy distribution between the final particles can be assessed by
considering the single and double differential cross sections with respect to
one or two electron energy. Here, we show the distributions for the case
s = 100 GeV? in the CoM frame as a benchmark. The differential cross
section with respect to the sum of efi and e energies has a sharp peak at the
corresponding incoming photon energy, half of the total energy (here 5 GeV),

as shown in Figure 3.5. For the backward pair, the distribution is of course
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s = 100 GeV?2.
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Figure 3.5: Differential cross section as function of the total energy of the
forward pair E* + E*+ in the CoM frame, assuming s = 100 GeV?, i.e. the

photons in the 1n1t1al state have Py1 = Pr2 =5 GeV.

the mirror image of Figure 3.5 with respect to the peak. In other words, the
energy is shared equally between the forward and backward pairs.

The energy partition within each pair can be understood from the
differential cross section with respect to the energy of one of the members
in each pair; i.e., the function ¢.ppp(re,s) defined in eq. (3-5), computed
by calcHEP and depicted in Figure 3.6 for different values of s, where
re = 2E*/\/s is the energy fraction of one electron (E? being the electron
energy) in the CoM frame. Close to the threshold of DPP, and in CoM
frame, in each pair the electron and positron share the pair energy almost
equally (see the peak at r. =~ 0.5 for the darker color scale in Figure 3.6). For
s 2> 0.01 GeV?, the energy distribution is wide and can be fitted accurately by
b (1) = 5/3+(2r—1)% (262), which means that the relative energy share of the
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Figure 3.6: ¢e ppp(7e, ) as function of r, = 2E*/4/s and for different values of
CoM squared energy s.

members in the pair is almost equally probable for any value from zero to one.
The maximum energy shown in Figures. 3.6 and 3.7 (s ~ 100 GeV?) is well
beyond the interesting energy range for our purpose. At energies even higher
than those covered here one should worry about electroweak processes, but
we deem that regime so extreme compared to what are currently considered
realistic scenarios that we can safely omit its treatment at this stage. Moreover,
the numerical computation with calcHEP shows that the fit proposed for ¢. ppp
can be safely utilized at least up to s ~ 10* GeV2.

Using the ¢.ppp in egs. (3-6) and (3-7), the average inelasticities of
the backward and forward pairs can be computed. Increasing the energy,
the average fraction of energy carried by the backward pair in the lab frame
decreases such that almost 100% of the leading photon energy is transferred to
the forward pair. To compute the partition of energy within the forward pair,
we can resort to the particles inelasticities. Because of the symmetric energy

sharing in CoM frame, the inelasticities of the members of forward pair can be

written as
=2 / — Geppp(Te, 5) dre | (3-10)

and
7]L - 2/ *Qse DPP re’ )dTe 3 (3—11)

where the H and L respectively refer to the higher and lower energy member
of the forward pair. The solid blue curve in Figure 3.7 shows ng as function of

s. A fit to this curve can be written as

n(s) ~a+bexp|—(sm/s)], (3-12)

with fit parameters a = 0.32, b = 0.45, and ¢ = 0.44, and is depicted by the
dashed red curve in Figure 3.7. From this Figure, on the average the maximum

energy fraction carried by the high energy member of the forward pair is ~ 77%
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Figure 3.7: The inelasticity of the higher energy member of the forward pair,
eq. (3-10), in DPP, as function of s. The solid blue and red dashed curves show
the result of numerical calculation and the fit of eq. (3-12), respectively.

at s > 0.1 GeV?; i.e., an average energy share with the ratio 1 : 3 between the
members of the forward pair.

Remembering that Ref. (262) claims that the forward pair takes all the
initial energy and shares it equally between the members, we find that at
s > 1072 GeV? a fraction of ~ 107 of the leading particle energy is carried by
the backward pair, thus confirming their first approximation; however, we find
that—apart for near threshold—the bulk of the energy is shared between the
forward pair members with an average ratio 1 : 3, so the other approximation

of Ref. (262) is relatively poor and leads to errors of several tens of percent.

3.2.4
Electron Muon-Pair Production (EMPP)

The four types of EMPP Feynman diagrams are depicted in Figure 3.8.
The contribution of the diagrams with Z boson exchange are O(107') smaller
than the diagrams with photon propagator. Also, the relative contributions
of diagrams in Figures 3.8a and 3.8b to the total EMPP cross section are
O(1073 — 1072). The total cross section of EMPP, at high s and in the range
5mi < s < QOmi has been discussed and computed both numerically (using
compHEP) and analytically (by equivalent-photon approximation) in (24). For
this work, as a cross-check and since the total and differential cross sections
are needed in a wider range of energy, we re-computed them by calcHEP.
In the equivalent-photon approximation, the EMPP total cross section
can be estimated from the MPP cross section by (24)
owwe(s) ~ [ daf () onpr(3 = ws) | (3-13)

m2 /s
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Figure 3.8: EMPP Feynman diagrams at tree-level: Wavy lines are photons,
solid lines electrons and dashed lines are mediator propagators (see discussion
in the text).
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Figure 3.9: The angular distributions of the outgoing electron (blue color) and
muons (red color) in EMPP process, at s = 100 GeV? and in the CoM frame.
0 is the angle between the direction of outgoing particle and the collision axis
in the CoM frame.

where f, /() = (a/2m)[(1+ (1 — z)?) /z]In(s/m2) is the probability of the
emission of a photon with energy E, from the incident electron with energy E.,
where © = E, /E.. The approximation in Eq. 3-13 is shown by the dashed cyan
curve in Figure 3.12 and is compared with the calcHEP numerical computation
depicted by the green data points.

The angular distributions of the outgoing electron and muons, at s =
100 GeV? and in the CoM frame, are depicted in Figure 3.9 respectively by
the red and blue colors, where 6 is the angle between the direction of outgoing

particle and the collision axis. As can be seen from this plot, with errors < 10~*
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Figure 3.10: The ¢, (r,, s) for EMPP process, as function of r, = QEZ/\/E and
for different values of s, where E7 is the muon energy in the CoM frame.
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Figure 3.11: The inelasticities of muons in EMPP. The dashed red and
dot-dashed green curves show the inelasticities of the two muons and the
sum in shown by the solid blue curve. The dotted black curve depicts the
approximation taken from (24).

and < 1072 the electron and muons are scattered in the forward and backward
directions, respectively. Thus, once more, the forward /backward configuration
of the outgoing particles helps us to calculate the inelasticity just from the
energy distribution in the interaction, as explained in Section. 3.2.1.

The functions ¢4(rs, s) for each outgoing particle, in the CoM frame,
can be computed numerically. Figure 3.10 shows the ¢, (r,,s) as function of
r, and for different values of s. The energy share of each muon in EMPP
can be obtained by changing the integration limit in Eq. 3-7 to [mi /s, 0.5]
([0.5,1]) for the low energy (high energy) muon and multiply it by 2. The
inelasticities of the two muons in EMPP and their sum are shown respectively
by the dashed red, dot-dashed green and solid blue curves in Figure. 3.11. The

solid blue curve, that is the total inelasticity of the muons, can be compared
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Figure 3.12: The total cross section of ey interactions considered in this
study: The ETP cross section is shown as the dashed orange curve (analytical
approximation from Eq. 3-14) and maroon data points (calcHEP results).
The EMPP cross section is represented by the dashed cyan curve (analytical
approximation from Eq. 3-13) and green data points (calcHEP results). The
solid gray line corresponds to ICS.

—0.5
with the approximation n ~ 3.44 (s / mi) , at high s values, from (24) which
is depicted by the dotted black curve in Figure 3.11. It turns out that it is

acceptable at the ~ 30% level only at the lowest energies considered here.

3.2.5
Electron Triplet Production (ETP)

Electron triplet production (ETP) is a notable interaction for ultra-high-
energy (UHE) electrons. In this section, we will present a new numerical re-
assessment of the kinematics of this process. This process has been explored in
depth in (271, 272, 273). The Feynman diagrams for ETP are structurally iden-
tical to those for EMPP, with the muons (anti-muons) replaced by electrons
(positrons). The contributions from Z-boson exchange diagrams are negligible,
being suppressed by a factor of O(107'7) relative to photon-mediated dia-
grams. Similarly, the diagrams analogous to Figures 3.8a and 3.8b contribute
only O(107°) to the total cross section.

In the UHE regime, the ETP total cross section grows asymptotically
with s in a logarithmic fashion, and can be approximated by:

ourp(s) = ;)j:aT (298 In (W‘;) _ 22178> . (3-14)
Figure 3.12 compares the numerically computed ETP cross section, obtained
using calcHEP, with the analytical approximation given in Eq. 3-14. For

comparison, the cross sections for EMPP and ICS are also displayed.
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Figure 3.13: The angular distributions of the forward outgoing electron (green
color) and the backward e* pair (maroon color) in ETP process, at s = 0.04
GeV2 and in the CoM frame. 6 is the angle between the direction of outgoing
particle and the collision axis in the CoM frame
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Similar to EMPP, the e* pair produced in this process is predominantly
scattered in the backward direction with respect to the collision axis in the
CoM frame. The angular distribution of the final-state particles for ETP is
shown in Figure 3.13 at s = 0.04 GeV2. Consequently, the inelasticity of this
process can be computed using the same methodology outlined in Sections.
3.2.3 and 3.2.4.

The function ¢(r.+, s) for the ETP, computed numerically using calcHEP,
is shown in Figure 3.14.

Thus, the ETP inelasticity can be obtained using Eq. 3-7. The energy
fraction of the low energy pair produced in the ETP has been estimated in

(24) by the approximation:
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Figure 3.15: The inelasticities of backward scattered e* in ETP. The dot-
dashed green and dotted orange curves show the inelasticities of the two
electron/positron and the sum in shown by the dashed blue curve. The solid
red curve depicts the approximation taken from (24)

AN
nerp ~ 1.768 <m§> (3-15)
Figure. 3.15 shows our numerical re-assessment and the approximation Eq.

3-15.

3.2.6
Charged Pion Pair Production (CPPP)

Among the various possible hadronic processes for v+ interactions, the
MUNHECA code currently incorporates only the charged pion pair production
(CPPP: vy — w'n7), therefore we will discuss it here. This process can
enhance the probability of neutrino production within the cascade whenever it
becomes viable (s 2 4m?2), where m, = 139.570 MeV is the charged pion mass.
Hadronic ~v processes generally require a detailed assessment due to their
complex cross sections, influenced by various hadronic resonances. However, for
now, we employ the Born approximation as outlined in (274), treating charged
pions as point-like scalar particles. Notably, within this approximation, the
cross section for neutral pion pairs (yy — 7°7Y) vanishes. While the Born
approximation offers only a rough representation of the underlying process,
its application here is justified given the sub-leading contribution of the
pion channel (=~ 5%). Within this approximation, the pion is treated as a
structureless particle, effectively functioning as a heavier, scalar version of the
muon. Consequently, given the relatively small mass difference between the
pion and the muon, we adopt the inelasticity for CPPP to be the same as that
for MPP.
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Figure 3.16: Characteristic lengths of photon-photon processes considered in
this work, if interacting with CMB target photons. The EPP energy loss length
is compared with the MPP, DPP and CPPP interaction lengths. The Hubble
horizon at z = 10 is shown by the gray line.

The charged pion produced in the CPPP decay to muons and neutrinos,
followed by the subsequent decay of muons into neutrinos and electrons. As
previously noted, while the neutrinos decouple from the cascade development,

electrons remain and continue to drive its development.

3.3
Electromagnetic cascades at ultra high energies

As detailed in Section 1.5, the high-energy cascade above the EPP
threshold is dominated by the dynamics of EPP and ICS, both characterized by
their significant inelasticities. In each process, the bulk of the initial particle’s
energy is transferred to a single leading particle. This regeneration of the
leading particle in each step in EPP and ICS makes the energy degradation
rather slow and quasi-continuous.

However, once raising the energy scale above the appropriate threshold,
the feasibility of muon production changes the energy repartition in the cascade
development. The muon production, primarily through MPP, is relevant in
spite of its cross section being smaller than the EPP one, since the energy loss
length of electrons is smaller than the interaction length of muon production
processes. Note that the energy loss length is simply the inverse of the loss
rate defined in Eq. 2-2 from the previous chapter.

For example, for the case of cascade development on the CMB, figure 3.16
shows the interaction length of MPP (dashed red curve) and the energy loss
length of electrons via EPP (solid blue curve), where the predominance of muon
production at E.(1+ z) 2> 10%° eV is evident (z being the injection redshift of
the high energy photon with energy £, ). Notice that in figure 3.16, the vertical
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and horizontal axes are scaled by (142)% and (1+z), respectively, ensuring that
the curves remain valid for any injection redshift. This scaling reflects the fact
that the differential CMB photon density, ncys(€), scales as (1 + 2)?, causing
interaction lengths to contract by a factor of (1 4 z) and energies to increase
by the same factor with redshift. Consequently, the interaction length can be
expressed as A(E, z) = (1+ 2) 3 \g[E(1 + 2)], which Ay denotes the interaction
length at redshift z = 0. An analogous relation holds for the energy loss length
(denoted by A).

However, whenever the MPP interaction length is smaller that the EPP
energy loss length, the DPP interaction length plays the leading role in photon-
photon interactions, as illustrated by the dot-dashed green curve in figure 3.16.
At high energies, one of the produced pairs of e* takes almost all of the initial
energy and shares it between the et and e~ roughly in a ratio 1 : 3. As a
result, the impact of the DPP on the cascade development is twofold: First, it
effectively reduces the energy of the initial photon by a factor ~ 2, contrary
to the energy degradation via EPP which is gradual. Second, it doubles the
number of e* in the cascade, increasing the multiplicity of MPP events and
hence the neutrino yield (as long as one is above threshold). The two effects
compete against each other, especially at E,(1 + z) 2 10*' eV where the
DPP suppresses the muon (and neutrino) production while the increase in
multiplicity of MPP occurrence significantly increases the neutrino yield at
E.,(142) ~ 10?° eV. A minor but still appreciable effect is due to CPPP (whose
interaction length is depicted by the dotted orange curve in figure 3.16) which
further raises the neutrino yield at E, (1 + z) = 10" eV.

The horizontal line in figure 3.16 shows the Hubble horizon of universe at
z = 10 laying above the curves which justifies our omission of cosmological evo-
lution effects in the cascade development. We used Hy = 67.4 km s~ Mpc™1,
Q= 0.315 and Q5 = 0.685, according to (275). For all practical purposes
of this study (z 2 5), the cascade happens instantaneously at the injection
redshift, which only determines the density and energy of the target photons.
We estimate the error of this approximation to be Az ~ O(107).

The characteristic lengths for electron-photon interaction processes are
shown in figure 3.17. At low energies we recover the standard picture where
the ICS (whose interaction length is depicted by the solid blue curve) governs
the cascade development. However, already at E.(1+ z) 2 10'7 eV the ETP
becomes the most frequent process. Yet, the peculiar energy share among the
three produced electrons/positrons in ETP renders it ineffectual for the cascade
development: The pair of e* produced in ETP only carries a very small fraction

(~ 1079) of the initial high energy interacting e. Two of the three particles thus
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Figure 3.17: Interaction length of the electron-photon processes considered in
this work, if interacting with CMB target photons.

drop below the MPP threshold, while the third one is basically unaffected. In
summary, the ETP only causes the leading particle to lose a negligible fraction
of its energy, and it can be safely ignored in our simulation (as typically
done in the specialized literature). Another muon-producing process in the
ey interaction is the EMPP, whose interaction length is shown by the dashed
red curve in figure 3.17. It only becomes notable at E. (1 + z) 2 10! eV.

A remark on ICS is in order. The cross section of double Compton
scattering (DCS) ey — ey logarithmically increases at high energy and, for
e, > 10" eV, it is larger than the conventional ICS cross section (276), where €,
is the energy of photon in the rest frame of electron. The extra photon emitted
in DCS is a soft photon and the cross section is in fact infrared-divergent, i.e.
in the limit of zero energy of the soft photon. However, two other related QED
processes should be considered: the multiple Compton scattering ey — e +n-,
where n > 3, and radiative corrections to the conventional (single) Compton
scattering. The sum of the amplitudes for these processes not only cures the
infrared divergence in cross section but also cancels the apparent increase of
DCS cross section at high energy (277), such that the total cross section of
these processes only differs at the few percent level from the leading-order cross
section of the single Compton scattering at the energy range of our interest.
All the emitted extra soft photons in the multiple Compton scattering land
in the very low energy range and their impact on the evaluation of cascade
evolution at ultra high energy is negligible. Hence, in our simulation we use the
conventional ICS cross section, being aware that, apart for a small logarithmic
factor, it accounts also for the above-mentioned effects.

The development of an electromagnetic cascade at ultra high energies is

intrinsically stochastic. If focusing on the energy drainage to neutrinos, the
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diverse processes discussed earlier contribute unequally to the formation of
the neutrino spectrum. To capture the multiple occurrences of muon (and
occasionally pion) producing processes, realizable due to electron-proliferating
DPP process, and to handle the abrupt energy degradation, a Monte Carlo
simulation of the cascade evolution is required. This is handled by the MUNHECA

code, described in the next section.

3.4
MUNHECA: structure and features

To compute the full-fledged cascade evolution including all the relevant
vy and ey interactions discussed in the previous section, we have developed
a Monte Carlo code named MUNHECA. The MUNHECA, written in python3, can
be used to compute the neutrino spectrum from electromagnetic cascade at
the ultra high energies, either inside an astrophysical source characterized by
arbitrary target spectrum, or in the cosmological propagation setting with the
CMB as target. MUNHECA consists of two parts. The main part, using a Monte
Carlo algorithm, tracks the particles’ energy along the cascade evolution and
produces seven output files recording all the muon, pion, photon and electron
energies at the end of cascade evolution, as well as the number of occurrences
of neutrino-producing processes (MPP, CPPP and EMPP) for each of the n (to
be chosen by the user) monochromatic-energy photons injected into the Monte
Carlo realization. The secondary piece of code reads instead the muon and pion
outputs of the main part and yields the corresponding neutrino spectra at the
Earth.

3.4.1
Installation and Execution

MUNHECA uses the numpy and Scipy packages and does not need any
additional installation. To run the code, a .txt file should be created which
contains the input to the code. A self-explanatory example of the input file,
the test.txt, is provided in the /Work directory. Further description of the
format and some clarifications are provided in section. 3.4.2.

To run the Monte Carlo session, the following command can be used

python3 [PATH]/run/Main.py [INPUT_PATH]/[InputFileName] .txt®

®The executable Main.py is located inside the run directory. The execution should be
addressed to /run as it is indicated in the commands.
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After the execution, the results of the session are saved, together with a
copy of the input file, into the /results directory. The copied input file name,
depending on the chosen injection spectrum (Monochrome or PowerLaw) are
named OM_input.txt or 0S_input.txt, respectively.

To obtain the neutrino fluxes at the Earth, the relevant syntax is
python3 [PATH]/run/nuSpec.py [PATH] /results/[DESTINATION DIR]/OM_input.txt
or

python3 [PATH]/run/nuSpec_Weight.py [PATH]/results/[DESTINATION_DIR]/0S_input.txt

for Monochrome or PowerLaw injection, respectively.
These commands result in the creation of the file NEUTRINO _EARTH.txt
in the same destination directory, which contains a table of the neutrinos fluxes

at the Earth, including all-flavors and each flavor separately.

3.4.2
Inputs and Outputs

As we mentioned above, the input file format is important and discrepan-
cies may cause ValueErrors. Therefore, in this section we describe the struc-
ture and the input keywords based on the provided template test.txt.

Before describing the input structure, let us make a remark. In the input
file, the letter capitalization and the place of the colons and the spaces are
important. Any parameter inside the input file should be followed by a colon
(:) and a space as is written in this section.

The input file contains four sets of parameters: The choice of processes
in the cascade evolution, the background photon field choice, the injection set-
tings and the output file names and directory. Among all the six implemented
interactions (5 leptonic + 1 hadronic) the EPP and ICS are activated by de-
fault, while the user can turn on or off the MPP, DPP, EMPP and CPPP; for
example by selecting MPP: ON or MPP: OFF; equivalent syntax applies to DPP,
EMPP and CPPP.

The background photon field (Source) can be chosen among: i) CMB
(in case of propagation in a cosmological setting), ii) Black-body, and iii)
Power-law (in case of propagation inside a source) distributions by setting
Source: CMB, Source: BlackBody or Source: PowerLaw, respectively. Once

the background photon field is chosen, its characteristics should be set. For
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the CMB the injection redshift, for the black-body its temperature (in eV)
and for the power-law the energy index are the parameters that should be
written in front of the Redshift, BB_temp and PL_index, respectively. Also, for
the BlackBody and PowerLaw photon fields, the energy range of the spectrum
should be set by using the keywords BB_Emin, BB_Emax, PL_Emin and PL_Emax.
The photon injection setting can be chosen between INJ_Spectrum:
Monochrome and INJ Spectrum: PowerLaw. The relevant input parameters
for the monochromatic injection, Monochrome, are the number of Monte Carlo
realizations, Number_of_photons, and the injected photon energy, E_gamma.
For the PowerLaw injection there are nine parameters: the INJ_SPEC_Index
fixes the energy index «; the energy range of injection [Fiin, Emax] is defined
by INJ Emin and INJ_Emax and characterized by sharp cutoffs. Alternatively,
the minimum and maximum energies can be characterized by exponential
cutoff scales Ey and Ej, respectively, controlled by ExpCut_LowEnergy and
ExpCut_HighEnergy. In this case, the injected spectrum takes the form

ijf\?f o B~ E/Eoe=Eo/E

All the energies should be provided in eV. To implement the low
and high energy exponential cutoffs, respectively the EXP_LOW_CUTOFF
and EXP_HIGH CUTOFF should be set to ON. The NUMBER_OF BINS and
PHOTON_PER_BIN set the number of bins in the energy range and the number of
photons injected in each bin, respectively. The PowerLaw injection is basically
an automatized example of a user-defined arbitrary injection spectrum which
will be described in the next section.

There are two other parameters common to both spectra: the
BREAK_Energy is the energy at which the simulation stops and the Redshift
which defines the redshift of the source. As we mentioned earlier, only if the
CMB background photon field is chosen, the redshift will be needed in the
simulation. However, for any choice of the background photon field, the source
redshift is still needed for the computation of neutrino flux at the Earth. The
break point of the Monte Carlo, in principle, can be set to any reasonable
value, even below the EPP threshold and of course this will give the complete
cascade evolution down to this energy. However, for the purpose of computing
the neutrino spectrum generated during the cascade evolution, a break energy
just below the MPP threshold saves a considerable computational time. If
interested in lower energies, it is more effective to re-inject the outputs of the
evolution till the MPP threshold into a new run with just the EPP, DPP and
ICS switched ON.
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At the end of the test.txt file, there are eight lines controlling the

destination directory and output files names:

— DESTINATION DIR: is the name of the directory in which the outputs will
be written. This directory will be created inside the /results as soon

as the code starts running.

— Muon_Output and Pion_QOutput: contain, respectively, all the muon and

charged pion energies produced during the cascade evolution.

— Gamma_Qutput and Electron_Output: are the histogram list of the
photons and electrons below the break energy, each file consisting of
three columns. The first column is the center of each bin, the bin widths
are written in the second column and the third contains the number
of photons/electrons in the bin. To reduce the RAM consumption and
the running time, a histogram of the electrons and photons with a fine

binning is performed after each realization.

— MPP_Qutput, EMPP Output and CPPP_QOutput: are the occurrences of
MPP, EMPP and CPPP interactions, respectively, in each Monte Carlo
realization. The size of the lists in these files is equal to the number of

injected photons.

3.43
Algorithm

MUNHECA is organized into six self-contained source files whose names
also serve as a guide for the flow of the program. The Basics module
defines everything that is universal: physical constants, kinematic thresholds,
simple analytic forms for the CMB and for generic black-body radiation
fields, together with those cosmological parameters that enter the cascade
calculations.

Settings parses the user’s input file, stores all run-time switches, and
prepares the output file structure.

All particle-interaction physics is collected in Interactions. Wherever
closed-form expressions are available (EPP, MPP, CPPP, and inverse-Compton
scattering), the total cross sections are coded analytically; for DPP, EMPP,
and all inelasticities, we precompute grids in the square of the CoM energy
and read them from the /Tables directory.

Random numbers required for collision angles and background-photon
energies are supplied by RandomGenerator, which uses rejection sampling: Two

routines draw cosines of the scattering angle with the flux factor (1 — Su) as
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weight, while three additional routines sample photons from the CMB, an
arbitrary black-body, or a power-law spectrum.

Given a high-energy particle, a sampled angle, and a target-photon
energy, ProcessChoice evaluates the total cross section of every open channel
and selects one according to its relative weight; channels that are below
threshold or are deactivated in the input file automatically receive zero
probability.

Finally, the Main program orchestrates the cascade. It defines one energy-
loss routine for each interaction channel, iterates through the temporary
photon and electron arrays, updates secondaries, and moves all particles that
have dropped below the user-defined break energy into permanent histograms.
Two driver functions are provided: Cascade Monochrome, which injects a
mono-energetic photon population, and Cascade_Uniform, which steps across
a user-specified energy range and later re-weights the result to a power-law
before the neutrino-spectrum module is called. Throughout, muon and pion
decay electrons are treated in approximation with an average energy of 0.35 E,,,
a choice that has negligible impact on the high-energy tail of the cascade, but

greatly reduces the computational load.

3.4.4
Neutrino Spectrum

Muon decay generates a neutrino spectrum whose shape depends on

the energy distribution of produced ™ and p~. For each run of the code,
dN . . .

, ﬁ, can be obtained by creating a histogram from the muon

tables generated at the end of the first run (except the normalization factor).

this spectrum

The total (all flavors) neutrino spectrum dN, /dE, from the decay of u* with
spectrum dN,+/dE,+ can be calculated as described in (278):

dn, Ej,max dN,,+
“(B) = [ aB, S (B,
dEl,( ) Epmin “dE#:t( 2
X Fui_)(l_/)u(E#;E,,) + F/F—>(Z)e<E“;EV> , (3-16)
where
1 E
Fuos( Bt By) = 5-Foo (5) - (3-17)
and for unpolarized muons one has
_ 0 2, 4 3
Fui_;;)#(y) =33 +3y, (3-18)

and
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F. oW =2- 6y* +4y°. (3-19)

From these relations we can estimate the total energy drainage from the initial
photon to neutrinos. By a simple inspection of the above formulae, on the
average ~ 65% of the energy of a photon at the time of MPP goes to neutrinos.
The neutrino spectrum from pion decay, given a pion energy distribution
dN,+ /dE .+, consists of two distinct contributions to the final neutrino flux: (i)
the monoenergetic (anti)muon neutrino emitted directly from the pion decay

T+ — #iyu(’ju)a

dN, Er max dN_ +
g E, :/ Er —F - E?T;EI/ ) -2
dEl,( ) Eﬂ',min d dEﬂ—:t ﬂ'i‘}(’/>u( ) (3 O)
where
1
Lo (@) [1—0(x—1+7r)], (3-21)
==V — ’[“ﬂ.

obeys the scaling in Eq. 3-17 and 7, = (m,,/m)?, and (ii) the neutrinos emitted

in the subsequent muon decay. The latter can be obtained by convoluting

dNui

Fr max AN+
= dE, ——F, EE,), 3-22
dEMi ( M) /E"rr,min dET(i i_hui( M) ( )
in Eq. 3-16, where
1
Frsyx () = 1 Oz —rg) . (3-23)

The output files of the simulation together with a copy of the input file are
written in the /results/[DESTINATION_DIR] directory, as we mentioned in
section 3.4.1. After executing the neutrino flux computation command, the
nuSpec and nuSpec_Weight will be fed by the copied input files and the muons
and pions tables. The neutrino fluxes (all-flavor and the v,, v, and v, flavors
separately) at the Earth are computed by using the neutrino spectra from
muon and pion decays (Egs. 3-16 and 3-20) and taking into account neutrino
decoherent oscillation with mixing parameters fixed to the best fit parameters
from (279) and (280).

The neutrino spectra files provide the sum of the neutrino and anti-
neutrino fluxes produced in the course of cascade evolution. Due to the matter-
antimatter symmetry of the processes, the individual neutrino or anti-neutrino
flux is simply half of the total flux.

The module nuSpec_Weight performs the weighting of the neutrino
flux according to the injected high energy photon spectrum. The weights,
normalizing the neutrinos spectrum in accordance with the number of photons

injected in each bin of injected photon spectrum, are defined by
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g, f(E)AE
w; = Frmax ’

Jemex f(E)AE
where f(FE) is the injected photon spectrum, E; and E;_; are the bin edges
of the ¢-th bin, F,;, = INJ Emin and FE,., = INJ Emax. For the power-law

spectrum

(3-24)

f(E) = exp(—thE/EhC) exp(—klcElc/E) s

where « = INJ_SPEC_Index, Fy. = ExpCut_HighEnergy, F, =
ExpCut_LowEnergy and kycn. = 1 (0) if EXP_HIGH_CUTOFF/EXP_LOW_CUTOFF
are set to ON (OFF). The power-law spectrum, with or without cutoff, is taken
care of by the module automatically; instead, for a general injected spectrum
f(E), the user can perform the weighting by a separate script. An example of
f(F) different than the power-law is given in section 3.5.2.

It is important to note that the current version of MUNHECA neither tracks
particle trajectories nor accounts for their propagation length. The only param-
eter that halts cascade development within MUNHECA is BREAK_Energy. There-
fore, when modeling electromagnetic cascades in astrophysical environments
where photons may escape before degrading to the MPP energy threshold, it
is crucial to estimate an appropriate BREAK_Energy to obtain a realistic neu-
trino spectrum. Addressing this limitation, as well as incorporating the effects
of magnetic fields and other refinements, is planned for future versions of the

code.

3.5
Case Studies

In this section we illustrate the capabilities of MUNHECA by applying
it to two cases of astrophysical interest. In section 3.5.1, we compute the
neutrino spectrum from the electromagnetic cascade for the propagation of
ultra high energy monochromatic photons over cosmological distances at high
redshift and discuss the consequences of the included processes. Section 3.5.2
is devoted to the cascade development inside an astrophysical source, re-
evaluating the neutrino yields for the model proposed by (25) for the neutrino
source NGC1068 with the more complete physics incorporated in MUNHECA.

3.5.1
Monochromatic Photon Injection

To explore the role of discussed interaction channels during cascade de-
velopment, we calculate the neutrino spectrum produced by ultra-high-energy

monochromatic photons propagating over cosmological distances interacting
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Figure 3.18

with CMB. This simulation incorporates MPP, DPP, EMPP, and CPPP, along-
side the conventional cascade interactions (EPP and ICS).

The input parameters for the simulation are as follows:

MPP: ON

DPP: ON

EMPP: ON

CPPP: ON

Source: CMB

Redshift: 10

INJ_Spectrum: Monochrome

E_gamma: le+21

Number_of_photons: 5000

BREAK_Energy: 1.1le+17

We initialize the cascade with 5000 photons, each with an energy of
E, = 10" eV, injected at z = 10. Running this configuration on a single core
of an Intel(R) 12th Gen i7-12700K processor requires approximately 5 hours.

The solid green curve in Figure. 3.18 illustrates the neutrino spectrum
produced in this scenario at Earth. For comparison, the neutrino spectrum
resulting from the conventional hadronic process of charged pion decay is
depicted by the dotted green curve. To explore the dependence on injection
energy, Figure. 3.18 also includes the spectra for UHE photons of energy
E, =10% eV injected at z = 10.

The important feature of neutrino spectrum from the electromagnetic

cascade is their dominance over the hadronic neutrino spectrum at lower
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Figure 3.19: Energy fraction f, as a function of the injection energy FE. iy
for monoenergetic photons cascading down to the MPP threshold at different
redshifts. Each data point represents a simulation with 5000 injected photons
at the specified energy and redshift. The dashed lines correspond to the fitting

function described in Eq. 3-26.

energies by one to two orders of magnitude as it is evidence from Figure.

3.18.
Another quantity of main interest for phenomenology is the fraction of

the initial photon energy channeled into neutrinos, f,. This quantity can be

obtained by

1 dN
E, dE, . -2
oy =

7,inj
The energy fraction f, for monoenergetic photons injected into MUNHECA at

various redshifts is presented in Figure 3.19 as a function of the injection
energy. Each data point corresponds to a simulation run with 5000 photons
injected at the specified energy and redshift, cascading down to the MPP
threshold energy. The dashed lines in the figure represent a fitting function for

fV:E

fu, given by:

0.8 E.y
fV(E’Y,iHj’ Z) = fmax exXp [—Et] , (3_26)
7,inj

where fi.x ~ 0.37 is the maximum fraction of energy channels to neutrinos
and Eey = 4m’ /e, = 4m’,/(ecup) with €, being the typical energy of the
background photon field. The simplicity of expressing the neutrino energy
fraction as a fit dependent only on two parameters, (E,,€,), stems from the
fact that the “cascade development stage” is governed entirely by the CoM
energy squared. At these energies, s scales with the product of the incident
and target particle energies—for instance, in the case of EPP, s oc E,¢;,. What

this implies is that if we maintain a constant CoM energy, s = const., but
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Figure 3.20: The distribution of the occurrences of MPP, EMPP and CPPP in
5000 realization of photon injection at z = 10 with energy E., = 10*! €V.
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Figure 3.21: The spectra of muons and pions generated in the evolution of
a cascade initiated by the injection of monochromatic photons with energy
E, =10?! eV at redshift z = 10.

transition to a system with higher target photon energies and correspondingly
lower incident photon energies, the cascade development will proceed in the
same manner and the fitting relation in Eq. 3-26 remains applicable under such
conditions.

The occurrences of muon and pion producing processes (that is, MPP,
EMPP and CPPP) as well as their spectra can be obtained from the corre-
sponding output files. For a photon of energy E, = 10*' €V injected at z = 10,
the occurrences and spectra of muons and pions are shown respectively in Fig-
ures 3.20 and 3.21. The multiple muon production in the cascade evolution
can be inferred from Figure 3.20 with the dominant process being MPP, while
the EMPP and CPPP have subleading contributions, respectively ~ 37%
and ~ 8% with respect to MPP. The resemblance between muons and pions
spectra in Figure 3.21 is a consequence of treating the CPPP within the Born
approximation.

The spectra of electrons and photons generated below the chosen break
energy 1.1 x 10'7 eV are shown respectively by the blue and red histograms

in Figure 3.22. These spectra can be obtained from Electron Output and
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Figure 3.22: The electrons/positrons and photons spectra below the break
energy 1.1 x 107 eV for monochromatic photons injected at redshift z = 10
with energy E., = 10%! €V (the case for the solid blue curve in Figure 3.18).

Gamma_QOutput files, that contain the number of electrons and photons per bin,
by normalizing to the number of injected photons and dividing by the bin
size. The extension of the electron spectrum to lower energies, in comparison
with photon one, is mainly a consequence of DPP process and its large
inelasticity while the electrons from muon decay and EMPP also contribute.
Let us emphasize that the inclusion of the ETP process, while leaving almost
unchanged the neutrino yield from the cascade evolution, does have an effect
on the spectrum of e* at low energies, E < fewx10'° eV, since the e* produced
via ETP land in this range.

Another implication worth commenting upon is that the process dis-
cussed here alters the multi-messenger y-v correlation. As we discussed in
Section. 1.3.6, the conventional production scenarios arising from pp or py
interactions in an UHE astrophysical source predict that the neutrino and
gamma ray emission spectra are related by

dnN, 1 dN,
de, T 3K [g” de ]
v m 0 —
where K =~ 1(1/2) is the charged to neutral pion ratio in the pp (py) process.

) (3_27)

Integrating both sides of Eq. 3-27 over energy implies that, at the source, the
ratio of total energies in 7’s and v’s obeys £, ~ 2/3(4/3) £,. The net effect of
MPP is to alter this ratio towards the neutrino sector: For example, from Figure
3.19 we read that for a source emitting 10?! eV gammas/neutrinos at z = 5,
approximately 37% of the initial photon energy is transferred to neutrinos
during the cascade above MPP threshold; naively, the new balance would be
& — 0.638,, &, — (1+0.37 x2/3(4/3)) &, hence & /€, ~ 0.34(0.56), i.e.
a ratio changed by a factor of ~ 2. The actual energy budget ending up in
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the low energy diffuse photon flux is more complicated to compute, since one
must account for the contribution seeded by e* from charged pion decays,
as well as the fraction of the electromagnetic cascade channelled away by e*.
However, this simple calculation shows that the role of MPP is to make UHE
sources at high redshift darker than their low-z counterparts even in indirect
electromagnetic signals, while making them correspondingly brighter in the

UHE neutrino signal.

3.5.2
Cascade inside the source: NGC 1068

As an example of cascade development inside an astrophysical source,
here we consider the recent proposal of neutrino production in the leptonic
model of NGC1068 (25). The high energy photons, which initiate the cas-
cade, are assumed to have a power-law spectrum with a high energy cut-
off dictated by the production mechanism of these photons. For the sce-
nario where high energy photons are produced via synchrotron radiation of
high energy electrons, as is shown in (25), the spectrum takes the form
P(E,) = E;'exp [,/27rm§E7/eB/(300 TeV)}, where m, and e are respec-
tively the electron’s mass and charge, and B = 5 kG is the magnetic field
intensity at the production site. The target photons are the X-rays in the hot
corona with a thermal (black-body) distribution with the temperature Tx = 1
keV. For this temperature, the MPP can happen for £, 2 10 TeV and hence we
choose a sharp low energy cutoff on P(E,) equal to 1 TeV. The form of P(E,)
does not match to any of the predefined spectra described in section 3.4.2 and
the method explained in section 3.4.4 should be applied. In this line, the en-
ergy range of (1—300) TeV is divided into 40 bins (logarithmically spaced) and
2,000 photons are injected in each bin. The resulting neutrino spectrum can
be calculated according to Eq. 3-24 and is shown by the solid red curve in Fig-
ure 3.23. For comparison, the computed neutrino spectrum in (25) is depicted
by dashed black curve. As in (25) the curves of Figure 3.23 are normalized
such that the total power injected above 1 TeV is 1.2 x 10%3 erg/s. Although
the overall shapes of the neutrino spectra from (25) and MUNHECA are grossly
in agreement near the peak of the flux, a few remarks on their differences are
in order. The computation of neutrino spectrum in (25) is based on a few
approximations: the DPP, CPPP and EMTP are not taken into account, the
inelasticity in MPP is taken to be equal to 50%, multiple muon production
is neglected and the neutrino spectrum in muon decay is approximated as
monochromatic. To roughly mimic this setup by MUNHECA, we turn off all the
processes except MPP and modify the MPP’s inelasticity and the produced
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Figure 3.23: Neutrino yield in the interaction of a spectrum of high energy
photons with target photons of black-body distribution. The result of MUNHECA
is shown by the solid red curve and compared with the dashed black curve taken
from (25). The dotted green curve shows an attempt to reproduce the dashed
black curve by modifying MUNHECA to incorporate the adopted approximations
of (25) (see the text for details). The dot-dashed blue curve depicts the neutrino
spectrum for the input file discussed in the text.

neutrino spectrum in muon decay. In this way, all the approximations of (25)
are imitated except the muon production multiplicity and the result is shown
by the dotted green curve in Figure 3.23 which resembles indeed more closely
the dashed black curve. We conclude that, while simplified calculations might
lead to correct order of magnitude results near the peak of the spectrum, es-
pecially in the low- and high-energy tails a more precise treatment, such as
allowed by MUNHECA, is essential for reliable predictions.

To provide an example of the input file for cascade evolution inside an
astrophysical source, let us consider the power-law spectrum with exponential
cutoff B exp[—E, /(20 TeV)] which closely approximates the P(E,) of (25).
The input file of MUNHECA for this spectrum is:

Source: BlackBody

Temperature: le+3

BB_E min: 1.0

BB_E max: 4.e+4

Redshift: 0.003

INJ_Spectrum: PowerLaw

BREAK_Energy: 1l.e+11

INJ_Emin: le+12

INJ_Emax: 3e+14

INJ SPEC Index: 1.5

EXP_HIGH CUTOFF: ON
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EXP_LOW_CUTOFF: OFF

ExpCut_HighEnergy: 2.e+13

PHOTON PER_BIN: 2000

NUMBER_OF BINS: 40
where the range (1eV — 40keV) for black-body distribution of target photons
is considered and the break energy is set to 0.1 TeV. For this input the runtime
on Intel i7 processor is ~ 26 hours. The output of MUNHECA from the above
input is shown by the dot-dashed blue curve in Figure 3.23.

Before closing this section, let us briefly comment on the scenario
proposed in (25). If intended as a “one zone model”; in the case of high energy
photon production via synchrotron radiation, the required large magnetic
field ~ kG will dramatically change the cascade evolution and hence the
neutrino yield. All the e* during the cascade evolution suffer energy loss
through synchrotron radiation before making ICS or EMPP, which effectively
shortens the energy loss length of leading particles and consequently suppress
the muon and neutrino production. Thus, for a consistent treatment, the effect
of magnetic field on cascade development should be taken into account; we are
considering elaborating on it in a future update of MUNHECA. For our current
purpose, the neutrino spectrum depicted in Figure 3.23 is valid for scenarios
where the spectrum P(E,) of high energy photons is generated by a mechanism
different than synchrotron radiation, such as the ICS of high energy electrons
on low energy target photons (25); or, it can be thought of as resulting from
an effective multi-zone model, where the magnetic field threading the target

photon environment is negligibly low compared to the photon source one.

3.6
The Universal Form of the Neutrino Spectrum

Among the three assumptions discussed in Section 1.5.3, the condition
of complete cascade development is the cornerstone for obtaining a universal
function, as a fully developed cascade achieves a saturated state. The first
assumption in Section 1.5.3 helps identify the breakpoints of the power-law
spectrum, while the third assumption together with the second one —complete
development— enable the normalization of the spectrum, which reflects the
cascade’s total energy budget.

Extending this reasoning, a universal neutrino spectrum can also be
established for electromagnetic cascades under a similar key assumption:
The cascade develops fully down to the MPP threshold; meaning no further
neutrino production. While the number of contributing processes in this

scenario is significantly larger than those addressed in Chapter 1, focusing on
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the most dominant interactions—EPP, DPP, and MPP—provides a reasonable
expectation for the behavior of the neutrino spectrum. Subsequently, the
spectrum’s turning points and indices can be fit.

As shown in Figure 3.16, the EPP process dominates at low energies,
while at the highest energies, the DPP becomes the leading 7~ interaction.
Between these extremes lies an intermediate energy range where the MPP
has its maximum impact. Consequently, we expect two breakpoints in the
neutrino spectrum’s index, denoted as E},; and Ey, 2. Below Ey, 1, neutrino
production is negligible, and the spectral index should approximately match
that of neutrinos from muon decay. Above Ej, 2, neutrino production declines
due to the dominance of the DPP process; however, the spectral index in this
regime cannot be straightforwardly predicted. The spectrum can therefore be

expressed as:

(Ey/Eor,1) ™ (E < Bir,)
Gy, = (E,/Ep )™ (B < E < Eya) - (3-28)
(Ebr,Z/Ebr,l)_am(EV/Ebr,Q)_ah (Ebr,2 <FE< Einj)

It should be noted that the above expression assumes the injected photon
energy satisfies Ei,; > Fi 9. For cases where Ei,; < Ei, o, the spectrum is
given by:
G, — (Ey/Ev1)™™ (B, < Euen) ' (3.29)
(Ey/Epen) " (B < E, < Eiyy)
From the numerical results obtained using MUNHECA, the breaking points are
determined to be En.; = m./(3e) and Eyp ~ 2 x 10" eV?/¢,, where
€, represents the typical energy of the target photons. The spectral indices
corresponding to different energy ranges are o; = 0.05, o, = 2.0, and o, = 2.5.
Note that the fit obtained here is specifically for interactions with a blackbody
target photon field and Eqgs. 3-28 and 3-29 are not applicable to other types of
low-energy photon spectra.
The normalization factor, A/, similar to what discussed in Section 1.5.3,
is determined by the energy budget of the sector under consideration—in this
case, neutrinos. This energy budget has already been obtained in Eq. 3-26.

Thus, the normalization can be given by:

N = fo(Exing; 2) Eyini/ T (3-30)
where Z is given by
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for the case Ep, o > Eip;.

Note that the “energy conservation” condition in the conventional elec-
tromagnetic cascade analysis, is a manifestation of Eq. 3-30. In the case of
a conventional electromagnetic cascade, the “complete development” implies
that, in the low-energy regime, electron/positron production ceases. Further-
more, in this regime, the energy carried by electrons/positrons is transferred
to photons via ICS. Consequently, assuming no energy leakage within the cas-
cade, the energy fraction of the photon sector becomes f, ~ 1. Thus, the
energy conservation condition essentially determines the energy budget of the
cascaded photon spectrum. In contrast, here we computed the energy fraction
for neutrinos numerically and derived a corresponding fit.

The merit of the proposed fit, is illustrated in Figure. 3.24 in the
cosmological distance propagation in various redshifts and injected energies.

While the neutrino spectrum from cascades can be numerically computed
using MUNHECA, the universal spectrum proposed here offers significant advan-
tages. It provides not only an analytic understanding of the spectrum but also
a practical tool for estimating expected results across various problems. In
many cases, instead of running time-intensive Monte Carlo simulations, the

universal function can deliver sufficient and efficient estimations.

3.7
Discussion and Summary

In the course of the evolution of ultra high energy electromagnetic
cascades, a fraction of energy drains into the neutrino channels, providing
a new opportunity in probing the high-redshift and high energy universe via a
multimessenger approach. The cascade can occur either inside an astrophysical
source, where the high energy photons/electrons interact with the radiation
in the source, or along the cosmological propagation of ultra high energy

photons/electrons interacting with the CMB photons. The former offers a
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Figure 3.24: Neutrino spectra from electromagnetic cascade development over
cosmological distances, computed using MUNHECA (dot-dashed lines), compared
with the universal function proposed in Section 3.6 (solid lines) for different
redshifts and initial photon energies. See text for details.

purely leptonic model for neutrino production inside the sources, while the
latter is an alternative source of the ultra high energy diffuse neutrinos beside
the conventional hadronic processes leading to cosmogenic neutrinos. In both
cases, the generated neutrino flux, either from a population of sources or
a single source, can be within the reach of present or near future neutrino
observatories such as IceCube-Gen2 (281) and GRAND (282). Thus, it is timely
to assess the cascade evolution more thoroughly by including the important
micro-physics of muon and pion producing processes.

We introduced MUNHECA, a public code in python3, which facilitates the
computation of neutrino yield in the cascade evolution, accounting for the
EPP, ICS, MPP, CPPP, DPP and EMPP processes. In addition, the last two
processes have been re-evaluated more accurately. The code structure and
options, which include the control over the injection spectra, the choice of
background photon field and the processes accounted for, are described in
detail in this chapter. These options make MUNHECA a cascade simulator that
can be applied to a variety of standard or exotic scenarios. As a concrete

example of an astrophysical scenario worth exploring, we can mention the (still
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largely uncertain) birth and assembly processes of Super Massive Black Holes
(SMBHs) at high redshift (283, 284). These objects are notoriously difficult to
study, but a peculiar ultra-high energy neutrino flux may offer another handle
to constrain or detect them. As an example of exotic processes, we can think
of the neutrino and gamma ray fluxes associated to the decay of Super Heavy
Dark Matter (SHDM) particles, notably its extragalactic flux component. In
these scenarios the unstable dark matter particles can have masses exceeding
m, 2 10'® eV and the processes considered here may be relevant, in particular
when the dark matter is mostly or exclusively coupled to leptons, but have not
been considered in the literature so far.

Compared with earlier and more simplified computations of the neutrino
yield, the neutrino flux from MUNHECA is markedly different especially in the
low-energy tail of the spectrum, which is however of utmost importance since
typically easier to explore experimentally. We believe that the current version of
the code is enriched enough for it to be realistic at least in applications to high-
z diffuse fluxes in the baseline cosmological scenarios, as discussed in ref. (34).
Further improvements in the MUNHECA may be envisaged. One direction is to
include a better treatment of the pion production mechanisms, going beyond
Born approximation and including for instance hadronic resonances. Another
avenue is to extend the cosmological cascade treatment to cases where an exotic
magnetic field of cosmological origin is present: We anticipate diminishing the
importance of muon-rich cascades in this case, but it would be interesting
to establish the parameter space. Further, one may think of treating the
cascade development in 3D: This is not particularly important for the currently
considered unmagnetized cosmological application or single zone astrophysical
modeling, but would be crucial if including a magnetic field, notably for multi-
zone astrophysical scenarios, where the charged particle acceleration region
and the secondary production one are spatially distinct and the high-energy
particle flux is anisotropic. These extensions would further benefit of cross-
validation with other existing codes accounting for cascade processes in the
presence of a magnetic field, such as PRESHOWER (285).



4
A Closer scrutiny of cosmic ray proton energy losses

This chapter focuses on analyzing processes that impact the propagation
of low-energy cosmic rays (CRs) within the percent-level precision, based on
(36). Specifically, we examine energy-loss mechanisms affecting low-energy CR
protons in the range of ~ 0.1 — 5 GeV, where experimental uncertainties are
minimal, and collisional effects become comparatively more significant than
collisionless transport mechanisms. This study addresses three main aspects:

i) A quantitative evaluation of the nuclear elastic cross section, providing,
for the first time, analytical expressions for the stopping power and inelasticity.
ii) An assessment of the errors introduced by approximating both elastic
and pion-production inelastic interactions as continuous energy loss processes,
rather than treating them as catastrophic events—an assumption commonly
employed in modern numerical models. iii) An exploration of sub-leading
effects, including relativistic corrections, radiative contributions, and medium

effects in ionization energy losses.

4.1
Motivation

Over the past decade, a wealth of balloon-borne and space-borne detec-
tors has ushered the study of Galactic cosmic rays (CR) into a precision era,
stimulating numerous new questions on the underlying physics (for reviews,
see e.g. (286, 287, 288, 289)). This also allows one to tackle some important ap-
plications in astroparticle physics with a sharpened diagnostic tool: A notable
example is provided by the impact that a refined understanding and error
budget of antiproton CR (290, 291, 292, 293) has on constraints on weakly
interacting dark matter particles (294, 295, 296, 297).

In particular, we have recently witnessed both a remarkable reduction
of errors and an extension of the dynamical range covered by the data: In
these respects, AMS-02 ' measured proton fluxes have a statistical precision
often below the permille level, and the overall systematic errors are typically
estimated at the 1% level (298). Additionally, the Voyager mission has provided
a notable advance by acquiring sub-GeV CR data beyond the heliosphere for
the first time, free of solar modulation effects (299). To get the most out of
the newly acquired diagnostic power, this reduction in the size of experimental

errors must be accompanied by a refinement in theoretical errors.

'https://ams02.space
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One important ingredient in that direction consists in nuclear, hadronic
and particle physics cross sections (for the context of collisional vs. collisionless
effects shaping the CR dynamics, see e.g. the lecture notes (300)). The
limitations of current libraries, ultimately due to scarce and sparse data,
are well-known, and extensively studied for spallation cross sections (301,
302, 303). This has stimulated meetings between collider physicists, CR
experimentalists, and theorists to advance knowledge in this direction, such
as the Cross sections for Cosmic Rays series at CERN 2. In this context,
a more overlooked direction consists in assessing how much of known physics
is actually included in current CR treatments. In the past decade, some
efforts have been made towards a better modeling of yields of secondary
particles in CR collisions, see e.g. (27, 304, 305). Here we tackle a somewhat
complementary avenue towards this precision goal, focusing on the description
of energy-losses, along three directions:

i) We revisit the processes affecting protons in the low-energy regime
in particular below 5 GeV, which is where losses are most relevant compared
to diffusive transport phenomena, and CR data have the best precision. We
provide for the first time a realistic assessment of proton-proton nuclear elastic
energy losses, only qualitatively gauged as unimportant in the past (see e.g. the
comments in (306) or on the USINE propagation code webpage). We provide
our results in rather compact analytical formulae, which should be included
in propagation-loss treatments aiming at reaching percent-level predictions
around 1 GeV.

ii) Additionally, we notice that all current popular CR codes (such as
GALPROP 3(307), DRAGON 4, USINE °(308), and PICARD 9(309)) deal with pp
inelastic cross sections as a continuous energy loss channel, typically relying
on the analytical formulation for the stopping power reported in (310). We
gauge the accuracy of this approximation, both for the inelastic and elastic
channels, and find it insufficient for current precision, leading to ~ 3% errors.
An iterative scheme for more correctly incorporating catastrophic losses is
presented.

iii) As an ancillary task, we also assess the level of error committed
when neglecting sub-leading effects in ionization losses which, contrary to the
above-mentioned processes, are electromagnetic in nature. These corrections

to the leading effects (typically included by relying on the formulae presented

2The website of the latest in the series is at https://indico.cern.ch/event /1377509 /
3https://galprop.stanford.edu

Yhttps://github.com/cosmicrays

Shttps://lpsc.in2p3.fr/usine

Shttps://astro-staff.uibk.ac.at/ kissmrbu/Picard.html
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in (311)) are often small, at the 0.1% level for protons, and may still be ne-
glected. We note, however, that they are expected to be one order of magnitude
bigger for iron, and neglecting them becomes then more questionable, espe-
cially for the precision expected in future measurements.

Through this chapter, in Section. 4.2 presents the main analytical results,
focusing on the treatment of elastic pp energy losses. Section .4.3 details
the semi-analytical model used to evaluate the effects on CR energy fluxes,
including the adopted approximations and iterative schemes. The primary
results are discussed in Sec.4.4, while Section 4.5 offers a brief overview of
subleading effects in ionization energy losses for both protons and Fe nuclei.
Finally, in Sextion 4.6 we outline our conclusions and provides perspectives for

future research.

4.2
Proton-Proton Elastic Cross Section and Cosmic Ray Energy Losses

The essential ingredients required to leverage a two-body scattering
process, 1 + 2 — 3 + 4, within the transport equation are the total and
differential cross sections associated with the process. In Section. 4.2.1, we
report the expressions for such cross sections for the pp-elastic process. In
Section. 4.2.2, based on these results, we derive analytical relations for its Mass
Stopping Power and Inelasticity, crucial derived quantities to incorporate into
the transport equation, and compare the magnitude of the stopping power for

elastic process to the other processes already accounted for.

4.2.1
The differential elastic pp cross section.

As a preliminary step, we review the expressions of the Mandelstam
variables, s, v and ¢, in terms of the incident particle’s momentum py;,, the i-
th body kinetic energy K; and the transferred energy W = E; — E3 = K1 — K3.
In the Lab frame, where the body 2 is at rest, for the p + p — p + p reaction

energy conservation implies
El —+ mp = E3 =+ E4 s (4—1)
and one has additionally

t=(p1—p3)’ = (p2—pa1)’ = me, —2m,Ey = —2m,(Ey — my) = —2m, Ky,
(4-2)
where E; = K; + m, is the i-th proton’s total energy. The other variables of

interest write W = —t/2m,,, s = 2m, (mp +/m?2 +p12ab) = 2m,(2m, + K),
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and v = —2m,, K3. Henceforth, we denote the kinetic energy of the projectile
in the Lab frame simply as K.

The pp-elastic differential cross section can be parameterized in terms of
the Mandelstam variables as (26) 7

do — Bpp(s)t Bpp(s)u
5 = AG) e te ], (4-3)

where we adopt the parameterization given in Eq. (8) of ref. (26), in units

[(GeV /c)72:

5.5, 2
ab < 2 GeV/e
Bpp 7‘7+p§ab <p1 b / ) . (4—4)

5.334 + 0-67(plab — 2) (plab > 2 GeV/CQ)
The normalization factor A(s) in Eq. 4-3 can be determined by integrating the
differential cross section over t to match the total elastic cross section o, in

turn parameterized in the following according to (26)

23.5 + 1000(p1ab — 07)4 Plap < 0.8

el = pli:ioso —4(pap — 1.3)* 0.8 < prap <2 - (4-5)
77
Plap+1.5 Dlab > 2
From the relation ¢ = —2m, W, we can write

47 4
aw ~ araw " (4-6)

Note that the Eq. 4-3 exhibits symmetry under the exchange of particles 3 <>
4. This symmetry is expected, reflecting the indistinguishability of the final
state protons. Thus, to obtain the energy loss rate and the average kinetic
energy fraction carried by the leading outgoing proton, we need to restrict the

transferred energy range to [0,/ /2]. Hence

Ocl = /K/2 dW — = —2m,A /OK/2 AW {e—QmpopW i e—2mpop(K_W)}
A (),
(4-7)
so that
;;'V = 200 Bpym, ezmpB;pv_V :j::i(KW) © (I; - W) : (4-8)

This cross section, whose trend is illustrated in Figure. 4.1, is almost flat for
non-relativistic proton energies, while more and more forward-peaked in the
"Here we are taking into account the symmetrized form, which is stated to be the correct

one but not actually reported in (26). Also, we are neglecting the Coulomb term, which is
negligible for measured CR energies 20.1 GeV.
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Figure 4.1: Differential energy-transfer cross section, Eq. 4-8, as a function of
W/K.

relativistic limit, without however being accompanied by a significant growth
of its normalization: We expect thus that the most prominent effect for energy

losses is obtained at low-energies, as we confirm in the next section.

4.2.2
Stopping power and inelasticity

The primary input to assess the impact of any process onto CR energy
losses is the Stopping power, which is defined for the process ¢ as (See also Eq.
1-39 and its discussion)

dE Koo do,
(—dxl = n/o AWW L (4-9)

where n is the interstellar medium target density. Since nuclear effects are

beyond our interest here, in the following a pure hydrogen composition is
assumed.

Based on Eq. 4-8, we can compute:

dFE K/2
O
el 0

<
v (4-10)
__nA o=2mpBop K (empopK _ 1)2
2B2 m,,
and using Eq. 4-7, we obtain
_AEY L moa <Bp”mpK) : (4-11)
de ), 2Bym, 2

as well as
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Figure 4.2: (a) The average energy fraction retained in the collision, 1 — 7,
from Eq. 4-12. (b) Relative weight of the elastic stopping power with respect
to the total stopping power.

. Bppmp K
(W)a _ Jo"*dW W e _ tanh (5eF)
K KfOK/2 dWé% 2Bppmp K

Tlel = (4—12)

where we introduced the inelasticity 7, such that 1 — 7 is the average fraction
of initial kinetic energy retained by the projectile after the collision. In
Figure. 4.2a, we show this function vs. K for the elastic channel, computed
according to Eq. 4-12: 1, is exceeding ~ 10% at K < 1GeV and is still of a few
percent up to ~ 5 GeV. In the following, we will focus on this energy range.

It is instructive to compare the above quantities with the analogue ones
for competing processes. At low energies, the dominant CR proton loss channel
is associated to ionization (and, to a less extent, Coulomb losses).

For the ionization stopping power, (—dFE/dx);on, we use the results from
the code Crange ®, associated to the publication (312). See Section 4.5 for
further details.

Above its kinematical threshold at K ~ 290 MeV (300), a key inelastic
process affecting protons at low energies is (mostly single) pion production; its
main effect is to drain on average k., ~ 17% of the impinging proton kinetic
energy into the produced pion, see (313, 314), so that the resulting downscat-
tered nucleon retains a kinetic energy fraction 7y, = 1 — k. The inelastic cross
section is obtained from Ref. (26), subtracting from the total cross section in
Eq. (1) the total elastic one in Eq. (5). Within this approximation, one has

E
(—L)in = n ok K . (4-13)

In Figure. 5.3, we see that the elastic interaction channel can exceed 20% of the

total energy-loss term, hence it makes sense to assess its impact on observable

8https://www.thedreamweaver.org/crange/index.html



Chapter 4. A Closer scrutiny of cosmic ray proton energy losses 151

quantities.

However, loss processes are not the dominant transport for protons, as
non-collisional processes, notably diffusion, prevail. To assess the importance of
the elastic interactions on the observable, i.e. the CR fluxes, we must introduce
the transport equation and elucidate our approach to its solution. This is the

goal of the following section.

4.3
Assessing the relative effect on cosmic-ray proton fluxes

A consistent description of CRs as charged test particles moving in
stochastic magnetic fields begins with the Liouville equation for the parti-
cle distribution function in momentum space, as discussed in Section. 1.3.4.
The interaction of magnetic fields with scales smaller than the particle gyro-
radius leads to the isotropization of the distribution function. The isotropic
component, f(¢,r,p), normalized as N = 4« [dpp?f, where N denotes the
CR number density, satisfies the diffusion equation. Including nuclear frag-
mentation effects introduces a set of coupled transport equations that govern
both diffusion and fragmentation. The resulting transport equation for nuclei

of type a takes the following form:

9 dfa Ofa  dvapdfa | fo 10 d
_% lDa(p)] o - UAZZ * - Eaip [pQ <p> a,ion fa:| -

0z 402 dz 30p  Tspa dt
fa’
G(p.2)+ > ,
a’>a Tsp,a
(4-14)

where, 7, , represents the spallation timescale for nuclei of type «, ¢u(p, 2)
denotes the injection rate per unit volume for nuclei of type «, and <%)a,ion
corresponds to the ionization energy-loss rate.

One approach to solve this equation, which is also employed in this
chapter for our analysis, is the Weighted Slab Approximation. This method
separates the problem into two components: an astrophysical part and a
nuclear part. The nuclear fragmentation problem is addressed within the Slab
Model, where cosmic rays are assumed to traverse a column density X [g.cm™2]
of interstellar material. The solutions obtained from the Slab Model are then
integrated over all values of X, weighted by a path length distribution function
P(X). This distribution function is derived from astrophysical propagation
models, such as the empirical leaky boxr model or diffusion models.

The weighted slab technique has been extensively used to study the
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propagation of cosmic rays in the galaxy, tracing their journey from their
sources to observation points near Earth (315). However, as the detailed
discussion of this method and the merits of its approximation lie beyond the
scope of this dissertation, the reader is referred to (316, 317, 318, 319) for
further details.

In a “modified weighted slab” propagation model (see e.g. (316), hence-
forth reported in the notation of (319)), the proton flux at kinetic energy K,
denoted by I(K), can be obtained by solving the transport equation

I(K) d [_ (dE) I K)l o, Ap2q0(p)_ap££f<) S /dKa’ [o(Ko) doar_p( Ko, K)

X&) Tarx | \ax L m dK.,
(4-15)

where p is the momentum (p(K) = /K2 + 2K m,,), 0, is the total proton cross
section, doy_,,/dK, is the differential cross section for a nucleus o' of kinetic

energy K, to yield a proton of kinetic energy K, qo(p) is the rate of injection
per unit volume in the disc of the Galaxy, v is the velocity of the nuclei type
a (in units of ¢ = 1), u = 2hgngm is the surface gas density in the disc with
hq being the half-thickness of the Galactic disc, ny is the gas number density
in the disc, and

X(K) = 2“;; [1 — exp (—%H)] , (4-16)

is the grammage experienced by protons. Here v, is advection velocity (in
units of ¢ = 1), expected to be of the order of the Alfvén velocity, and D is
the diffusion coefficient for protons. For our illustrative purposes, we adopt
ng = 1 em™ and p = 2.4 mg/cm? (319). The diffusion coefficient D is
a universal function (i.e. applies to all CR species) if expressed in terms of
the rigidity R, i.e. momentum over charge, simply reducing to momentum for
protons. In particular, we use the fits of the BIG and SLIM models discussed

in (320, 321), with the parameterisation

o= i (87} () [+ ()7

We address the reader to (321) for the meaning and values of the parameters.
Also, in this parametrization a halo size of L =5 kpc is adopted.

The bracket in eq. (4-15) contains all approximately continuous energy-
loss terms, expressed in terms of grammage, dX = pdx, with p = m,ng the
ISM medium mass density.

In the baseline model, we include

dFE dE dE
(ax) = (ax),, (i), =500, e
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for the advection and ionization loss terms, respectively. The advection stop-

ping power is given by

dE 204
— =—\/K(K 2) . 4-19

(dX ) o ?)/,L ( + mpc ) ( )
To solve the propagation equation, we proceed as follows. First, we ignore all

but continuous energy losses, which reduces the equation to

;{(([l?) + di{ l— ((CE) I(K)] = 2hd’4p$(p). (4-20)
Eq. (4-15) can be re-written as
M)+ Aa(K) 31 = QUE) (a-21)
where we assume
Q) —n (M) (422

with v ~ 2.2 — 2.4, while the normalization factor x holds no significance for
our purposes, as will be clear from the subsequent discussions. The coefficients

in the eq. (4-21) can be explicitly written as

1 dS
A=t 2 4-2
T Xm) TaK (4-23)
and
A(K) =S(K). (4-24)
Hence, the solution to eq. (4-22), vanishing at K — oo, writes
e QK) KM (K)
I(K) = / dK’ - / dK" . 49
)= [ B m S| e Ao(K") (4-25)

In practice, since the integrand in the exponential is rather large, the following

approximation is pretty accurate (typically at 0.1% level or better):

~ QU M ((K + K')/2) ] R

I(K) ~ / (K —

00 [Tk S |- - KOS
For rough expectations, a more radical approximation valid in the limit
KAl > AQ is

I(K) ~ Qx() (4-27)

In Fig. 5.5, we illustrate the grammage of eq. (4-16) as well as the traditionally
used proxies K/S; for the loss terms entering the expression of A;. Based on
the rough expectation of eq. (4-27), we anticipate that losses contribute only
at the O(10%) level in shaping the spectrum. Hence, the effects on the CR
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Figure 4.3: Stopping range scale (in terms of grammage) associated to different
energy loss channels, compared with the diffusive transport grammage for the
BIG model.

flux observable should be one order of magnitude smaller than those gauged
by merely comparing energy losses.

Once the simplified solution of Eq. 4-26, henceforth denoted with Iy, has
been obtained, an iterative approach is adopted to account for catastrophic
energy-loss terms, neglected till now.

Within the approximation described in Sec. 4.2.2, the loss and gain terms

associated to inelastic, pion production channel can be described by changing
the RHS of eq. (4-21) into

K
Oin K Oin Nin K
Qi(K) = Q(K) — LL‘A(K) - (n)fz‘l () g (4-28)
mP ninmp Tin
at iteration stage ¢+ = 1,2, 3, ... Usually three iterations are sufficient to obtain
convergence at the ~ 0.1% level.
In order to account for the elastic cross section process, we follow a similar

approach, just now

Qu(K) = QK) — {"in(mu_m o), (K>]

7TLP 77h1771p Tin
O'el(K) Oel (£> K
— 711_1(K) — ilz‘—l — .
my Telrp el

The rapid convergence of this method is illustrated in Fig. 4.4, for the case
v = 2.2 and the BIG model.

In this treatment, the main approximation consists in neglecting sec-

(4-29)

ondary protons coming from spallations of heavier CR nuclei, such as He,
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Figure 4.4: Tllustration of the iterative solution using Eqs. 4-29 and 4-26. A
rapid convergence is manifest. See the text for the details.

C, O...Fe, allowing us to reduce the problem to the integration of a single
differential equation, instead of a coupled system. Since we are only inter-
ested in the relative effect of including the elastic process, and both primaries
and secondary protons undergo losses, accounting for secondaries from nuclear
spallations is largely degenerate with the injection spectrum (or index) effect,

which we briefly discuss in the next section.

4.4
Results

In Fig. 4.5, we illustrate the relative effect of the inclusion of the elastic
loss process with respect to neglecting it, for two propagation models and two
injection spectra. The shape of the curves is easy to explain: The process takes
protons at higher energies and re-injects them at lower ones, hence the peak-
dip structure. Its magnitude is of the order of 0.8% slightly below or slightly
above 1 GeV, and should therefore be included whenever the ambition is stated
to control the theoretical error to below such a level. The effect is similar
in the two propagation models considered: A bit smaller in the SLIM model
because the relative weight of the diffusion coefficient is more pronounced
at low energies. Also note that steeper power-laws reduce the relative re-
population effect and enhance the depletion one, as intuitively expected. The
effect of including secondary protons should be similar, as discussed in the
previous section.

In the limit where n — 0, we expect that the “catastrophic” energy losses
described via the brackets in eq. (4-29) admit a simpler description in terms of
a continuous energy loss mechanism. We can easily switch to such a treatment

for the elastic channel, for instance, by setting the elastic channel bracket in
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Figure 4.5: Relative effect of including vs. neglecting the pp-elastic process, for
the BIG (blue) and SLIM (red) models, and for two injection spectral indices,
2.2 (solid) and 2.4 (dashed).

eq. (4-29) to zero while modifying

This change applies to the functions A; and A,, as a consequence of the new
function S(K) entering them. Of course, we can apply a similar treatment
to the inelastic channel (together with or alternatively to the elastic one).
In fact, current studies via popular CR propagation codes do adopt this
approximation for pion production losses. In Fig. 4.6 we see the effect of this
continuous approximation. We see that it is definitely inappropriate for current
accuracy goals, with errors reaching 3%. It is easy to explain the different
energy behaviour for the elastic and inelastic cases: For the elastic case, the
biggest effect is when the elastic process matters the most, basically, just below
1 GeV, reflecting the drop of the inelasticity well above that value. For the pion
production, the inelasticity is constant (within our approximation): The impact
is higher at higher energies just because the pion-production process becomes

the dominant loss channel there (see Fig. 4.3).

4.5
Sub-leading effects in the ionization losses

In each electromagnetic interaction with an electron of the medium, a
proton loses a tiny fraction of its energy, as we discussed in Section. 1.3.6,
hence a continuous energy-loss approximation is justified. The stopping power

for ionization for a CR nucleus of charge Ze takes the well-known form
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Figure 4.6: CR proton flux ratio between the solution obtained with the
continuous approximation for the elastic channel (blue, solid), the inelastic
channel (dashed, red) or both (dot-dashed) over the solution obtained with
the catastrophic treatment for both channels.
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where the expression given for L corresponds to the result obtained by Bethe

L, L~ Lpehe [m ( ) — 52] . (4-31)

(Z being the effective ionization potential of the target). Although current
treatments in CR astrophysics limit themselves to this approximation, see
e.g. appendix C.10.4 in (322), more refined calculations for the dimensionless
function L are available. Some of these corrections are discussed in (311),
but typically neglected without quantitative assessment of their magnitude.
Here, we tackle this task, following the treatment given in (312), associated to
the code CRange ° which we use for numerical evaluation accounting for the

following additional effects (with two-letters code to label them in parentheses):
— Density effect (New Delta, ND)
— Lindhard-Sgrensen correction (LS)
— Radiative correction (RA)

Finite Nuclear Size (NS)

Barkas Effect (BA)

— Shell Effect (SH)

— Leung Effect (LE)

— Modern Electron Capture Effect (EC)

— Kinematic Correction (KI)

9https://www.thedreamweaver.org/crange/recalc.html
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Figure 4.7: Fractional corrections to the Bethe ionization stopping power for
CR protons. See text for the labels of the different effects.

— Pair Production (PA)
— Bremsstrahlung (BR)

We refrain here from a theoretical description of these effects, which goes
well beyond the goals of our study. A modern exposition can be found for
instance in (323). However, as a warning to the reader, we point out that,
while CRange does nominally include a density effect correction for interstellar
medium and Galactic Halo conditions, its implementation is flawed and should
not be used !°. Following the results reported in (324), Sec. 13.3, we checked
that contrarily to what an uncritical use of the code would indicate, this effect
is completely negligible for CR propagation conditions (i.e. in a very rarefied
medium) and can be safely neglected.

In Fig. 4.7 we show the relative correction to the eq. (4-31) due to dif-
ferent effects. The only one worth mentioning is the Lindhard-Sgrensen cor-
rection (325), since the radiative correction dominating above 4 GeV (but still
sub-percent!) intervenes at a point where ionization losses are already sub-
leading (see Fig. 4.3). The LS-correction accounts for the solution of the rela-
tivistic Dirac-Coulomb equation, as opposed to the non-relativistic quantum-
mechanical treatment of Bethe’s results. Anyway, since the corrections are at
the level of 0.1%, we conclude that they can be safely ignored at the present
accuracy goal.

Although in this study we have focused on CR protons, the electromag-
netic corrections dealt with in this appendix are common to all nuclei, with
a known parametric dependence on the charge, mass, and size of the nucleus.

We have thus explored how the above conclusions are altered in the case of Fe,

OWe would like to thank Cypris Plantier for pointing out some anomalous output
associated to these choices, that triggered our investigation.
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Figure 4.8: Fractional corrections to the Bethe ionization stopping power for
CR Fe.

which is the heaviest nucleus with a sizable abundance among CRs. As far as
energy losses are concerned, we present our results in Fig. 4.8: we see that the
LS correction reaches about 2%.

To gauge the impact on fluxes, we also solve the propagation equation
for Fe. Technically, in this case we do not adopt an iterative approach to solve
the propagation equation, since the catastrophic loss channel is dominated by
spallations onto the interstellar medium protons, but these are not associated
to a sizable injection term counterpart, since iron is the heaviest nucleus with

appreciable CR flux. Hence, we simply integrate eq. (4-26) taking

1 dSFe UFe(K)
Ao = in : 4-32
BFET X e (K) tTar T Mo (4-32)

where Fe cross section with H target (of¢) is taken from Table II of (326).
The results are summarised in Fig. 4.9. We see that the LS correction reaches
1.5% just below 1 GeV, larger for instance than the statistical errors (albeit

not systematic ones) on Fe data taken by AMS-02 (327).

4.6
Summary and Discussion

In the ongoing effort towards refining theoretical predictions for CR
studies, we have focused on the energy loss processes affecting protons,
particularly relevant at low energies. Our main driver has been to raise
awareness of the insufficient accuracy with which known physics is currently
treated. We have scrutinized the currently used approximation in the field,
notably the Bethe limit of the ionization energy loss, the neglecting of the
elastic energy losses, and the continuous approximation to treat what are

more exactly described as catastrophic losses. While we confirm that, at least
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Figure 4.9: Tron flux ratio: The effect of the LS correction to the Bethe
ionization expression in the BIG and SLIM model with v = 2.3.

for protons, the former is sufficient, the latter two effects (and definitely
the latter one, reaching 3%) should be accounted for precision studies: Note
that these are all leading to energy-dependent effects, not reducible to a
normalization uncertainty. We have also provided the reader with compact
analytical formulae for the quantities of interest for the elastic collision process,
and shown that an iterative approach can successfully be used to tackle the
last issue.

This is but a step in a more extended effort, of course. A natural follow-
up would be to incorporate these inputs in existing codes, and performing data
analyses with /without the processes included to directly assess the systematics
on astrophysical parameters of interest. This would also naturally account for
secondary proton sources. Extending the treatment of these collisional losses
to nuclei is another natural direction.

A further avenue consists in improving over existing parameterizations
and fits of cross section data, notably if new laboratory data should be
available, and assess the errors affecting any parameterization used. As a
preliminary step, we have compared the cross section for the inelastic channel
used here to the FLUKA '*-based cross section (328) used e.g. in (27), reported
in Fig. 4.10. The corresponding effect on fluxes is displayed in Fig. 4.11. We see
that, despite the differences in fluxes being typically at around the 0.1% level,
differences up to 1% can arise just above the threshold, and should be further
examined. In particular, a trade-off may be at play between fits applicable
over wide energy ranges and locally optimal fits. For instance, the single-pion

production and the assumption of a fixed energy transfer x, into the produced

Uhttp://www.fluka.org
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Figure 4.10: total (black) and pp-elastic (blue) cross section from (26) and
their difference, i.e. the pp-inelastic (red). Comparison with the pp-inelastic
from FLUKA as reported in (27) (green dashed).

pion become inadequate at high-energies. Additionally, since these processes
are stochastic, one may explore the role of fluctuations in collision via a Monte
Carlo study.

There are also other processes that we have not included. In particular,
we have neglected the spallations that protons induce on interstellar medium
nuclei. Accounting for these would not change qualitatively the above approach
nor quantitatively the assessment for the effects we have considered. Our
expectations is that, despite the fact that the cross sections for the process
p-*He, say, reach ~ 300 mb, only a very small fraction of the projectile proton
ends up in the scattered products, i.e. the inelasticity is very small (see e.g.
Figs. 4 and 6 in (27)). Yet, while these processes are taken into account as
secondary nuclei sources, it is fair to say that neither the energy-loss effect
on the projectile nor the proton source from target spallation are taken into

account. These are all issues that we plan to tackle in future works.
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5
Evaporating Primordial Black Holes in Gamma Ray and Neu-
trino Telescopes

Departing from the core topics of this dissertation, this chapter explores
the phenomenon of evaporating primordial black holes (PBHs) and their po-
tential detectability through gamma-ray and neutrino telescopes. The analysis
presented here builds on the findings published in (37).

Primordial black holes nearing the end of their evaporation process, par-
ticularly those situated within the local cosmic neighborhood, are expected to
produce detectable transient signals. This work revisits the predicted gamma-
ray and neutrino fluxes from such events and evaluates their implications for

current observational limits.

5.1
Introduction

One of the prominent predictions of General Relativity (GR) is the
existence of black hole (BH), a deformed spacetime around a sufficiently
concentrated mass where all geodesics terminate at a singularity point (or
region of zero volume). As far as GR is concerned, there is no restriction on the
BH’s mass; any mass M distributed inside the Schwarzschild radius r, = 2M
will form a BH. However, the formation mechanism of a BH strongly restricts
its possible masses. The gravitational collapse of astrophysical objects (stars)
can lead to BHs with masses only between ~ 2M (329) and ~ 50M,, (330),
which has been observed in X-ray binaries (331, 332). Merger events can
create heavier BHs, potentially up to a few hundreds of solar masses, and
the existence of such massive BHs has now been confirmed observationally via
gravitational waves (333). Extremely heavier BHs of up to ~ 10° M, have been
detected ubiquitously at the centers of galaxies (including ours), although their
formation mechanism is still not well understood.

Meanwhile, on the < M, part of the mass spectrum, both the formation
and the detection of BHs are challenging. In a seminal paper (334), Zel’dovich
and Novikov suggested the formation of such BHs via the gravitational collapse
of overdense regions in the early universe, which have been fittingly named
primordial black holes (PBHs). The formation rate of PBHs depends on the
details of the initial power spectrum of the early universe, and the required
conditions for having a relevant population of PBHs are still under debate (see

(335)). Inspection of the early universe density fluctuations reveals that PBHs



Chapter 5. Evaporating Primordial Black Holes in Gamma Ray and Neutrino
Telescopes 164

with masses ~ 5M (/107" s) indeed can be formed at a time ¢ after the
Big Bang (336). Note that, following the literature in astroparticle physics,
it is common to express PBH masses in grams, and we henceforth follow
this convention. The thermodynamics of BHs plays an important role over
cosmological timescales for light PBHs. Hawking showed in (337, 338) that a
BH of mass M loses its mass in the form of radiated particles with a quasi-
black-body spectrum at temperature 7" = (87 M)~!. This so-called Hawking
radiation is only appreciable for light BHs (it is extremely small for stellar-
mass BHs), and its very existence leads to a complete evaporation of PBHs
with masses < few x 10! g within the age of the Universe!. PBHs with mass
~ 10" g, which (if they exist) have been produced at t ~ 10723 s, are expected
to be breathing their last breaths at the present time and are the subject of
this study?.

Hawking radiation leads to a runaway mass loss process: as the BH’s
mass decreases, the rate of energy loss increases dramatically (E ~ M2 (350))
until the BH practically vanishes after emitting all particles in the Standard
Model (and any other hypothetical beyond the Standard Model particle) up
to Planck scale energies. In the last few hundreds of seconds of the BH’s
life, when its temperature exceeds the quarks’ and gauge bosons’ masses, the
spectrum of radiated particles significantly deviates from a greybody spectrum
due to secondary emission from hadronization and electroweak corrections.
Among the stable final products of PBH evaporation, gamma rays have been
most extensively used by the H.E.S.S. (351, 352), HAWC (29), Milagro (353),
VERITAS (354) and Fermi-LAT (355) experiments in the search for local
(within ~ a parsec) PBHs, of course, all with null results. These searches
provide independent and complementary bounds to gamma ray observations
at larger distance scales, e.g. Galactic scales using EGRET data (356, 357)
(refined in (339, 358)) and cosmological scales using the extragalactic gamma
ray background (EGB) (359, 339). Besides gamma rays, other particles such
as antiprotons (360), electrons/positrons (361, 362, 363) and neutrinos (363)
have also been used to constrain the density of (10 — 10'") ¢ PBHs and
their fractional contribution to dark matter, fppy. Strong upper limits on
feeu for low-mass PBHs have also been obtained from EGB (364), cosmic
microwave background anisotropy (365), Galactic gamma ray (366, 367), and
21-cm (368) measurements, the latter yielding the strongest bounds to date:

!Strong limits on the abundance of PBHs with masses < 10'* g can be derived from BBN
considerations (339), early neutrino and photon production (340, 341), reionization (342,
343), and even contribution to the dark matter if stable Planck-mass remnants are left
behind from their evaporation (344, 345, 346).

2PBHs with masses > 10 g would still be alive and may account for a considerable
fraction of the dark matter (347) (see (335, 348, 349) for reviews).



Chapter 5. Evaporating Primordial Black Holes in Gamma Ray and Neutrino
Telescopes 165

feeu S 10727 at 95% C.L. for PBHs with mass ~ 10® g. Future X- and gamma
ray experiments are expected to tighten these bounds even further, especially
for rotating PBHs (369, 370). One may ask whether, in light of these strong
bounds, searches for PBHs in the local neighborhood is viable. Considering
the local dark matter density ppy ~ 0.0133 Mg, pc™® (371), and assuming a
uniform PBH distribution throughout the universe, the bound on fpgy leads

to the maximum number density of these PBHs:

_ feeupom _ 10797 % 0.0133 M pc?

max = R~ ~ 5.3 x 10° pc3. 5-1
" Mppy 1015% pe ( )

The corresponding mean separation between bursting PBHs is therefore d,;, ~
nzl/3 ~ 6 x 1073 pc. Any smaller spacing would imply a larger PBH number
density—and hence a higher local PBH mass density—than is allowed by the
21-cm bound, rendering such a scenario inconsistent with current constraints.

Also, this distance scale can be significantly shorter in case of any
(expected) clustering in the PBH’s distribution. Since these distance scales are
within the reach of gamma ray and neutrino observatories, direct observation
of local PBH bursts keeps being motivated.

The idea of using neutrinos in the search for evaporating PBHs has
been introduced in (30) (see (372) for the early idea of using stable particles
is the search for PBHs), by taking into account the emission of secondary
neutrinos and in view of upcoming neutrino telescopes, which are now a
reality. In this study we elaborate on this possibility and explore the extent
of its feasibility in the current and future neutrino telescopes, as well as its
synergy with gamma ray experiments in a multi-messenger approach. As for
the expected neutrino production by an evaporating PBH, with respect to
previous works (30, 31), we improve on the calculation by using the BlackHawk
code (373) for the primary particle emission and incorporate the HDMSpectra
code (374), which is the state-of-the-art code for secondary computation.
Applying these improvements to the PBH gamma ray production shows
qualitative and quantitative differences to previous works which enables us
to improve the existing limits from gamma ray experiments. We also discuss
the three-fold advantage of using neutrinos in the search for evaporating PBHs:
a) Neutrinos would be able to reach the earth independent of the existence of
a speculated optically thick photosphere (375, 376, 377) around PBHs which
absorbs the gamma rays. The same applies for PBHs embedded in high density
and/or magnetic field regions, where the outgoing flux of all the particles
except for neutrinos will be suppressed. b) Extensive air shower experiments for

gamma ray detection have a limited field of view — ~ 2 sr (~ 16% of the sky) for
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HAWC (378) and ~ 1 sr for LHAASO (379) — while neutrino telescopes cover
at least 27 st of the sky with almost zero dead time of the detector. c¢) In case we
observe a flare of neutrinos or gamma rays, pinpointing its origin is crucial. An
orphan gamma ray flare can be attributed to a conventional leptonic process.
An orphan neutrino flare matches the expectation for a gamma-ray-opaque
source, as is favored by multi-messenger analyses (232, 380). The simultaneous
observation of neutrino and gamma ray flares, with the peculiar energy and
time profile correlations of an evaporating PBH, can easily exclude the former
alternatives.

Through this chapter, in section 5.2, we lay out the computational
framework of the neutrino and gamma ray radiation from an evaporating PBH,
comparing our updated emission spectra from BlackHawk and HDMSpectra
to previous results in the literature. In section 5.3, we estimate IceCube’s
sensitivity to PBH bursts and set the corresponding upper limit on their local
rate density from the 10-years neutrino data set. Section 5.4 is devoted to the
multi-messenger /v approach in identifying a PBH event. Discussions and

conclusions are summarized in section 5.5.

5.2
Neutrinos and gamma rays from Hawking radiation

The no-hair theorem (381, 382, 383, 384, 385, 386) states that a BH,
for an external observer, can be fully characterised by specifying its mass,
electric charge and angular momentum. However, BH evaporation causes it to
discharge (387, 388, 389) and lose angular momentum (390) at a much faster
rate than it loses mass, once the BH approaches the end of its life. This allows us
to safely assume that PBHs which are currently on their final hours are simply
Schwarzschild BHs and parameterized only by their mass M. Nevertheless, at
the end of this section we briefly comment on the rotating PBHs.

In terms of M, the temperature of a BH is T' = (87 M)~! (337, 338) and
its mass loss rate due to Hawking radiation can be obtained by solving the

following equation of energy conservation (350)

dM — «(M)

At M2

where (M) takes into account the total energy carried away by the Hawking

(5-2)

radiation and can be calculated by summing over all particle species ¢ of the
Standard Model (quarks, charged leptons, neutrinos, gauge bosons and the
Higgs)®

3To a very good approximation, the emission of particle i becomes non-negligible once
the BH temperature approaches its rest mass (391).
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The graph of a(M) as function of M can be found in Fig. 2 of (28). In Eq. (5-
3), d*N} /dtdE is the emission spectrum rate of particle i arising directly from
Hawking radiation — the so-called primary particles (hence the subscript p) —
and is given by (337, 338)
d’N}
dtdE

o néof FZ<M7 E)
©2m(eB/IT £ 1)

(E, M) (5-4)

where njj; is the number of degrees of freedom of particle i (spin/helicity
and color; see Table 3 in Appendix C of (373)), I'(M, E) is the greybody
factor /absorption coefficient of a wave packet scattering in the BH spacetime
geometry off into infinity (where an observer would be located) and the +(—)
sign corresponds to fermions (bosons). Calculating the greybody factor I' is
the nontrivial part of Eq. (5-4), as it depends not only on M and FE, but
also implicitly on the radiated particle’s mass, spin and any other internal
degree of freedom it may possess. Although these greybody factors can be
approximated analytically (391, 392), we use the exact numerical calculation
from the BlackHawk code (373). For a given BH mass, BlackHawk calculates
the instantaneous primary emissions d2Nf) /dtdE for every particle species of
interest.

The observable fluxes of stable particles from an evaporating PBH are dif-
ferent from Eq. (5-4) because of hadronization, fragmentation and electroweak
corrections, which lead to the emission of secondary particles. For example,
the production of pions from hadronization of primary emitted quarks, and
their subsequent decay, produces additional spectra of neutrinos and photons.
Also, the electroweak corrections on any primary emission of species i lead
to secondary neutrino and photon spectra which become increasingly impor-
tant at energies 2 1 TeV (corresponding to the last ~ 400 s of the evaporating
PBH). Typically, the secondary emissions have been either approximated semi-
analytically, for example in (359, 393, 394) for gamma ray yield and in (30)
for neutrino yield, or calculated numerically by the PYTHIA code (395), see for
example (28) for gamma ray yield. Both methods have some degree of impre-
cision: in addition to approximated hadronization/fragmentation calculations,
the electroweak corrections are usually absent in the semi-analytical method;
in the PYTHIA code the electroweak corrections are not included completely
(for example, triple gauge couplings are missing), which renders its range of
reliability below tens of TeV. In order to improve on the secondary emission
calculation, we use the HDMSpectra code (374) which is valid up to Planck

scale. Although HDMSpectra aims at computing the secondary emission from
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heavy dark matter annihilation/decay, it can be equally applied to evaporating
PBHs; as soon as particle species i is produced either from dark matter or PBH
evaporation, the rest (secondary calculation) is the same in both cases. The
secondary spectrum of particle j can be obtained by the energy convolution of
the primary spectrum of particle i, Eq. (5-4), with the spectrum of particle j
from a fixed energy of primary species ¢ (and summing over all species 7):
dNi—I

(B M) (BB . (55)

42N © AN
S (B, M) = / dE, —P
dide ) Z o " dtdE,

In this relation, the dN“77/ /dE term has been computed by using HDMSpectra.

Some remarks about Eq. (5-5) are in order: the summation index i runs
over particle and anti-particle of each species and the dN*7//dE should be
computed for each one separately (for u, @, b, b, etc), which are provided
via explicit fragmentation functions in HDMSpectra (using the HDMSpectra.FF
syntax). In this case the ni; in Eq. (5-4) includes the spin/helicity and color
degrees of freedom. However, the rates of particle and anti-particle production
by a PBH are equal. Thus, by doubling the nf., Eq. (5-4) provides the
production rate spectrum of particle plus anti-particle (for particles that are
not identical to their anti-particle). By using this convention, one can use the
HDMSpectra.spec syntax in HDMSpectra code which provides the secondary
emission from XX (X being the particle species). In this convention, the
particle species Y = ~, Z°, gluons and Higgs need a special treatment since
the HDMSpectra.spec syntax provides the secondary emission from YY: we
should divide their secondary spectra dN*77 /dE by two.

Considering both primary and secondary contributions, the total emis-

sion rate spectrum of v, (a = e, u,7) and « from a PBH can be written as

d*Nig  d*Nre v o NG
fe) _ s Va—Va E p _
e~ aae AT E) GaE (5-6)
and 0
CNY,  BND L dBND 2NZ
% — 8 E)—L 4+ A7 7(E)—2 5-7
e —aae T T Bgas tA T B gaE (5-7)

where A" (E) is the coefficient of §(1 — E/E,) in the k — j secondary
spectrum which takes into account the probability of no corrections for v, — v,
and v — 7, and the probability of v production for Z° — ~. The A coefficients
are provided by HDMSpectra.

A remark on Eq. (5-6) is in order: as can be inferred from this equation, we
are assuming emission of neutrinos in flavor eigenstates via Hawking radiation
and we suppose Majorana nature for neutrinos by setting né’é‘fr%) = 2.
However, although it is undeniably more natural to suppose neutrino emission
in mass eigenstates (396), since the majority of neutrino yield originates from

secondary production (i.e., small A4"*7") this assumption does not modify
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Figure 5.1: (a) The instantaneous primary and secondary gamma ray spectra
from an evaporating PBH. The solid curves show our results and the dashed
curves are taken from (28). The lower part shows the ratio of solid to dashed
secondary emissions curves. (b) The time-integrated total gamma ray spectra
for three different time intervals in solid curves. The dashed curves show the
spectra used by HAWC (29). The ratio of solid to dashed curves are depicted
in the lower part.

our conclusions by more than ~ few percents. In the case of Dirac neutrinos, the
number of degrees of freedom will be four (396), instead of two, which enhances
the neutrino emission and facilitates the detection of PBHs (to be conservative,
we continue with the Majorana neutrino assumption.) Finally, the nonzero
neutrino masses (though < 0.01 ¢V) would not affect the assumed massless-
neutrino emission in BlackHawk code, for PBHs with M ~ 10 g (396).
Figure 5.1 shows the gamma ray emission spectra. In the left panel the
instantaneous spectra (both primary and secondary) are shown for two PBH
masses M = 10'° g and 10® g, corresponding respectively to ~ 400 s and
~ 4 x 107" s before the death. In order to compare with previous works,
the primary and secondary gamma ray emission spectra from (28) are also
shown by dashed curves; the ratios of our secondary emissions to the ones
from (28) are depicted in the lower part of Figure 5.1a. While the primary
emissions are identical (both in this work and in (28), they are taken from
the BlackHawk code), the ratio plot manifests a factor of ~ 2 larger secondary
gamma ray emission at £, 2 100 GeV in our computation. The ratio increases
at higher energies for both PBH masses. The time-integrated total spectra from
Eq. (5-7) for three different time intervals are shown in Figure 5.1b, in solid
curves, with the corresponding time-integrated spectra used by the HAWC
collaboration (29) represented by dashed curves. The ratio plot at the bottom
shows a factor ~ 2 larger total spectra from our computation at £, ~ TeV in

all three time intervals.
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Figure 5.2: The same as Figure 5.1, but for neutrinos (sum of the three flavors of
neutrinos and antineutrinos). The dashed curves in panel (a) show the primary
neutrino emission of (30) which has been used by IceCube collaboration in (31).
The ratio of solid to dashed curves of primary spectra are shown in the lower
part of panel (a). Panel (b) shows the time-integrated total neutrino spectra
for three different time intervals before the complete evaporation of PBH.

The expected neutrino spectra from evaporating PBHs are shown in
Figure 5.2, where in both panels we plot the sum of all three flavors of neutrinos
and antineutrinos. In the left panel, the primary and secondary instantaneous
neutrino emissions for two PBH masses are depicted with solid curves and are
compared with the primary neutrino emission of (30), which has been used
by IceCube collaboration in (31), in dashed curves. The lower ratio plot of
Figure 5.2a illustrates a factor ~ 8 smaller primary neutrino emission from
BlackHawk with respect to the analytical calculation of (30) at energies below
the peak of Hawking radiation. Figure 5.2b shows the time-integrated total
neutrino spectra from Eq. (5-6), for three different time intervals, which we
could not find any work in the literature to compare with.

The spectrum of v, at the Earth, where by v, we mean the sum of
neutrinos and antineutrinos of flavor «, can be obtained by taking into account

the decoherent flavor oscillations en route from PBH to Earth:

ENG 55 202 & oo (5-9)
e |, =i dtdE |ppy

where U,; are the elements of the PMNS mixing matrix fixed to their best-fit
values from the NuFit global analysis (397). The effect of oscillation can be
visualized in Figure 5.3a, which shows the prompt (at production) spectra of
each neutrino flavor and the v, spectrum after oscillations. The time-integrated
flux (fluence) of v, from an evaporating PBH located at luminosity distance

d;, (= d. for small redshifts, where d. is the comoving distance) is given by



Chapter 5. Evaporating Primordial Black Holes in Gamma Ray and Neutrino
Telescopes 171

10300 VetV ppH  — — - 1 o (100 - 1000)s = __
Vu+veen = — - TSSO 10-1000s —
— 107 — - (Ve+VpBH = — - 10°2 0-10)s -
é o B VutVEarth ——— E:E
3 o
3 g 10 N
= 107 (0 -1000) s - AN
= —— This Work
1018 1070 — — - IceCube (1908.05403) '
10 5 1078 i
10! 10% 10° 10* 10° 10° 107 10! 10? 10° 10* 10° 109
E, [GeV] E, [GeV]
(a) (b)

Figure 5.3: (a) The total spectra of each neutrino flavor at the production
site (PBH), in dashed curves, and the muon-flavor spectrum (neutrino and
antineutrino) at the Earth in the solid curve, after taking into account
the flavor oscillation in Eq. (5-8). (b) Solid curves: the time-integrated flux
(fluence) of all neutrino flavors at the Earth for three different time intervals.
Dashed curves: the fluences used in (31), which are based on the calculation
of (30). The distance to the PBH is d, = 1072 pc.

1 ftr . d2N%e
E, (Bt —ty) = /f tot

= = tot 5-9
And2 )i, © dtdE (5-9)

@
The same Eq. (5-9) applies to the fluence of gamma rays, albeit without any
flavor oscillation. The solid curves in Figure 5.3b show the fluence of all-flavor
neutrinos at the Earth from a PBH at the distance 0.01 pc for three different
time intervals. For comparison, the fluences (all neutrino flavors) used in (31)
which are based on the calculation of (30) are displayed by dashed curves in
Figure 5.3b. A clear mismatch, both qualitatively and quantitatively, can be
seen in this figure.

In the case of rotating PBHs, it is well-known that the neutrino and
gamma ray (and all other particles) emissions will be amplified by the increase
of angular momentum (390). As a consequence, the lifetime of PBHs shortens
and effectively the rotating PBHs experience a faster runaway mass loss in
the last stage of their life. Whether the nonzero angular momentum of a
PBH helps its observation or not depends on the competition between the
increase in emission spectra and decrease in the domain of time integration
of spectra, or equivalently of the fluence in Eq. (5-9), remembering that for
rotating BHs a part of the energy budget is dedicated to rotation and this
competition does not necessarily end in a draw. To illustrate the result, we
choose the extreme case of a PBH with maximal spin a* = J/M? = 0.99, where
J is the angular momentum, and assume that it keeps its angular momentum
until the complete evaporation. The left and right panels of Figure 5.4 show,

respectively, the time-integrated gamma ray spectra and fluence of neutrinos
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Figure 5.4: The time-integrated gamma ray spectra (left panel) and fluence
of neutrinos (right panel, assuming d;, = 1072 pc) for Schwarzschild PBH
(a* = J/M? = 0) in dashed curves and maximally rotating PBH (a* = 0.99)
in solid curves. The lower plots show the ratio of a* = 0.99 to a* = 0.

(assuming dz, = 1072 pc) for a* = 0(0.99) by dashed (solid) curves. The lower
parts of panels depict the ratio of a* = 0.99 to a* = 0, which clearly show
an increase in the time-integrated spectra of gamma rays and neutrinos for
rotating PBHs. For neutrinos, especially in longer time intervals, the fluence
is bigger at high energies for a* = 0.99, while at lower energies a rotating
PBH produces marginally more neutrinos than a Schwarzschild PBH. Let us
emphasize that the modifications in emission spectra depicted in Figure 5.4
are for PBHs which maximally rotate until the last moments of their life, a
scenario that should be considered quite exotic since the evaporating PBHs
are expected to be Schwarzschild BHs in the last stages of their life even if
they had a large angular momentum at the early stages (390, 398). Therefore,
although we do not consider further the rotating PBHs, it can be concluded
from Figure 5.4 that possible residual tiny angular momenta of PBHs do not
change the bounds that will be derived in the next sections for non-rotating
PBHs; i.e., these bounds are robust against possible small a* since even for
maximal a* they tighten by a factor O(1) and not more. The limits on rotating

PBHs will be provided in the next section.

5.3
PBH detection prospects at IceCube

To quantify the observability of evaporating PBHs as transient point
sources in neutrino telescopes, let us calculate the expected number of events
at IceCube from the fluence of Eq. (5-9). We consider IceCube’s u-track data
set which benefits from a good angular resolution in the reconstruction of the

incoming neutrino’s direction (< 1° above ~ TeV energies). The good angular



Chapter 5. Evaporating Primordial Black Holes in Gamma Ray and Neutrino
Telescopes 173

dp, =107 pc 7=1000 s
20

Number of Events (N,,)

Figure 5.5: (a) The expected number of p-track events in IceCube from an
evaporating PBH, located at the distance d;, = 1073 pc and different zenith
angles, in the last 7 seconds before its death. (b) The maximum distance, ryax,
that can be probed by IceCube at 90% C.L., for three time intervals 7.

resolution assists in efficient rejection of background events from atmospheric
neutrinos. The atmospheric muon background can be suppressed entirely by
restricting to up-going pu-track events in the detector, corresponding to the
northern hemisphere.

The expected number of p-track events from an evaporating PBH located

at zenith angle 6, and with fluence F,, in the time interval t; — ¢ is given by

Emax
N, (0o t; — ty) = / dE F, (B:it; — t;) A(E, 0.) | (5-10)

min

where Aug(E,0.,) is IceCube’s effective area (399)%. E, is set by the energy
threshold of p-track observation at IceCube, ~ 100 GeV, and F,, is governed
by the maximum energy of the fluence, which depends on the time interval
t; — t. During the last ~ 10% s of the life of a PBH at distance > 1072 pc
from us, the proper motion due to PBH’s motion is < 2° (even for ultra-
relativistic PBH velocities). The Earth’s rotation also leads to < 0.5° change
in the position of PBH. Since the effective area of IceCube changes smoothly
as a function of zenith angle, we can assume a fixed angular position for
the PBH. Figure 5.5a shows the expected number of p-track events from an
evaporating PBH located at distance d;, = 107 pc and at different zenith
angles of the northern hemisphere, in the last 7 seconds of its life. Clearly,
as can be evidenced from Figure 5.3b, a larger time interval leads to a larger
number of events at [ceCube. However, any further increase of the time interval
beyond ~ 103 s results in a marginal gain since the lower temperature of the
PBH implies a lower energy neutrino emission, which eventually falls below
[ceCube’s threshold.

The sensitivity of IceCube to a PBH depends on the number of atmo-

4In both neutrino telescopes and extensive air shower experiments, the azimuth-
dependence of the effective area is very small and can be neglected.
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spheric neutrino background events. Assuming a fixed-position PBH and con-
sidering 1° uncertainty in the direction reconstruction, the expected number of
atmospheric neutrino events in the time interval of 7 = 10 s is < 1075 (we used
the HKKM atmospheric neutrino flux (400)). Since the atmospheric neutrino
flux is practically constant in time, the expected number of background events
scales with 7. Thus, as a consequence of the short transient nature of a PBH
signal, the observation is background free®. To estimate the constraint on the
local density of PBHs, we use the Bayesian upper limit N,, < Npax = 2.3
at 90% C.L. from the Poisson distribution, for our zero background expec-
tation (see (401) for the details). From Egs. (5-9) and (5-10), this condition

corresponds to the maximum distance

(0.:7) = /WdEA (E,0. /dtd2Nt°t
Tmax\Vz, T) = 47TNmax B eff dtdE

beyond which PBH signal events are compatible with the background. Sum-

(5-11)

ming over all the zenith bins in the northern hemisphere (the ith bin is defined
by 9 <6< GZ ), the volume that can be probed by IceCube is

Vinax ( Z Qirs. (0 (5-12)

where €; = 2m(cos 6, — cos bl ..). Figure 5.5b shows 7y as a function of
zenith angle for time interval searches 7 = 10, 10? and 10% s before the PBH’s
death. The upper limit on local rate density of PBH bursts pmay (in [pc2yr™})
can be obtained via . Ny
Pmax(T) = W )
where T is the total observation time (~ 10 years for IceCube). Table 5.1

(5-13)

reports the limits on py., found in this work for three different time intervals.
Of course, these limits are not competitive with the current best constraints
from HAWC, 3400 pc=2 yr=! at 99% C.L. (29), yet they show the capability
of current neutrino telescopes in the search for PBHs. The factor of > 103
difference is mostly due to ~ 2 — 4 orders of magnitude smaller effective
area of IceCube with respect to HAWC’s (402). For rotating PBHs with
maximal angular momentum (a¢* = 0.99), the limits reported in Table 5.1
are tighter by ~ (15 — 30)% due to their slightly larger fluences in Figure
5.4b (in combination with the energy-dependence of IceCube’s effective area

which peaks at ~ 100 TeV.) The advantages of using neutrino telescopes in

5Strictly speaking, one has to search for clustering of events in a fixed time interval sliding
over the data-taking time and properly incorporate the expected number of background
events over the whole observation time. However, since performing this search requires
detailed information of the detector which is not available, we opt for the simpler approach
explained in the text.
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Table 5.1: Limits, at 90% C.L., on the local rate density of PBH bursts, pmax,
from the ten-years IceCube p-track data set, for three different time intervals
before the PBH’s death, for both non-rotating and rotating PBHs.

7 [8] | Pmax(a” = 0) [pc_g yr_l] Pmax(@” = 0.99) [pC_S yr_l]
10 1.7 x 107 1.5 x 107

102 8.2 x 10° 6.2 x 10°

103 4.1 x 10° 3.3 x 10°

the search for PBHs include the larger field of view with respect to gamma
ray experiments (in case of one rare event that can be located outside the
directional acceptance of these experiments), situations in which gamma rays
will be absorbed before reaching the Earth, and simultaneous observation of
PBHs in neutrino and gamma ray experiments which eases its identification
(the latter will be discussed in the next section). Finally, it should be mentioned
that the limit on py. does not improve significantly for searches in timescales

longer than ~ 10% s.

5.4
PBH in gamma ray experiments and multi-messenger correlations

Before discussing the multi-messenger observation of an evaporating
PBH, let us comment on the HAWC limit on pya.. The number of gamma
ray events at HAWC can be calculated analogously to N, in Eq. (5-10)
by substituting the effective area A.gz and the fluence accordingly. Our re-
evaluation of the gamma ray emission and its ratio to the emission spectra used
by HAWC collaboration, shown in Figure 5.1b, reveals quantitative differences.
Since the majority of event counts in HAWC are in the energy range < 10 TeV,
where the ratio plot of Figure 5.1b points to a factor ~ 2 larger number of
events in our evaluation, it corresponds to a factor ~ 1.4 larger 7., that can be
probed by HAWC. By taking into account this raise, the current HAWC limit
on the local PBH rate density (3400 pc™® yr=!) can be improved to roughly
Pmax < 1200 pe™3 yr~! at 99% C.L.

Observing any astrophysical event with more than one messenger is
always beneficial. While the gamma ray experiments offer the best chance
to detect a burst from an evaporating PBH, it might be hard to distinguish
the observed signal from other transient gamma ray sources, or pinpointing
it unambiguously to a PBH. Unlike the conventional pp and p~y scenarios for
steady-state emitting sources, the relation between gamma ray and neutrino
emission spectra for transient (explosive) sources can be nontrivial and changes

depending on the source conditions. However, the exact ratio between the
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Figure 5.6: (a) Ratio of the instantaneous /v, spectra at various time instants.
(b) Ratio of time-integrated spectra of gamma rays and neutrinos for several
time intervals.

photon and neutrino spectra (at different times and energies) contains a unique
signature of an evaporating PBH. Figure 5.6a shows the energy-dependence of
(2N, /dtdE) /(A2 Nk /dtdE|g) at t = 107%,1,10,10% and 10® s before the
death of PBH. The peculiar, and almost t-independent, features of the curves
in Figure 5.6a are the consequence of both the thermal Hawking radiation and
the secondary production through hadronization and electroweak corrections
in Standard Model. At the highest energies (close to the corresponding energy
for each t) the ~ 1.5 gamma to neutrino ratio results from the greybody factors
in Eq. (5-4) and the A coefficients of Egs. (5-6) and (5-7). The drop in the ratio
just below the highest energy, to ~ 0.5, and the rise in lower energies, to ~ 4,
are the consequence of the secondary production mechanisms: while both the
hadronization and electroweak corrections participate in photon and neutrino
secondary productions, the former is more efficient in photon production at
lower energies and the latter predominantly creates neutrinos with slightly
lower energies than the primary energy. This energy separation in photon and
neutrino secondary productions is an outcome of the well-established Standard
Model physics, and in harmony with the quasi-black-body radiation from
PBHs, shapes the drop and rise of the curves in Figure 5.6a, carrying the
signature of PBHs.

Although the features of the curves in Figure 5.6a seem quite compelling,
from an observational point of view, which requires some integration over
energy and/or time, these features would change. Figure 5.6b shows the ratio

of time-integrated spectra,
/0 (2N, JdtdE)dt / /0 (N A E|)dt |

as function of energy and for the time intervals 7 = 1072, 1,10, 10?> and 103 s.
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Time integration leads to the disappearance of the dips in Figure 5.6a, while
the energy-dependent rise of the gamma ray spectrum with respect to the
neutrino’s is still evident in Figure 5.6b. For larger 7, the peak of /v, ratio
moves to lower energies due to the lower PBH temperature. The energy-
integrated spectra of gamma rays and neutrinos are in fact more important
since both the extensive air shower experiments and neutrino telescopes have
limited energy resolutions, while the time resolution is favorable (at the ~
nanosecond level). Figure 5.7a shows the ratio of the energy-integrated spectra
(over the energy bins indicated in the figure) of gamma rays to neutrinos as
function of the remaining time to the complete evaporation of PBH. In lower
(higher) energy bins, the peak of /v, ratio is located at larger (smaller) times,
although the gamma ray spectrum keeps dominating at ¢ values below the peak.
These features are the direct consequence of the dips in Figure 5.6a.

All the features and the correlations between gamma ray and neutrino
spectra illustrated in Figures 5.6 and 5.7a can be verified and be used to infer
the PBH nature of the observed event in both the extensive air shower and
neutrino detectors. At the level of number of gamma ray and neutrino events,
and the correlation among them, detector characteristics such as respective
effective areas, the location of PBH and experimental cuts should be taken into
account. To illustrate how the ratio of gamma ray to neutrino events looks like,
in Figure 5.7b we show this ratio as function of time and integrated over energy
bins for two different locations of PBH: the solid (dashed) curves correspond
to a PBH locating at declination § = 20°(70°), where the HAWC has its
maximum (minimum) sensitivity, while for both cases IceCube’s sensitivity
remains almost the same. The drops and rises of the curves in Figure 5.7a are
somehow visible also in Figure 5.6b, though modified by the effective areas
(compare, for example, the red and blue curves in both panels). We have to
emphasize that both the gamma ray and neutrino experiments can infer the
observed flux from their number of events distributions and therefore verify the
features in Figures 5.6 and 5.7a; of course when the PBH is located close enough
to produce statistically adequate number of events, that is d;, < 107* pc, and

within the field of view of both experiments.

5.5
Discussions and conclusions

While the existence of PBHs has not yet been confirmed experimentally,
the search for these remmnants of primordial density fluctuations continues
as a powerful diagnostic in probing early universe physics and probably the

nature of dark matter. In this chapter, we have focused on PBHs with initial
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Figure 5.7: (a) Ratio of the energy-integrated spectra of gamma rays to
neutrinos in the stated bins of energy. (b) Ratio of the number of gamma

ray to neutrino events, respectively at HAWC and IceCube experiments, for a
PBH located at declination § = 20°(70°) in solid (dashed) curves.

mass M ~ 10 g, which are expected to be currently in their last stages
of evaporation due to Hawking radiation and hence producing detectable
bursts of stable high-energy particles, including gamma rays and neutrinos,
appearing as transient point sources in observatories. By employing the state-
of-the-art BlackHawk and HDMSpectra codes, we have re-evaluated the primary
and secondary gamma ray and neutrino emissions, pointing out important
quantitative and qualitative differences from the existing literature. For the
gamma rays, the new expected flux leads to a factor ~ 3 improvement on the
local PBH burst rate density limit reported by HAWC collaboration, setting
it 10 Pmax < 1200 pe™® yr~! at 99% C.L.

For the neutrinos, by using the new flux evaluation which is significantly
different from the few existing approximate calculations, we have estimated
the IceCube’s limit on PBH rate density from the 10-years p-track data set
t0 Pmax < 4 x 108 pe™® yr~! at 90% C.L. Although, as was expected, neu-
trino detectors cannot compete with gamma rays experiments in constraining
PBH rate density, the larger field of view of neutrino telescopes (compared to
the limited field of view of gamma ray experiments) renders them useful in
PBH searches, especially with the upcoming KM3Net (403) which guarantees
4m sr coverage of the sky. Unfortunately, future extensions of IceCube detec-
tor both in the high-energy, IceCube-Gen2 (404), and low energy, IceCube
Upgrade (405), does not boost the PBH search. Even though IceCube-Gen2’s
effective area at 2> PeV energies is expected to increase by a factor of ~ 10,
the PBH’s neutrino fluence at 2 PeV is several orders of magnitude lower than
that around ~ TeV energies, and no gain can be envisaged. In the low energy

side (< 100 GeV) the increase in the neutrino emission from PBH is not as stiff
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as the atmospheric neutrino flux which is the main target of IceCube Upgrade.

Finally, we have shown how a multi-messenger approach, taking into ac-
count the correlation between gamma ray and neutrino spectra, can provide
a rapid identification of a PBH with distance < 107* pc, in the case of a si-
multaneous observation in gamma ray and neutrino experiments. The primary
thermal radiation of PBHs and the well-established secondary emission due
to hadronization and electroweak corrections predict peculiar time and energy
profiles of gamma-to-neutrino ratio which can be used in distinguishing PBHs
from other astrophysical transients and has been discussed thoroughly. The last
argument, one more time, brings forward the importance of multi-messenger
approach in the era of precision measurements in astrophysics, that we are

entering, and the crucial role of neutrinos in this field.
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Final Considerations

In the ongoing effort to expand our understanding of astrophysical phe-
nomena, this thesis has explored several key aspects of ultra-high- and high-
energy astroparticles by investigating the microphysics governing these pro-
cesses, primarily in a multi-messenger framework. From the ionization state of
heavy nuclei during their acceleration in astrophysical sources to the proba-
bility of neutrino production via electromagnetic cascades, from the precision
refinement of cosmic ray propagation theories through the Galaxy to the poten-
tial detectability of primordial black holes through simultaneous gamma-ray
and neutrino observations, this work addresses some previously overlooked or
neglected aspects that, with the advent of precision measurements, have be-
come increasingly significant and inevitable.

In Chapter 2 we investigated pair production with capture (PPC)—an
often-neglected channel in which a Bethe-Heitler pair-production event leaves
the electron bound to the parent nucleus. By assessment of the PPC rate across
energy and atomic-number space, we identified a regime—mostly achievable
inside UHECR acceleration sites—where PPC outpaces all competing loss
processes. In that regime nuclei becomes partially dressed, carrying one or
more bound electrons and therefore an effective charge smaller than the atomic
number (Z < Z*); this lowers the efficiency of the acceleration mechanisms,
particularly for heavy and ultra-heavy species.

For intergalactic propagation, however, the situation differs. Throughout
the observed UHECR energy range, photo-ionization in the cosmic radiation
fields strips any residual electrons on timescales far shorter than the travel
time. Consequently, even if nuclei leave their sources in a partially ionized
state, they arrive at Earth fully stripped. The recent composition fits to PAO
data that invoke ultra-heavy primaries—e.g. (241)—should therefore consider
still heavier elements to compensate for the PPC-induced charge reduction
that operates during acceleration but not during propagation.

In Chapter 3 we extended our study of ultra-high-energy cosmic messen-
gers to the development of electromagnetic cascades of the photons and elec-
trons at energies above the muon pair production threshold. Above this thresh-
old, additional photon—photon and electron—photon channels open. These
channels divert a sizable fraction of the cascade energy into neutrinos. This “en-
ergy leakage” can, in principle, operate both during intergalactic propagation

and within astrophysical sources whenever the CoM energy of the interacting
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photon fields is sufficiently large.

To quantify the resulting neutrino output we developed MUNHECA, a
dedicated Monte-Carlo code that follows all relevant particle interactions and
decays. Simulations show that up to 37 % of the energy injected into an
electromagnetic cascade can escape in the form of neutrinos, a figure that has
important implications for multi-messenger modelling. Chapter 3 also analyses
the shape of the emergent neutrino spectrum, linking its key features to the
underlying reaction channels and to source or propagation conditions.

The astrophysical neutrinos are often known as the definitive signature
of hadronic interactions in astrophysical sources; yet our cascade study shows
that leptonic channels can produce a comparable—and at low energies, even
dominant—neutrino flux. Specifically, while the hadronic component prevails
at the highest energies, the neutrinos generated by electromagnetic cascades
exceed the hadronic contribution by one to two orders of magnitude below the
spectral peak. Consequently, the neutrino spectrum emerging from UHECR
accelerators can differ substantially from that predicted by purely hadronic
models. Its exact shape is highly model-dependent, reflecting the assumed
properties of the source environment. Analogous spectra appear for cosmogenic
neutrinos, although in a different energy range because the relevant high- and
low-energy photon fields have different characteristic energies.

Cosmogenic neutrinos produced in electromagnetic cascades offer a
unique window on the high-redshift Universe and are expected to lie within
the discovery reach of forthcoming detectors such as IceCube-Gen2 and the
GRAND.

In Chapter 4 we turned to the GeV-energy domain, analyzing the energy-
loss mechanisms that govern cosmic-ray protons inside the Milky Way. The
impetus was a growing mismatch between the percent-level precision of modern
low-energy flux measurements and the comparatively coarse approximations
still common in propagation codes. We revisited three such approximations:
(i) applying the Bethe ionization formula down to all energies, (ii) neglecting
elastic scattering losses, and (iii) treating intrinsically catastrophic energy
losses (i.e. discrete, high-inelasticity interactions in which a particle surrenders
a sizeable fraction of its energy in a single event, so the continuous-loss
approximation no longer applies) as continuous. Our assessments confirm that,
for protons, the Bethe expression remains adequate; however, elastic losses
and, especially, the proper stochastic treatment of catastrophic interactions
introduce corrections of up to 3%. These effects must therefore be included in
any analysis that aims for percent-level accuracy in the Galactic cosmic-ray

spectrum.
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Finally, in Chapter 5 we turned to the final moments of ~ 10> ¢ PBHs
and analyzed their detectability through a multi-messenger v — v approach.
Although PBHs have yet to be observed experimentally, they remain a sensitive
probe of early-Universe physics and a potential dark-matter component. Our
work proceeded on two fronts.

First, we carried out a high-precision re-evaluation of the Hawking-
radiation spectra. The resulting gamma ray and neutrino fluxes exhibit im-
portant quantitative and qualitative differences from earlier estimates, tight-
ening existing limits from HAWC and yielding revised neutrino expectations
for IceCube.

Second, we showed that correlating the characteristic time- and energy-
dependent ~/v ratio predicted by Hawking evaporation allows a rapid,
distance-limited identification of PBH bursts: a simultaneous detection in
gamma rays and neutrinos would uniquely tag a PBH within < 10~* pc of
Earth.

All in all, these studies again underscores the value of a multi-messenger
approach in today’s era of precision astrophysics and highlights the pivotal
role neutrinos play within it.

Furthermore,  next-generation  observatories—IceCube-Gen2  and
GRAND for neutrinos, CTA and SWGO for very-high-energy ~ rays, and
the expanding KM3NeT array, alongside continuing facilities such as HAWC,
IceCube and many others—will extend both the energy reach and the statisti-
cal precision of every cosmic-messenger channel. As statistical and systematic
errors shrink, theoretical models must follow suit: fluxes measured at the
percent level can only be interpreted if cross-sections, energy-loss rates, and
source-population models are treated with comparable accuracy. Meeting this
standard will let us exploit the full predictive power of the Standard Model
and isolate, unambiguously, those regions where data begin to diverge.

Astrophysical accelerators—relativistic jets, supernova shocks, compact-
object magnetospheres—probe magnetic fields, densities, and Lorentz fac-
tors far beyond terrestrial capabilities. Studied with multi-messenger data
sets, these sources can tighten constraints on physics beyond the Standard
Model—for example, on dark-matter annihilation—and reveal otherwise inac-
cessible regions of the cosmos, such as the high-redshift Universe traced by
cosmogenic neutrinos. With accurate microphysics in place, upcoming mea-
surements will do more than refine the existing models; they will map the pa-
rameter space where observations depart from Standard Model expectations.
The phenomenological tools developed in this thesis are intended to meet that

precision era head-on.
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With these reflections I draw this thesis to a close. I hope the ideas
developed here prove useful to those who share a fascination with the high-
energy Universe, and I am grateful to every reader who has accompanied me

along this path.
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